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Abstract
Radio continuum emission has been demonstrated to be an excellent tracer of recent
star formation, yet current understanding remains empirical, and is primarily based
upon integrated multi–frequency or resolved mono–chromatic radio continuum stud-
ies. In this thesis, we gain further insight into the relationship between the observed
radio continuum emission and recent star formation through the use of spatially re-
solved, multi–frequency radio continuum observations, focusing our analysis on the
relatively simple star–forming dwarf irregular galaxies, IC 10 and NGC1569.
High—resolution (∼1 pc) 1.5GHz and 5.0GHz e–MERLIN observations of IC 10, com-
bined with a multi–wavelength classification scheme, reveal that the majority of the
compact star–formation products found within low mass, star forming galaxies are HII
regions, with radio supernova and supernova remnants being observedmore rarely. By
taking a census of these star–formation products, we derive useful lower limits on the
instantaneous star–formation rate in this simple stellar system. We further demonstrate
that high–resolution observations can be used to remove the contribution of contami-
nating background galaxies to integrated galaxy radio spectra, which can be a signifi-
cant correction in very low mass systems.
On larger spatial scales (∼100pc), we developed a Bayesian Markov–Chain Monte–
Carlo approach to separate the thermal and non–thermal radio continuum emission
components on a resolved basis. We applied this procedure to VLA observations of
NGC1569 that span a wide frequency range (1–34GHz). During our fitting procedure,
we use Hα maps found in the literature to constrain the thermal radio continuum emis-
sion component. We find that NGC1569 exhibits a high average thermal fraction at
1GHz (∼25%) which is in line with recent integrated studies, and that the average
non—thermal spectral index for the main disk is α = −0.53, which is consistent with
the injection spectrum found in galactic supernova remnants. Taken together, these re-
sults indicate that NGC1569 has recently finished a star formation burst, which is in
close agreement with the literature where this galaxy is classified as being in a post–
starburst phase, and that supernova remnants are the predominant source of cosmic
ray electrons in this system. We further demonstrate that the resulting maps from our
separation procedure can be used to further constrain additional quantities, such as
the line of sight reddening at arcsecond resolution, providing for example a measure
of internal extinction by dust in NGC1569’s HII regions as well as spatially resolved
equipartition magnetic field strengths.
With our low–resolution VLA observations, we found that the supernova remnant,
NGC1569–38, exhibits a break in its radio spectral energy distribution at ∼ 7GHz. We
followed this observation up with e–MERLIN observations of NGC1569 and found
that the surrounding InterstellarMedium significantly contributes to the observed spec-
tral energy distribution in the lower resolution maps. Based on NGC1569–38’s ob-
served surface brightness and minimum energy magnetic field strength compared to a
sample of galactic and extra—galactic supernova remnants, we determine that NGC1569–
38 is young and is just entering the Sedov–Taylor phase of expansion. We demonstrate
that the observed break in a spatially resolved radio continuum spectral energy dis-
tribution of a young supernova Remnant, even at resolutions of about 100 pc, is due
to contamination by emission from the surrounding Interstellar medium. To reveal ef-
fects such as cosmic ray electron ageing, higher resolution, matched to the size of the
supernova remnant, multi–frequency radio spectra are required.
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Chapter 1
Introduction
1.1 The Link Between Radio–Continuum Emission And Star
Formation
The link between radio continuum emission and massive stars (≥ 8M⊙) has been es-
tablished since Bolton and Stanley (1949) first identified the Crab Nebula supernova
remnant (SNR) as a bright, compact radio continuum source. Soon after this initial dis-
covery, numerous other compact radio sources observedwithin theMilkyWaywere as-
sociated with known SNR (Hanbury Brown and Hazard, 1952; Baade and Minkowski,
1954) with Shklovskii (1953) identifying the synchrotron emission mechanism as the
process producing the observed radio continuum emission (see the left panel of Figure
1.1). Synchrotron emission is emitted by cosmic ray electrons (CRe) that are interacting
withmagnetic fields, in this case magnetic fields foundwithin the SNR themselves, and
is characterised by a steep power–law spectrum at radio frequencies. Subsequently, the
Rosette Nebula HII region was also observed to be a compact radio source by Ko and
Kraus (1955), with the observed emission being attributed to the bremsstrahlung emis-
sion mechanism. Bremsstrahlung emission originates from the free–free interactions
between charged particles in an ionised plasma (typically in a HII region; see the right
panel of Figure 1.1), and is characterised by a flat power–law flux density spectrum at
radio frequencies. Even from these early observations, it was clear that the products of
massive star formation and evolution could explain many of the compact radio sources
that are observed in the star–forming disk of the Milky Way. However, the origin of a
1
Chapter 1. Introduction 2
FIGURE 1.1: Left Panel: 6′× 6′ VLA colour radio map of the SNR Cassiopeia A, con-
structed frommaps at 1.5 (red), 5.0 (green) and 10.0GHz (blue). The colourscheme has
been manipulated such that white regions correspond to regions of ongoing particle
acceleration. Credit for the image goes to L. Rudnick, T. Delaney, J. Keohane, B. Ko-
ralesky and T. Rector from the NRAO (National Radio Astronomy Observatory). The
white regions showwhere . Right Panel: 330MHz VLA contours of the Orion Nebula,
superimposed on a UK Schmidt photograph, taken from Subrahmanyan et al. (2001).
The colours on the UK Schmidt photograph were constructed from plates taken in B,
V and R Johnson–Cousins filters.
fainter, diffuse non–thermal disk and halo component that was also seen in these early
observations remained a mystery (Large et al., 1959; Mills, 1959; Hanbury Brown and
Hazard, 1959, 1960).
Shortly after these early observations were made, Ginzburg and Syrovatskii (1964) pro-
posed that the diffuse non–thermal disk and halo components could be attributed to
CRe, which were initially accelerated in supernova (SN) explosions, diffusing away
from their sites of acceleration whilst interacting with magnetic fields found in the in-
terstellar medium (ISM). Whilst these CRe diffuse throughout the ISM, they undergo
numerous energy loss processes (including escape from the galaxy) which modify the
radio spectrum they produce from the simple power–law they exhibit at injection. This
interpretation gained traction with the development of Aperture Synthesis Interferom-
etry (Ryle and Hewish, 1960), as nearby galaxies were now available to be studied
at ∼ arcmin resolutions. These higher resolution studies found that the distribution of
young stars is correlated with the observed radio continuum emission (Pooley, 1969a,b;
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Lequeux, 1971), yet the ‘smeared out’ nature of the non–thermal emission due to CRe
transport continued to complicate the conclusive identification of SN explosions as the
source of CRe (van der Kruit et al., 1977). The discovery of the diffusive shock accel-
eration mechanism (DSA; Krymskii, 1977; Axford et al., 1977; Bell, 1978a,b; Blandford
and Ostriker, 1978) provided a convenient process to accelerate the charged particles in
SNR shock fronts, and successfully explained both the radio properties of Galactic SNR
(Harris, 1962; Lerche, 1980) and the cosmic ray energy spectra seen in particle detection
experiments (e.g., Zavrtanik, 2000). These findings provided significant evidence that
SN explosions are the principal accelerators of CRe, a view that is still currently being
tested with gamma ray observations of SNR shock fronts interacting with molecular
clouds (e.g., Tang, 2018).
From these ∼ 50yr of observations, a simple paradigm emerges where the radio con-
tinuum emission from a normal star–forming galaxy1 encompasses two main com-
ponents; a thermal component originating from the ionised gas surrounding massive
stars and a non–thermal component originating from cosmic ray electrons, which have
been accelerated when these massive stars end their lives in supernova explosions,
interacting with magnetic fields in the ISM (Condon, 1992). As both of these compo-
nents are closely related to massive star evolution, and the typical lifetimes of mas-
sive stars are (in astronomical terms) very short (a few million years; e.g., Kennicutt
and Evans 2012), radio continuum emission in principle offers a unique tracer of recent
star–formation that is insensitive to the effects of extinction that plague other well stud-
ied star–formation indicators (such as optical spectral line emission or UV continuum
emission; Calzetti 1997).
This link however was not truly recognised until the discovery of the Radio–FIR corre-
lation by Helou et al. (1985). Using the IRAS telescope (Neugebauer et al., 1984, The In-
frared Astronomical Satellite; ), Helou et al. (1985) found that the observed far–infrared
(FIR) emission is tightly correlated with 1.4GHz radio continuum emission for star–
forming galaxies, a relationship which was demonstrated to hold over at least 4 orders
of magnitude in radio luminosity by Yun et al. (2001) (see Figure 1.2). As the FIR emis-
sion originates from dust that is heated by embedded massive stars and is frequently
1A normal star–forming galaxy is defined by Condon (1992) as a galaxy where the observed radio
continuum emission does not originate from an Active Galactic Nuclei (AGN).
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FIGURE 1.2: The Radio–FIR correlation taken from Yun et al. (2001). The left plot
shows the 60 µm FIR luminosity from the IRAS 2 Jy survey (Strauss et al., 1990), plot-
ted against the corresponding 1.4GHz radio continuum luminosity from the NVSS
survey (Condon et al., 1998). The right plot shows the observed flux densities the
luminosity relationship is based on. The diagonal line corresponds to a one–to–one
relationship between the radio and FIR luminosities (flux densities).
used as a robust star–formation rate tracer (Kennicutt, 1998; Calzetti et al., 2010; Ken-
nicutt and Evans, 2012), the near linearity of this relationship shows that radio contin-
uum emission can also be used as a robust tracer of recent star–formation (Condon,
1992; Kennicutt and Evans, 2012). As the observed radio continuum–FIR correlation is
tight, and the physics driving the observed radio continuum emission is complex, radio
continuum–star formation relationships are frequently bootstrapped from FIR–star for-
mation rate relations (e.g., Bell, 2003). However this methodology is only motivated by
the breadth and tightness of the correlation, as neither the FIR nor synchrotron radio
continuum emission directly trace star–formation. Neither is there a simple physical
mechanism that directly relates the two emission processes. Numerous authors in the
literature have attempted to explain the origin of the observed correlation. Vo¨lk (1989)
argues that the correlation follows if galaxies act as a calorimeters, where nearly all
of the UV emission from the massive stars is absorbed and re–emitted in the FIR by
dust, and the CRe responsible for the synchrotron emission radiate all of their energy
whilst trapped within the galaxy. However, these conditions are only met in larger
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FIGURE 1.3: Schematic showing the relationship between massive stars and radio–
continuum and FIR emission. Note that the radio–continuum emission and the FIR
emission are not directly linked to one another.
star–forming galaxies, whereas, in smaller galaxies observations show that the dust
does not fully absorb the UV photons from the massive stars (e.g., Wang and Heck-
man, 1996). Yet the Radio–FIR correlation is confusingly still observed to hold for these
smaller systems (Bell, 2003; Roychowdhury and Chengalur, 2012; Hindson et al., 2018).
To explain why the correlation persists in smaller galaxies, many independent con-
ditions need to be met which gives rise to what is known as the Radio–FIR ‘con-
spiracy’ (Bell, 2003; Lacki et al., 2010), and greatly reduces the confidence in the star
formation rates derived through the Radio–FIR correlation (at least for smaller sys-
tems). Rather than study how the observed radio continuum emission relates to star–
formation through the radio continuum–FIR correlation, it is more direct to instead
understand the physics governing the radio continuum properties of a galaxy, and for-
mulate a radio continuum–star formation relationship, based upon radio continuum
emission alone (see Figure 1.3).
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The aim of this thesis is to gain further insight into the relationship between the ob-
served radio–continuum emission and recent star–formation by studying the relatively
simple stellar systems, IC 10 and NGC1569, at a multitude of spatial scales and spectral
frequencies.
1.2 The Radio Continuum Emission Mechanisms
To be able to interpret the observed radio–continuum emission from a normal star–
forming galaxy, we first need to understand the emission mechanisms responsible for
the radio emission. Herewe discuss the two relevant emissionmechanisms (bremsstrahlung
and synchrotron) in more detail.
1.2.1 Bremsstrahlung (Thermal) Radio Continuum Emission
Plasma is a state of matter that occurs when a gas is supplied with enough energy to
dissociate electrons from their atomic nuclei, and is frequently observed in astronomi-
cal sources. In a plasma, charged particles undergo free–free Coulomb interactions (i.e.,
interactions where the charged particles remain unbound both before and after the in-
teraction) and experience acceleration. The radiation produced by these accelerating
charges is known as bremsstrahlung (or free–free) emission. The following largely fol-
lows the treatment presented in Longair (2011).
To derive the bremsstrahlung emission characteristics, we first consider the emission
properties from a single free–free interaction. In this scenario, we assume an electron
travelling at velocity, v, passes by an ion with charge Ze. We also assume that at time, t,
the electron is at its closest approach to the ion with impact parameter b. As the electron
has a much lower mass than the charged ion, we can assume that the ion is stationary
for the interaction and it is the electron that undergoes acceleration and produces the
observed radiation. Also, we assume that the electron is moving fast enough, so that
its path is not significantly modified by the interaction, but not so fast that relativistic
effects need to be taken into account (see Rybicki and Lightman 1979, or Longair 2011,
for more detailed discussions). We present a schematic for this scenario in Figure 1.4.
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FIGURE 1.4: Schematic showing the bremsstrahlung (free–free) emission process. The
schematic shows an electron (blue circle) travelling at velocity, v, interacting with a
positively charged ion (red circle), with impact parameter b. The electron’s path is
modified by the Coulomb interaction with the ion, resulting in an acceleration (that
produces the bremsstrahlung radiation).
At any time during the interaction, the force the electron will experience due to the
Coulomb interaction with the ion is:
FC =
Ze2
4piε0r(t)2
=
Ze2
4piε0(v2t2 +b
2)
, (1.1)
where Z is the charge number of the ion, e is the elementary charge and ε0 is the permit-
tivity of free space. The bold terms represent vector quantities. Next we decompose the
force experienced by the electron into a direction parallel to its motion and a direction
perpendicular to its motion, and divide by the electron mass to obtain the electron’s
parallel and perpendicular accelerations:
a‖(t) =
Ze2vt
4piε0me(v2t2 +b2)
3
2
, (1.2)
and
a⊥(t) =
Ze2b
4piε0me(v2t2 +b2)
3
2
. (1.3)
We plot Equations 1.2 and 1.3 in Figure 1.5.
The instantaneous total power emitted in all directions by an accelerating charge is
given by Larmor’s formula:
dE
dt
= P(t) =
e2
6piε0c3
|a(t)|2, (1.4)
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FIGURE 1.5: Plot showing the normalised acceleration the electron experiences during
a (non–relativistic) free–free encounter, expressed in terms of the characteristic time,
v
b
. The blue line corresponds to the parallel acceleration (Equation 1.2) and the red line
corresponds to the perpendicular acceleration (Equation 1.3).
i.e., the radiation emitted from the free–free interaction will occur in a pulse with a
characteristic timescale, τ ∼ b
v
(see Figure 1.5). The frequencies required to produce the
pulse can be obtained through Fourier analysis of the acceleration time dependence.
The (symmetrical) Fourier transform between time, t, space and angular frequency, ω ,
space is given by:
f (ω) =
1√
2pi
∫ ∞
−∞
f (t)e−iωtdt, (1.5)
and its inverse is given by:
f (t) =
1√
2pi
∫ ∞
−∞
f (ω)eiωtdω , (1.6)
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where ω is related to frequency, ν through ω = 2piν . Another useful result from the
analysis of this Fourier transform pair is Parseval’s (or Rayleigh’s) Theorem:
∫ ∞
−∞
| f (t)|2dt =
∫ ∞
−∞
| f (ω)|2dω . (1.7)
If we let | f (t)|2 = P(t) (Equation 1.4) then the integration on the left side of Equation 1.7
yields the total energy radiated during the pulse, E. Therefore | f (ω)|2 = P(ω) i.e. the
energy radiated per angular frequency interval. Noting that the acceleration is real, we
find:
E =
∫ ∞
−∞
dE
dt
dt =
∫ ∞
−∞
e2
6piε0c3
|a(t)|2dt =
∫ ∞
0
e2
3piε0c3
|a(ω)|2dω =
∫ ∞
0
dE
dω
dω . (1.8)
Following Longair (2011), letting x = v
b
t, the Fourier transforms for the two orthogonal
accelerations becomes:
a‖(ω) =
1√
2pi
(
Ze2
4piε0mebv
)∫ ∞
−∞
x
(x2 +1)
3
2
e−iω(
b
v )xdx
=
1√
2pi
(
Ze2
4piε0mebv
)[
2i
ωb
v
K0
(
ωb
v
)]
, (1.9)
and
a⊥(ω) =
1√
2pi
(
Ze2
4piε0mebv
)∫ ∞
−∞
1
(x2 +1)
3
2
e−iω(
b
v )xdx
=
1√
2pi
(
Ze2
4piε0mebv
)[
2
ωb
v
K1
(
ωb
v
)]
. (1.10)
In Equations 1.9 and 1.10, K0(y) and K1(y) are modified Bessel functions of the second
kind, and have the form:
Kn(y) =
Γ(n+ 1
2
)(2y)n√
pi
∫ ∞
0
cos(φ)
(φ 2 + y2)n+1/2
dφ . (1.11)
It then follows that the total energy radiated in all directions in a single free–free inter-
action is distributed across frequency as:
dE
dν
=
Z2e6
6pi2ε30 m
2
ec
3
ν2
v4
[
K20
(
2pib
v
ν
)
+K21
(
2pib
v
ν
)]
. (1.12)
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FIGURE 1.6: The total emission spectrum from a single bremsstrahlung interaction
between two charged particles. The blue line corresponds to the emission from the
parallel acceleration and the red line corresponds to the emission from the perpendic-
ular acceleration. The black line shows the addition of the two components.
We present a plot of the bremsstrahlung emission spectrum for a single interaction in
Figure 1.6. From this diagram we see that the perpendicular component has a very
broad spectrum, which exponentially declines at frequencies larger than ν ∼ v
2pib , and
the parallel component produces a comparatively narrow bump at roughly the same
frequency. This behaviour is expected based upon the time dependence of the electron
acceleration in the two component directions. In the parallel direction, the pulse is
much longer compared to the perpendicular direction (see Figure 1.5).
To obtain the bremsstrahlung emission emissivity, we need to calculate the rate at
which free–free interactions occur in an ionised plasma, and account for all possible
free–free interactions (i.e., integrate over all possible impact parameters, b, and particle
velocities, v).
The rate of free–free interactions per unit volume can easily be found by considering
the number of electrons that we would expect to find passing an ion per unit time per
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unit volumewith an impact parameter between b and b+db and a speed between v and
v+dv, and multiplying the result by the number of ions in the considered volume2:
dN
dtdV
= nenion (2pibdb)(v f (v)dv). (1.13)
f (v) is the normalised velocity distribution for the electrons that are producing the
bremsstrahlung emission. For a plasma that is in thermodynamic equilibrium with its
surroundings, f (v) is the Maxwell–Boltzmann velocity distribution and only depends
on the temperature of the plasma, T :
f (v,T ) =
(
2
pi
) 1
2 (me
kT
) 3
2
v2 exp
(
−mv
2
2kT
)
, (1.14)
where k is the Boltzmann constant. In this particular case, the bremsstrahlung emission
is known as ‘Thermal’ emission. In general however, f (v) could be any other non–
thermal distribution (resulting in non–thermal bremsstrahlung).
Assuming the emission is isotropically emitted (i.e. dividing by an additional factor of
4pi), the emission coefficient for bremsstrahlung is simply the rate of interactions per
unit volume (Equation 1.13) multiplied by the energy spectrum for a single interaction
(Equation 1.12), integrated over all possible free–free interactions:
dE
dtdV dνdΩ
= jν =
1
2
nenion
∫ ∞
0
[∫ bmax
bmin
(
dE
dν
)
bdb
]
v f (v,T )dv. (1.15)
The final step to obtain the bremsstrahlung emission coefficient is to define the inte-
gration limits on the impact parameter, bmin and bmax. Classically, bmin can be be ap-
proximated by considering the maximum energy transferred to the electron during the
free–free interaction (Longair, 2011):
bmin ≈ Ze
2
8piε0mev2
. (1.16)
We can estimate bmax by inspecting Figure 1.6 and noting that the observed spectrum
drops significantly for values where 2piνb
v
> 1 (Longair, 2011). Therefore:
bmax ≈ v
2piν
. (1.17)
2See J.J. Condon’s Essential Radio Astronomy Course for a detailed explanation of this result, available
at https://www.cv.nrao.edu/ sransom/web/Ch4.html
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Although the minimum and maximum impact parameters need to be assumed, in the
lower energy limit (where radio emission is produced), the result of the impact param-
eter integral involves the natural logarithm of the ratio of bmax to bmin (Rybicki and
Lightman, 1979; Longair, 2011). Therefore as long as the assumed limits are reasonably
close to the true limits that should be used, the resulting uncertainties should be small.
For the assumed limits, Longair (2011) finds that the solution to the double integration
in Equation 1.15 is:
jν =
1
12pi3
(pi
6
) 1
2 Z2e6
ε30 c
3m2e
(me
kT
) 1
2
ne nion exp
(
−hν
kT
)
g f f (ν ,T )
[
Wm−3Hz−1Sterad−1
]
.
(1.18)
g f f (ν ,T ) is known as the Gaunt free–free factor, and is determined by the assumed
limits of integration. For the assumed bmin and bmax:
g f f (ν ,T ) =
√
3
2pi
[
ln
(
128ε20 k
3T 3
mee4Z2ν2
)
−0.577 12
]
. (1.19)
As the plasma is in thermodynamic equilibrium with its surroundings, we can easily
obtain the bremsstrahlung absorption co–efficient, κν , by applying Kirchoff’s law:
jν
κν
= B(ν ,T ), (1.20)
where B(ν ,T ) is the Planck function:
B(ν ,T ) =
2hν3
c2
1
exp
(
hν
kT
)−1 . (1.21)
We plot example thermal spectra in Figure 1.7. At low frequencies, the plasma is opti-
cally thick, and the observed spectrum approaches that of a Blackbody in the Rayleigh–
Jeans limit (Iν ∝ ν
2). As we transition into the optically thin regime, the spectrum be-
comes effectively flat (Iν ∝ ν
−0.1) and remains this way until an exponential cutoff at
frequency ν ∼ kT
h
.
The Thermal Radio Contribution From Normal Star–Forming Galaxies
We expect to observe thermal radio continuum emission from any ionised plasma that
is in thermodynamic equilibrium with its surroundings. In practice however, only the
ionised gas in the HII regions surrounding massive stars is dense enough to produce
Chapter 1. Introduction 13
FIGURE 1.7: Example thermal radio spectra at various temperatures. The red line
corresponds to T = 103K, the green line corresponds to T = 104K and the blue line
corresponds to T = 105K.
significant thermal radio continuum emission (Draine, 2011). Thus we can assume that
almost all of the thermal radio continuum emission detected from normal star–forming
galaxies originates from HII regions surrounding massive stars that are currently on
the main sequence.
The quantity that we observe with radio telescopes is the source flux density, Fν , which
is defined as:
Fν =
∫
Ωsource
Iν(φ ,θ)cos(θ) dΩ
[
Wm−2Hz−1
]
, (1.22)
where Iν is the specific intensity, φ is the azimuthal spherical polar co–ordinate, θ is the
polar spherical polar co–ordinate and Ωsource is the source solid angle. Iν is calculated
from the basic equation of radiative transfer:
dIν
dl
= jν −κν Iν , (1.23)
where l is the path length through the emitting material. Assuming that the HII region
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is optically thin (which is observed to be the case for galactic HII regions at frequencies
larger than 1GHz; Hindson et al. 2016), that the emissivity everywhere within the HII
region is constant and that the HII region has a cylindrical geometry, the solution to
Equation 1.23 is:
Iν ≈ jν l. (1.24)
As most observed astronomical sources are small (i.e., cos(θ) ≈ 1), the observed flux
density from the HII region is given by:
Fν ≈ jν l Ωsource ≈ jν l A
4piD2
≈ jν V
4piD2
, (1.25)
where A is the apparent HII region surface area, D is the distance to the HII region
and V is the HII region volume. Equation 1.25 importantly shows that the observed
flux density is proportional to the thermal radio continuum emitting volume under
optically thin conditions.
To calculate the observed thermal radio continuum emission originating from an HII
region produced by a massive star, we need to estimate the volume of the HII region.
The volume can be estimated by noting that an HII region is produced and maintained
as long as the rate at which ionising photons are emitted from a given massive star
exceeds the rate at which the ionised atoms recombine. Assuming that the massive
star’s spectrum is represented by a blackbody function at temperature T (Equation
1.21) and that the gas surrounding the massive star consists of Hydrogen only, the rate
at which the ionising photons are produced is given through:
Q(R∗,T ) =
∫ ∞
νi
Lν
hν
dν = 8pi2R2∗
∫ ∞
νi
B(ν ,T )
hν
dν
[
s−1
]
, (1.26)
where Lν is the luminosity of the star at frequency ν , R∗ is the radius of the star and νi is
the ionisation frequency for Hydrogen (νi = 3.3× 1015 Hz). We present a visualisation
of the integration in Figure 1.8. As the radius, R∗, and temperature, T , of a star are
both closely linked to its mass (e.g., Prialnik, 2009), the ionising photon production rate
can be expressed in terms of stellar mass, Q(R∗,T ) = Q(M). Typically for O type stars
(M∗ ∼ 50M⊙), Q∼ 1049 s−1.
Assuming that the massive star radiates isotropically, we expect the star to produce a
spherically symmetric HII region, also known as a Stro¨mgren sphere (Stro¨mgren, 1939).
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FIGURE 1.8: Visualisation of the integration in Equation 1.26. The top panel shows
the Blackbody spectrum as a function of frequency (Equation 1.21) and the bottom
panel shows the photon emission rate as a function of frequency. The vertical blue
line shows the Hydrogen ionisation frequency and the shaded region shows the area
considered in the integration.
The volume of the HII region can be estimated by balancing the total ionisation rate
with the total recombination rate. Assuming for simplicity that the gas surrounding
the massive star is uniformly distributed and that the gas is optically thick to ionising
photons (i.e., Case B recombination), we estimate the total recombination rate through:
dN
dt
=
∫ R
0
4pir2nenpαB(T )dr =
4
3
piR3nenpαB(T ), (1.27)
where R is the radius of the volume in which the recombination is occurring and αB(T )
is the Case B recombination coefficient, which is given for Hydrogen in Draine (2011)
as:
αB(T ) = 2.54×10−7T−0.8163−0.0208ln(T4)4
[
m−3 s−1
]
. (1.28)
T4 is the temperature of the gas surrounding the massive star in units of 10
4K. The
temperature of the gas depends on the thermodynamic balance between heating (from
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the photons emitted from the massive star) and cooling (through escaping line and
continuum emission) processes, and is typically observed in HII regions to be ≈ 104K.
Finally, we obtain the volume of the HII region in terms of the ionisation and recom-
bination rates, Q and αB(T ), by balancing the total number of ionising photons against
the total number of recombinations and identifying R as the radius at which these rates
are balanced (i.e., the HII region radius, RHII):
VHII =
4
3
piR3HII ≈
Q(M)
nenpαB(T )
. (1.29)
Thus we find that the thermal radio continuum flux density observed for a HII region
is:
Fν ≈ jν Q(M)
4piD2np ne αB(T )
. (1.30)
The observed flux density from an HII region surrounding a massive star is directly
proportional to the emission rate of ionising photons from the massive star. The total
thermal radio continuum emission originating from a star–forming region (or the entire
galaxy) at distance D is then:
Fν ,tot ≈ 1
4piD2
N
∑
i=1
jν ,i Q(Mi)
ne,i np,i αB(Ti)
, (1.31)
where the subscript i represents the i’th star and N is the total number of stars that
are being considered. As the ionising photon production rate is dominated by massive
stars, the observed thermal radio continuum emission is effectively proportional to the
total number of massive stars. As these stars have short main sequence lifetimes (∼
10Myr, e.g., Kennicutt and Evans, 2012), the thermal radio continuum emission should
be proportional to the instantaneous star formation rate. This has been demonstrated
in both resolved studies of individual star–forming regions (Murphy et al., 2011) and
in studies of the global properties of normal galaxies (Tabatabaei et al., 2017).
The thermal radio continuum emission originating from a galaxy offers a valuable
tracer of recent star formation that is insensitive to the effects of attenuation and ex-
tinction due to dust along the line of sight to the source. However, there are still some
complications that may affect its interpretation. In deriving the size of the HII region
surrounding a massive star, we have assumed that all ionising photons are absorbed by
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surrounding gas. This cannot be the case in most normal star–forming galaxies as these
galaxies are observed to be Far–UV sources (Gil de Paz et al., 2007). Additionally, the
volume and temperature of the HII region and the ionising photon rate from the mas-
sive star itself will depend on the metallicity of the gas in the system. Finally, any dust
in the HII region can absorb ionising photons and re–emit in the infrared, reducing
the observed thermal radio continuum emission relative to the massive star ionising
photon production rate. Furthermore, the thermal radio continuum emission can only
be directly measured with observationally expensive high frequency (> 10GHz) ob-
servations, or multiple observations at lower–frequencies with advanced modelling to
separate out the thermal from non–thermal radio emission (Condon, 1992).
These difficulties however are not dissimilar from those that plague other star–formation
rate tracers (Kennicutt and Evans, 2012), yet the thermal radio continuum has the huge
advantage due to its insensitivity to extinction, and to the fact that radio telescopes
do not need to be put in space. Thus, the thermal radio continuum emission shows
promise for being a leading star–formation tracer; however, more studies with large
sample sizes are required to fully test its applicability.
The Relationship Between Thermal Radio Continuum and Hα Emission
As the thermal radio continuum emission originates from the ionised plasma associ-
ated with HII regions, it comes as no surprise that it is closely related to other tracers of
ionised gas, the most popular of which is the Hα emission line.
In an ionised plasma (such as that in an HII region), electrons recombine with protons
to form atomic Hydrogen, with the electrons in general remaining in an excited state,
n. The electron will then undergo transitions to the ground state, and will emit photons
at each transition. When an electron undergoes the n = 3 to n = 2 transition, it produces
Hα line emission at λ = 656.5nm.
Assuming that the ionised gas cloud consists entirely of Hydrogen, we can calculate
the Hα emission coefficient through:
jHα,ν =
ne np αHα,eff(T )
4pi
hν φ(ν), (1.32)
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where αHα,eff(T ) is the effective recombination coefficient for recombination paths that
involve the Hα transition, and is given in Draine (2011) as:
αHα,eff(T ) = 1.17×10−7T−0.942−0.031ln(T4)4
[
m−3 s−1
]
. (1.33)
In Equation 1.32, φ(ν) is the (normalised) quantum mechanical line profile as the line
could be broadened due to several line broadening processes, such as Doppler broad-
ening (Rybicki and Lightman, 1979; Hubeny and Mihalas, 2014). As most Hα filters
integrate the emission over the entire line, the total Hα emissivity is given by:
jHα =
ne np αHα,eff(T )
4pi
h
∫ ∞
0
ν φ(ν)dν . (1.34)
If we assume that the HII region is optically thin to Hα emission, we find that the
observed Hα flux density follows the same form as that found for the thermal radio
continuum emission (Equation 1.25) i.e., the flux density is proportional to the volume
of the emitting material:
FHα ≈ jHα V
4piD2
. (1.35)
As the thermal radio continuum and Hα emission originate from the same volume, we
find that:
Fν ≈
(
jν
jHα
)
FHα , (1.36)
i.e., the thermal radio continuum and Hα flux densities are related through a temper-
ature and frequency dependent scaling factor (Lequeux, 1980). This scaling factor is
presented in Deeg et al. (1997) as:
Fν = 1.14×10−14
( ν
GHz
)−0.1 ( T
104K
)0.34
FHα . (1.37)
In principle, if an Hα map of a nearby galaxy is available, the thermal radio continuum
properties should be predictable at any frequency, ν (and the reverse holds as well,
of course). However, in practice Hα emission is subject to extinction from surround-
ing dust and usually underpredicts the thermal radio continuum emission; existing
methods to determine the amount of extinction have their own problems and carry a
large uncertainty themselves! Regardless of these difficulties, maps of the Hα emission
are frequently used in the literature to estimate the thermal radio continuum emission
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properties in low frequency radio continuum studies, where non–thermal radio contin-
uum emission (see below) dominates the observed emission (e.g., Heesen et al., 2014).
1.2.2 Synchrotron (Non–Thermal) Radio Continuum Emission
Early particle detection experiments at the beginning of the 20th century demonstrated
that the ISM within the Milky Way is pervaded by relativistic charged particles known
as cosmic rays (Hess, 1912). These charged particles interact with magnetic fields em-
bedded in the ISM (e.g., Beck, 2015) through the Lorentz electromagnetic force and
undergo acceleration. The radiation produced by these accelerating charges is known
as synchrotron (or Magnetobremsstrahlung) emission, and dominates the diffuse low–
frequency (∼ 1GHz) emission properties observed in both the Milky Way as well as in
nearby galaxies.
Before we derive the characteristics of synchrotron emission, we first consider the dy-
namics of a cosmic ray interacting with a magnetic field. Consider a cosmic ray with
charge, Ze, traveling at velocity, v, through the ISMwhere it encounters a magnetic field
of strength, B. The angle between the direction of the charged particles motion and the
magnetic field is known as the pitch angle, α (i.e., the angle between the velocity and
magnetic field vectors; see Figure 1.9). For this situation, the Lorentz electromagnetic
force in the absence of an electric field is given by:
FL =
d (γm0v)
dt
= Ze(v×B), (1.38)
where the bold quantities are vectors, m0 is the particle’s rest mass and γ is the Lorentz
factor (see Appendix A). The vector cross product implies that the Lorentz force always
acts in a direction perpendicular to both the particle’s velocity and magnetic field (i.e.,
v · dv
dt
= 0). Thus the cosmic ray’s instantaneous acceleration both parallel and perpen-
dicular to the velocity vector are then given through:
a‖ = 0,
a⊥ =
v2⊥
rg
=
Ze|v||B|sin(α)
γm0
, (1.39)
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FIGURE 1.9: Schematic diagram showing the synchrotron emission process. In this
schematic, a charged particle (represented by the red circle) is gyrating around a mag-
netic field, B, in the x–direction. The particle has a velocity, v, which is at an angle, α ,
to the direction of the magnetic field.
where v⊥ is the velocity component of the cosmic ray that is perpendicular to the mag-
netic field vector and rg is the particle’s gyro–radius (radius of curvature). From Equa-
tion 1.39, the angular gyro–frequency is found through:
ωg =
v⊥
rg
=
Ze|B|
γm0
, (1.40)
and the gyro–radius through:
rg =
v⊥
ωg
=
γm0|v|sin(α)
Ze|B| . (1.41)
These properties imply that the cosmic ray will exhibit circular motion in the plane
perpendicular to the magnetic field direction whilst the parallel velocity component
remains unchanged. Thus the cosmic ray will follow a helical path in the direction of
the magnetic field, as shown in Figure 1.9.
We now turn our attention to the observed emission properties from a single cosmic ray
interacting with a magnetic field. The magnitude of the emitted power is proportional
to the square of the charged particle’s acceleration (see Equation 1.4) which itself is
inversely proportional to the cosmic ray’s rest mass (for the case of a charged particle
interacting with a magnetic field). As the electron is the lightest charged particle that
is ubiquitous in the ISM, we will assume that all of the observed emission from this
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process originates from cosmic ray electrons (CRe) and positrons (i.e., Z = −(+)1 and
m0 = me).
To understand the synchrotron emission process, it is useful to first study the non–
relativistic case (gyro emission) and investigate how relativistic effects affect the re-
ceived power. Consider the simple case of gyro emission originating from a electron
orbiting a magnetic field with a pitch angle α = pi
2
. In this case the gyro–frequency
reduces to:
ωC =
e|B|
me
. (1.42)
An observer in the plane of the particle’s circular motion will observe the particle un-
dergoing simple harmonic motion. The power emitted per solid angle for the acceler-
ating charge is given in Longair (2011) as:
dE
dtdΩ
=
e2
16pi2ε0c3
|a|2 sin2(ψ), (1.43)
where ψ is the angle between the direction of acceleration and the observer. As the
charge rotates around the magnetic field, there are periods where the observer is par-
allel to the acceleration direction (in the middle of its simple harmonic oscillation) and
periodswhere it is perpendicular to the observer (at the ends of the particles simple har-
monic oscillation. Therefore, ψ is related to the gyro–frequency through ψ = ωC t, i.e.,
we expect to find a sinusoidal dependence of the observed power pattern as a function
of time. Following the approach to obtain the frequency spectrum for bremsstrahlung
emission (Equation 1.8), we find that the frequency spectrum will consist of a single
delta function at νC =
ωC
2pi (assuming the particle is observed for an infinite period of
time). We present the received power pattern from a gyro–emitting electron in the left
panel of Figure 1.10.
Synchrotron emission differs from this result in two key ways: the radiation emission
pattern is beamed along its direction ofmotion (see Appendix A) and the Doppler effect
needs to be taken into account. Both of these effects are encapsulated when the dipole
pattern is transformed from amoving frame of reference to a stationary observer frame.
The dipole emission as observed by a stationary observer for the case that the direction
of acceleration is perpendicular to the direction of motion is derived in Appendix A
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FIGURE 1.10: Diagrams comparing the observed pulse patterns for a gyro (left panel)
and a synchrotron (right panel) emitting particle. Both axes are presented in terms
of the non–relativistic gyro–frequency, ωC. In the right panel (where the particle is
travelling at v = 0.5c), the relativistic effects cause the emission to be beamed in the
direction of travel (which is towards the observer at t = 0) and period of the total pulse
pattern to be modified.
and has the form:
dE
dt dΩ
=
e2|a⊥|2
16pi2ε0c3
1
(1−β cos(θ))4
[
1− sin
2(θ) cos2(φ)
γ2(1−β cos(θ))2
]
, (1.44)
where θ is the angle between the direction of velocity of the CRe’s motion and the ob-
server and φ is the corresponding azimuthal angle which is defined to be φ = 0 in the
direction of acceleration. We can obtain the synchrotron pulse pattern for an observer
in the plane of the circular motion (assuming α = pi
2
) by letting θ = ωg t. We present
this result in the right panel of Figure 1.10. Instead of observing a sinusoidal time de-
pendence of the observed power (like the gyro case), a synchrotron emitting particle
exhibits more pulsed behaviour. The total time between pulses is longer than the gyro
case by a factor of γ , yet the duration of the enhanced pulse is shorter due to a combi-
nation of relativistic beaming and the Doppler effect.
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So far we have only considered the case where the CRe is confined to a circular orbit in
the same plane as the observer. The Fourier analysis of the Synchroton pulse pattern
at an arbitrary pitch angle is far more complicated, so we refer to the results found
in Pacholczyk (1970), Rybicki and Lightman (1979) and Longair (2011). From Longair
(2011), the total emissivity for a single electron radiating synchrotron emission is:
jν =
√
3e3|B|sin(α)
8pi2ε0me
F
(
ν
νcrit
)[
Wm−3Hz−1Sterad−1
]
, (1.45)
where F(x) is given by:
F(x) = x
∫ ∞
x
K5/3(z)dz, (1.46)
and νcrit is the critical frequency, given by:
νcrit =
3
2
γ2 νC sin(α), (1.47)
where νC is the classical gyro–frequency, given by νC =
ωC
2pi . We present the form of the
frequency spectrum from a single electron in Figure 1.11. Due to the short timescale
of the received pulse from a synchrotron emitting electron, the frequency spectrum is
broad compared to the gyro emitting case, with a peak at ν ≈ 0.29νcrit. At low frequen-
cies compared to the critical frequency ( ννcrit ≪ 1), the frequency spectrum takes the form
F( ννcrit ) ∝ ν
1
3 and at high frequencies compared to the critical frequency ( ννcrit << 1), the
frequency spectrum drops off exponentially: F( ννcrit ) ∝ ν
1
2 exp(− ννcrit ).
As we have derived the emission properties from a single electron, jν , we now de-
rive the emission properties from a population of CRe, Jν . First, we need to know the
distribution of charged particles as a function of energy N(E), where E is related to γ
through:
E = γ mec
2. (1.48)
For a gas that is in thermodynamic equilibrium, N(E) takes the form of the relativis-
tic Maxwell–Boltzmann distribution (the Maxwell–Ju¨ttner distribution), however in
particle detection experiments, N(E) is observed to take the form of a power–law,
N(E) = κ E−p (Grenier et al., 2015). As this power–law distribution cannot be described
by a state in thermal equilibrium, the observed synchrotron emission is known as non–
thermal radio continuum emission. The total emissivity from a population of CRe can
then be found by integrating over all possible interactions with the magnetic field (i.e.,
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FIGURE 1.11: Plot of the dependence of F(ν/νcrit) on ν/νcrit. The x–axis is presented
in terms of the critical frequency, νcrit. To obtain the synchrotron emissivity for a single
electron, F(ν/νcrit) needs to be multiplied by the constant displayed in Equation 1.45.
integrate the contributions of each charged particle at each energy over all pitch angles
to the power emitted at frequency ν):
Jν =
∫ ∞
0
∫ pi
0
jν(E, α)N(E) fα(α)dα dE, (1.49)
where fα(α) is the normalised pitch angle distribution. For a isotropically distributed
pitch angles, fα(α) =
1
2
sin(α). Equation 1.49 assumes that the magnetic field is con-
stant, which is not usually the case in astronomical sources. In general, the magnetic
field may vary significantly within the source and should be described by a normalised
distribution function, fB(B) (e.g., Eilek and Arendt, 1996). Thus, the emissivity from a
population of charged particles is given by:
Jν =
∫ ∞
0
∫ ∞
0
∫ pi
0
jν(E, B, α)N(E) fα(α) fB(B)dα dE dB. (1.50)
As the solution to Equation 1.50 must in general be evaluated numerically (Hardcastle,
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FIGURE 1.12: Schematic of the Einstein coefficents for a two state system. The two
states (1 and 2) are separated by energy, hν . The red box highlights the processes that
occur spontaneously and do not depend on the state of the radiation field the system
is immersed in. The blue box highlights the processes that depend on the state of the
radiation field the system is immersed in.
2013), we will assume for simplicity that B is constant to obtain analytical results. The
solution to Equation 1.49 for a power–law particle energy distribution (N(E) = κ E−p)
that is isotropically distributed is given in Longair (2011) as:
Jν =
√
3e3κB
16pi2ε0cme
(
3eB
2piνm3ec
4
) (p−1)
2
a(p)
[
Wm−3Sterad−1Hz−1
]
, (1.51)
where a(p) is given by:
a(p) =
√
pi
2
Γ
(
p
4
+ 19
12
)
Γ
(
p
4
− 1
12
)
Γ
(
p
4
+ 5
4
)
(p+1)Γ
(
p
4
+ 7
4
) . (1.52)
As the synchrotron emission process cannot be described by a state that is in thermal
equilibrium (the energies of the CRe are not represented by a Boltzmann distribution),
we cannot use Kirchhoff’s law to obtain the synchrotron absorption coefficient. Instead
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we calculate the absorption coefficient through the Einstein coefficients.
The Einstein coefficients describe the interactions between a photon and a two-state
system (see Figure 1.12), and are defined as follows: A21 is the probability per time
interval that a particle in state 2 spontaneously drops to state 1 and emits a photon;
B12J is the transition probability per time interval that a particle in state 1 absorbs a
photon and jumps to state 2; and B21J is the transition probability per time interval
that a particle in state 2 drops to state 1 via stimulated emission. For both of the B
coefficents, J is the mean intensity field (averaged over all solid angles) the two state
system exists within. The Einstein coefficients are related to each other through:
A21 =
2hν3
c2
B21,
and
g1 B12 = g2 B21, (1.53)
where g1 and g2 are the statistical weights associated with states 1 and 2. The coeffi-
cients can also be related to the emission and absorption coefficients through:
jν =
hν
4pi
n2 A21
κν =
hν
4pi
[n1 B12−n2 B21] (1.54)
where n1 and n2 are the number densities of particles in states 1 and 2 respectively.
Longair (2011) notes that the coefficents shown in the above form are defined in terms
of the number density per volume of phase space d3p, rather than per energy interval.
Thuswemust transform the emission and absorption coefficents from their phase space
form to one in energy. For a pair of continuum states separated in momentum by hν
c
ik,
we can write the absorption coefficient as:
κν ,pair =
hν
4pi
[
N
(
p− hν
c
ik
)
B12 d
3p−N(p)B21 d3p
]
, (1.55)
where N(p) is the 3-dimensional distribution of particle momenta. We can simplify
Equation 1.55 by Taylor expanding N(p− hν
c
ik), and noting that g1 = g2 = 1 for this
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FIGURE 1.13: Example non–thermal radio spectra for populations of CRe interacting
with various magnetic field strengths. The red line corresponds to a magnetic field
strength, B = 1 µG, the green line corresponds to B = 10 µG and the blue line corre-
sponds to B = 100 µG.
continuum transition (Rybicki and Lightman, 1979):
κν ,pair =−h
2ν2
4pi c
B21
(
dN(p)
d p
)
d3p. (1.56)
To obtain the total absorption coefficient, we need to integrate this result over all pos-
sible momentum pairs:
Kν =−h
2ν2
4pi c
∫ ∞
0
B21
(
dN(p)
d p
)
4pi p2 d p =− c
2ν2
∫ ∞
0
jν
(
dN(p)
d p
)
p2 d p. (1.57)
Noting that E = pc, and that 4pi p2 N(p)d p = N(E)dE, we transform Equation 1.57 into:
Kν =− c
2
8pi ν2
∫ ∞
0
jν(E)
d
dE
(
N(E)
E2
)
E2 dE. (1.58)
This equation is general and can be used to obtain the absorption coefficent for any
distribution of CRe energies involved in the synchrotron emission process. It is also
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important to note that the absorption coefficent will change for different energy distri-
butions. For the power–law parameterisation (N(E) = κ E−p), Longair (2011) finds that
the absorption coefficent averaged over all pitch angles is:
Kν =
√
3e3cκ
8pi2ε0me
B
(p+2)
2
(
3e
2pim3ec
4
) p
2
ν−
(p+4)
2 b(p)
[
m−1
]
(1.59)
where b(p) is given by:
b(p) =
√
pi
8
Γ
(
3p+22
12
)
Γ
(
3p+2
12
)
Γ
(
p+6
4
)
Γ
(
p+8
4
) . (1.60)
We plot example non–thermal spectra in Figure 1.13. Towards low frequencies, the
emitting region is optically thick, and the observed spectra approaches Iν ∝ ν
5
2 . This
differs from the Rayleigh–Jeans behaviour found for thermal emission as the charged
particles producing the non–thermal emission are not in thermal equilibrium. As we
transition into the optically thin regime, we find that the non–thermal spectrum will
take the form of a power–law, with a spectral index, α , that is related to the underlying
particle distribution index, Iν ∝ ν
α where α =− (p−1)
2
. Power–law non–thermal spectra
are typically found in astronomical sources at ≈GHz frequencies, with SNR typically
exhibiting a power–law particle energy distribution with power law index p ≈ 2 (α ≈
−0.5; Green, 2014) and star–forming galaxies typically exhibiting p ≈ 2.4 (α ≈ −0.8;
e.g., Condon, 1983).
The Origin of Cosmic Ray Electrons
In a gas in thermal equilibrium, the individual particles have velocities that are dis-
tributed according to the Maxwell–Boltzmann velocity distribution due to collisions
between the individual particles in the gas. This process, however, does not describe
the power–law energy distributions that are required to produce the observed non–
thermal radio spectra seen in astronomical sources. Fermi (1949) presented a mech-
anism that could accelerate charged particles to the observed power–law distribution
through collisions with randomly moving magnetic fields (mirrors) in the ISM. This
mechanism became known as second order Fermi acceleration, as the energy gain per
collision with a magnetic mirror is proportional to
(
vm
c
)2
where vm is the velocity of the
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mirror. However, this explanation for the observed power–law energy distribution is
unsatisfactory for two main reasons:
1. As the velocities of the moving mirrors, vm are small compared to the speed of
light, the energy gain in each collision is very small. Also, as the mean free path
for a Cosmic ray in the ISM is of order 0.1 pc (Longair, 2011), the timescale for
acceleration is very long.
2. There is no physical reason for the injection index p to take the values of p = 2
to 2.4 that are typically observed in SNR and nearby galaxies. If the second or-
der Fermi mechanism was the dominant acceleration process, then it would be
surprising that such similar properties are observed over a wide range of envi-
ronments.
In the late 1970’s, a mechanism for particle acceleration was discovered where the en-
ergy gain per collision withmagnetic mirrors either side of a shock front is proportional
to vs
c
, where vs is the shock velocity. This process is known in the literature as first order
Fermi acceleration or Diffusive Shock Acceleration (DSA; Krymskii, 1977; Axford et al.,
1977; Bell, 1978a,b; Blandford andOstriker, 1978). This process is effectively the same as
second order Fermi acceleration, except the accelerated particles only experience head
on collisions.
We obtain the basic properties of DSA following the test particle approach of Bell
(1978a). The next section largely follows the derivation of first order Fermi accelera-
tion as presented in Longair (2011). Consider a shock wave propagating through the
ISM with velocity vs. We define the medium that has not yet been shocked as the up-
stream medium, and the medium that has already been shocked as the downstream
medium. In a frame of reference where the shock is stationary, we find that the up-
stream medium appears to be travelling towards the shock at velocity u1 = vs and that
the downstream medium is traveling away from the shock at velocity u2 (see Figure
1.14). From the Rankine–Hugoniot jump conditions (Longair, 2011), we can relate u1 to
u2 through:
u1 =
γ +1
(γ−1)+2/M21
u2, (1.61)
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FIGURE 1.14: Schematic showing the relevant frames of reference for the DSA mecha-
nism. The vertical line corresponds to the shock front, the area on the left corresponds
to the downstream medium and the area on the right corresponds to the upstream
medium. The top schematic corresponds to the frame where the shock is stationary,
the middle where the downstream medium is stationary and the bottom where the
upstream medium is stationary.
where γ is the adiabatic index of the upstream (un–shocked) medium and M1 is the
mach number of the shock in the upstream medium. In the limit of a strong shock
(M1 ≫ 1), for a mono–atomic gas (γ = 53 ) we find that u1 = 4u2.
There are two other relevant frames of reference involved in the acceleration process,
one for the upstream medium and another for the downstream medium. In the case
that the shock is non–relativistic (vs << c), we find that a reference frame where the up-
stream medium is stationary would see the downstream medium travelling towards it
at a velocity, u1−u2. Likewise, in the reference framewhere the downstreammedium is
stationary, it would see the upstreammedium traveling towards it at the same velocity,
u1−u2. This symmetry between the upstream and downstream media gives rise to the
always head on reflections that characterises the DSA mechanism. We illustrate these
additional reference frames in Figure 1.14 (also see Figure 17.3 in Longair 2011).
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We now introduce a relativistic cosmic ray (either a proton or electron) into the shock
region. Assuming that the cosmic ray is isotropised in the upstream medium (i.e., on
average it is ‘at rest’ with respect to the upstream medium) through interactions with
magnetic inhomogeneities, it has a chance to diffuse across the shock into the down-
streammediumwhich is moving towards it at velocity, u1−u2. When the cosmic ray in-
teracts with magnetic fields in the downstream medium, it is quickly isotropised again
through interactions with magnetic inhomogeneities and gains energy. As we have
shifted between two different reference frames with relative velocity u1−u2, we calcu-
late the energy gain between the twomedia through the inverse Lorentz transformation
(Equation A.5):
E = γ(E ′+β p′xc), (1.62)
where γ is the Lorentz factor, β = u1−u2
c
and px is the cosmic ray momentum in the x–
direction. The primed quantities represent the Cosmic ray energy and momentum in
the upstream (original) frame. Under the assumption that the shock is non–relativistic
and that the cosmic ray is ultra–relativistic, we find:
E =
(
1+
u1−u2
c
cos(θ)
)
E ′,
or
∆E
E ′
=
E−E ′
E ′
=
u1−u2
c
cos(θ), (1.63)
where θ is the angle between the cosmic ray’s direction of motion and the direction
normal to the shock front. Equation 1.63 shows that each time the cosmic ray crosses
the shock and is isotropised, it gains energy proportionally to the energy that it had on
the other side of the shock. If we assume that the shock is planar and infinite in extent,
all cosmic rays upstream will eventually return to the shock front and re–enter the
downstream region. However, there is a chance that the particles in the downstream
medium are advected away from the shock and never re–cross it. From these simple
observations, we can ask two questions: what is the energy of a cosmic ray after k
cycles (where a cycle is defined as diffusing to and from the upstream region from
the downstream region) and how many particles will remain in the shock after these k
cycles.
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The cosmic ray energy after k cycles is given by:
Ek = ξ
k E0, (1.64)
where E0 is the injection energy and ξ is the fractional energy gain per cycle. The
number of cosmic rays remaining in the shock region after k cycles is easily found
through:
Nk = P
k
rem N0, (1.65)
where N0 is the total number of injected cosmic rays and Prem is the probability that the
cosmic ray remains in the shock region after one cycle. Combining Equations 1.64 and
1.65, we find the total number of cosmic rays with energy greater than E is:
N(> E) = N0
(
E
E0
)ln(Prem)/ ln(ξ )
. (1.66)
To obtain the number of cosmic rays per energy interval (the differential energy spec-
trum), we first multiply Equation 1.66 by a factor of -1 (as the equation is the integrated
energy spectrum that starts integrating at higher energies first) and then differentiate
the result with respect to energy. If Prem and ξ are independent of energy, E, we find:
N(E) =− ln(Prem)
ln(ξ )
N0
E0
(
E
E0
)ln(Prem)/ ln(ξ )−1
, (1.67)
i.e., we find a power–law energy distribution for the accelerated cosmic rays.
We now turn our attention to the determination of Prem and ξ in terms of the shock
velocity, vs. Instead of directly calculating the probability that the cosmic ray remains
in the shock after each cycle, Prem, it is easier to first calculate the probability that the
cosmic ray escapes the shock, Pesc, and note that Prem = 1−Pesc. As the cosmic ray cannot
escape the shock in the upstream region, we only need to consider the escape probabil-
ity in the downstream region. The probability of escape can then be easily determined
by taking the ratio of the rate at which cosmic rays escape through advection in the
downstream medium to the rate at which particles cross the shock from the upstream
medium. Assuming that the number density of cosmic rays that are being accelerated
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is the same either side of the shock, n, the rate at which cosmic rays are advected down-
stream away from the shock front is:
Rout = nu2. (1.68)
As the cosmic rays are relativistic and isotropically distributed, the rate at which cosmic
rays diffuse from the upstream region to the downstream region can be found through:
Rin =
∫ 2pi
0
∫ pi
2
0
( n
4pi
)
c cos(θ) sin(θ)dθ dφ =
1
4
nc. (1.69)
Therefore, the probability that a cosmic ray remains in the shock region after a single
cycle is given through:
Prem = 1− Rout
Rin
= 1− 4u2
c
. (1.70)
Finally, in the limit of a strong non–relativistic shock we find:
Prem = 1− u1
c
= 1− vs
c
. (1.71)
Next we calculate the fractional energy gain per cycle, ξ . The energy gain for each
half cycle where the cosmic ray is traveling at angle θ to the shock front normal is
given in Equation 1.63. To obtain the average energy gain per crossing, we integrate
Equation 1.63 over the normalised probability of crossing the shock at angle θ : pθ =
2 sin(θ) cos(θ)dθ (Bell, 1978a; Longair, 2011). The average energy gain per crossing is
then: 〈
∆E
E ′
〉
= 2
∫ pi
2
0
∆E
E ′
sin(θ) cos(θ)dθ =
2
3
u1−u2
c
. (1.72)
As the energy gained by crossing from downstream to upstream, is the same as that
gained from upstream to downstream, the total energy gain per cycle is:
ξ = 1+
4
3
u1−u2
c
= 1+
u1
c
= 1+
vs
c
. (1.73)
Noting that the Taylor expansion for ln(1+ x)≈ x, we combine Equations 1.71 and 1.73
to find:
ln(Prem)
ln(ξ )
≈−1. (1.74)
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Thus, the number of cosmic rays per energy interval is:
N(E) =
N0
E0
(
E
E0
)−2
. (1.75)
Remarkably, Equation 1.75 predicts that the cosmic ray energy spectrum should take
the form of a power–law with an index p ≈ 2 (α ≈ −0.5), which is identical to that
found in galactic SNR (Green, 2014). As the only assumption required to produce the
observed particle injection index is that the shock is strong, DSA provides a mecha-
nism that is preferred over second order Fermi acceleration for accelerating CRe to the
observed power–law distributions, especially as the acceleration timescale for DSA is
short (e.g., Drury, 1983).
Cosmic Ray Electron Transport
Although DSA predicts the CRe power–law indices observed in SNR, it does not ex-
plain the p ≈ 2.4 (α ≈−0.8) power–law indices observed at ∼GHz frequencies in nor-
mal star–forming galaxies. As CRe (especially at low energies) typically have syn-
chrotron emitting lifetimes that far exceed the lifetime of the SNR itself (Condon, 1992),
the observed (integrated) radio properties from normal star–forming galaxies must re-
sult from the superposition of many CRe populations, each of which were accelerated
in SNR shock fronts, interacting with magnetic fields in the ISM. As these CRe interact
with ISM magnetic fields, they diffuse away from their sites of acceleration (produc-
ing the diffuse non–thermal emission component that is observed in both the Milky
Way and other nearby star–forming galaxies) and experience energy losses that modify
the CRe population energy spectra away from the simple power–law with index p≈ 2
found at the sites of acceleration.
The behaviour of the CRe after they have been injected into the ISM can be modeled
through the diffusion-loss equation (Schlickeiser, 2002; Longair, 2011):
∂N
∂ t
= ∇ · (D∇N)−∇ · (vN)+ ∂
∂E
[bN]+Q, (1.76)
where N is the CRe density as a function of position, time and energy, D is the (in
general energy dependent) diffusion coefficent for the plasma the CRe are diffusing
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through (i.e., the diffusion term), v is the velocity field for the plasma the CRe are dif-
fusing through (i.e., the advection term), b describes the energy loss rate from the pro-
cesses the CRe experiences whilst diffusing through the ISM and Q encapsulates the
CRe injection (i.e., the SNR). In Equation 1.76, ∇ is the gradient and is defined through:
∇ =
∂
∂ x
i+
∂
∂ y
j+
∂
∂ z
k. (1.77)
In the case that the diffusion and advection properties are independent of the CRe en-
ergy and that all CRe remain accounted for, we find that these processes do not modify
the energy properties of the diffusing CRe (only their position). Thuswe can investigate
how the energy spectrum for a CRe population will change due to the loss processes
by simplifying Equation 1.76 to:
∂N
∂ t
=
∂
∂E
[bN]+Q. (1.78)
There are many energy loss processes (i.e., contributions to the b term) that modify
the CRe energy distribution away from a simple power–law energy distribution they
posses at injection, such as ionisation, bremsstrahlung and adiabatic losses. However
in a normal star–forming galaxy, these loss processes are relatively unimportant com-
pared to synchrotron and Inverse Compton losses at ∼GHz frequencies, so we focus
on these here. Adiabatic losses in combination with synchrotron and Inverse Compton
losses are considered in the context of an expanding SNR in Chapter 4.
We obtain the Synchrotron energy loss rate for a CRe by integrating the dipole emission
pattern in Equation 1.43 over all solid angles and noting that the power radiated is
invariant between reference frames:
bS =
(
dE
dt
)
S
=
e4 γ2 B2 v2 sin2(α)
6pi ε0 c3 m2e
. (1.79)
As c2 = (µ0 ε0)
−1, we can rewrite Equation 1.79 as:
bS = 2
(
e4
6pi ε20 c
4 m2e
) (v
c
)2
c
B2
2µ0
γ2 sin2(α) = 2σT c
(v
c
)2
γ2Umag sin
2(α), (1.80)
where σT is the Thomson cross–section and Umag is the magnetic field energy density.
To obtain the average Synchrotron energy loss rate over all pitch angles, we multiply
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by fα =
1
2
sin(α) and integrate over all pitch angles to find:
bS =
4
3
σT c
(v
c
)2
γ2Umag =
4
3
σT c
(v
c
)2 ( E
me c2
)2
Umag. (1.81)
Equation 1.81 shows that the energy loss rate for Synchrotron emission is proportional
to the square of the CRe energy. This result shows that CRe with higher energies will
quickly radiate away their energy, whereas lower energy CRe will radiate their energy
away more slowly. The combination of these two effects will manifest as a break in the
CRe energy spectrum towards higher energies (see Figure 1.15), which results in a break
in the observed frequency spectrum towards higher frequencies. This phenomenon is
known in the literature as spectral ageing, and is frequently observed in the lobes of
radio galaxies (e.g., Harwood et al., 2013) and in the halos of nearby star–forming
galaxies (e.g. Heesen et al., 2016).
Inverse Compton losses occur when a relativistic CRe gives up some of its energy to a
photon in the ambient radiation field. The details behind this interaction are compli-
cated so we quote only the results from this analysis (see Rybicki and Lightman 1979;
or Longair 2011; for detailed calculations). The average energy loss through Inverse
Compton interactions is given by:
bIC =
(
dE
dt
)
IC
=
4
3
σT c
(v
c
)2 ( E
me c2
)2
Urad, (1.82)
where Urad is the radiation field energy density. The energy loss rate through Inverse
Compton interactions is effectively identical to that of synchrotron energy loss rate with
the exception that the Inverse Compton energy loss rate depends on the radiation field
energy density instead of the magnetic field energy density. Due to these similarities,
both the synchrotron and Inverse Compton energy loss rates are usually combined as
follows:
bTot = bS +bIC =
4
3
σT c
(v
c
)2 ( E
me c2
)2
(Umag+Urad). (1.83)
Parameterising the energy loss rate as b = aE2, we can find solutions to Equation 1.78
for arbitrary injection histories Q. For example, for a single injection event at t = 0 (i.e.,
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FIGURE 1.15: Plot of Equation 1.84 at various times. The black dashed line corre-
sponds to the injection energy spectrum, and the coloured lines represent the energy
spectrum at various times, the blue line being the youngest and the red the oldest.
Here we show the case for p = 2.5 to emphasise the turn–off from the injection spec-
trum.
Q(E, t) = κ E−p δ (t)), the solution to Equation 1.78 is:
N(E, t) =


κ E−p (1−aEt)p−2 If aE t0 ≤ 1,
0 Elsewhere.
(1.84)
Equation 1.84 is also known as the JP model (Jaffe and Perola, 1973), and we plot it for
various times in Figure 1.15. Subject to synchrotron and Inverse Compton losses, the
CRe energy spectrum retains its injection spectrum at low energies, but shows a turn
off at higher energies which moves progressively towards lower energies as time goes
on. To obtain the observed synchrotron spectrum, we would need to integrate over
Equation 1.84 in Equations 1.49 and 1.58.
The energy losses that the accelerated CRe experience as they travel away from their
sites of acceleration provide a mechanism to steepen the observed radio continuum
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spectrum to the power–law index p≈ 2.4 that is typically seen in normal star–forming
galaxies. However, as the integrated spectrum is a superposition of many CRe popula-
tions (each in varying stages of loss), interpretation of the integrated radio continuum
spectrum can become challenging. This motivates the requirement for high–resolution
radio–continuum studies of nearby normal star–forming galaxies to understand how
the integrated properties emerge from the combination of individual star–formation
products.
Non–Thermal Radio Continuum Emission as a Star–Formation Rate Tracer
If SNRs are the dominant accelerators of CRe in normal star–forming galaxies, then
the observed non–thermal radio continuum emission should directly trace the recent
SN rate. As core–collapse Type II SNe occur far more frequently than Type Ia SNe in
star–forming galaxies (e.g., Tsujimoto et al., 1995), we can assume that most of the syn-
chrotron emitting CRe must have originated from the deaths of massive stars (≥ 8M⊙).
As these massive stars typically have short lifetimes (∼ 10Myr), the non–thermal radio
continuum emission should therefore provide a robust tracer of recent star formation.
The non–thermal radio continuum emission differs from othermore direct star–formation
rate tracers in a few aspects. Usually, star–formation rate tracers measure the proper-
ties of massive stars that are currently on the main sequence (Kennicutt, 1998), however
the non–thermal radio continuum emission is produced when these stars end their life-
times in SN explosions. Therefore, the non–thermal radio continuum emission traces
star formation that occured roughly an average massive star main sequence lifetime
ago, rather than the instantaneous star formation rate. In larger spiral galaxies, this
is not usually a problem as the total star–formation rate remains roughly constant for
long periods of time; however, in a galaxy with a bursty star–formation history, there
may be a time lag between the emergence of non–thermal radio continuum emission
as compared to other, more instantaneous star formation tracers. Additionally, the fre-
quency at which the radio continuum observation is made influences the time period
over which past star formation is traced. For example, a CRe emitting most of its en-
ergy at 1GHz in a 10 µG magnetic field will exist for ≈ 30Myr whereas a lower energy
CRe emitting its energy at 100MHz will exist for ≈ 100Myr. Thus monochromatic
star–formation rate calibrations will need to take into account the average magnetic
field strength in the star–forming galaxy to correctly capture the star–formation rate
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averaged over a particular time frame. Finally, the non–thermal emitting CRe do not
remain confined to their sites of acceleration and diffuse into the surrounding ISM. This
smears out the resolved properties of normal star–forming galaxies, especially at low–
frequencies where the non–thermal radio continuum emission dominates (see Section
1.2.3). Whilst the CRe diffuse away from their sites of acceleration they can escape
the galaxy altogether, which can lead to the non–thermal radio continuum emission
underestimating the star–formation rate as compared to other star formation tracers.
There is strong evidence in the literature for the observed non–thermal emission orig-
inating from SN explosions. For example, there are strong correlations between nu-
merous star–formation rate tracers and the observed non–thermal radio continuum
emission in both integrated (e.g., Murphy et al., 2011; Tabatabaei et al., 2017) and re-
solved (Heesen et al., 2014) studies. In dwarf galaxies however, the non–thermal radio
continuum emission is found to significantly underestimate the star–formation rate if
calibrations that are found for larger spiral galaxies are used, indicating that CRe es-
cape may play a significant role in these systems (Hindson et al., 2018). We find further
evidence for this picture in the flattening of the integrated radio continuum spectrum
towards the injection spectrum at low–frequencies in non–starburst galaxies (Gu¨rkan
et al., 2018; Read et al., 2018; Klein et al., 2018). In the literature, this flattening has
been usually interpreted as free–free absorption (e.g., Schober et al., 2017), however
Chyz˙y et al. (2018) have demonstrated that this process does not play a huge role in
the integrated properties of nearby galaxies. The interpretation of this result is that the
free–free absorbing medium (i.e., the individual HII regions) takes up a small fraction
of the non–thermal emitting volume, and thus does not contribute significantly to the
integrated non–thermal radio spectrum. This view is reinforced as individual HII re-
gions have been shown to exhibit the effects of free–free absorption in both galactic and
extra–galactic studies (Hindson et al., 2016; Kapin´ska et al., 2017; Basu et al., 2017).
In general, it is very challenging to predict the observed non–thermal radio continuum
properties a priori, as we would need to know the galaxy wide magnetic field con-
figuration, all of the relevant loss processes and diffusion mechanisms as well as the
spatially and temporally resolved star–formation history of the galaxy to be modelled.
If these quantities are known (or assumed), then the observed non–thermal radio con-
tinuum emission can be modeled through the diffusion loss equation with an injection
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parameter:
Q(r,E, t) =
NSN
∑
i=1
κ E−p δ (r− ri)δ (t− ti), (1.85)
where NSN is the total number of SN explosions, ri is the position of the i
th SN and ti is
the time at which the ith SN occurs.
The shape of the integrated non–thermal spectrum can then take on a multitude of
shapes depending upon the distribution of the SN explosions both in position and in
time. For example, if all SN are uniformly distributed in the galaxy disk and all injected
at the same time (such as in a global star–formation burst), then the integrated non–
thermal properties will evolve according to Equation 1.84 and produce a significant
break in the observed radio spectrum. Alternatively, if all of the SN are equally spread
out in time as well (akin to a more constant star–formation rate), then the break will be
smeared out due to the constant injection of newer CRe populations. These properties
can make the interpretation of integrated non–thermal spectra difficult, and motivates
the use of multi–frequency, spatially resolved studies to disentangle the various CRe
populations responsible for the observed integrated properties.
1.2.3 The Integrated Radio Continuum Properties of Normal Galaxies
The integrated radio continuum properties of normal star-forming galaxies are the ob-
servables that are sampled with monochromatic radio–continuum observations, and
generally comprise of the two discussed components; a thermal component from the
HII regions surrounding massive stars that are currently on the main sequence, and a
non–thermal component, originating from SN explosions that initially accelerated the
synchrotron emitting CRe. We present example integrated radio continuum spectra in
Figure 1.16.
Generally, the radio continuum spectral energy distributions (SED) of normal star–
forming galaxies follow the same approximate shape. Starting at low–frequencies (<
1GHz), we find that the observed radio SED is dominated by the non–thermal compo-
nent with a spectral index that closely resembles the injection index (α ≈−0.5). As we
transition to ∼ GHz frequencies, we find the non–thermal component tends to steepen
due to CRe energy loss processes, and the thermal component starts to play a larger role
in the observed radio SED. At mid radio continuum frequencies (1–10GHz; Tabatabaei
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et al., 2017), we find the radio SED curves upwards as the non–thermal component
drops off until we reach high frequencies (> 10GHz) where the observed SED tends to
be dominated by the thermal component. At higher frequencies (∼ 30GHz), there may
be a requirement for a component describing Anomalous Microwave Emission (AME;
however the total contribution of AME to an integrated galaxy SED is not yet known
due to generally poor frequency coverage at radio continuum frequencies > 10GHz;
Dickinson et al., 2018), and at ≈ 100GHz, we encounter the Rayleigh–Jeans tail of the
thermal emission from cold dust in the ISM.
It is generally challenging to separate the radio continuum emission components from
an integrated galaxy SED, as usually there are only a handful of data points that are
available at radio frequencies. Furthermore, the non–thermal component is gener-
ally curved which is difficult to fit without prior knowledge of the nature of the star–
formation (i.e., whether it is constant or bursty). High-resolution, multi–frequency ob-
servations of the individual star–formation products within nearby galaxies (such as
HII regions and SNR) can help to reduce the degeneracy (Condon, 1992). We discuss
the separation of radio emission components in more detail in Chapter 3.
A final quantity of interest is the thermal fraction at a particular frequency, which is
defined through:
fth,ν =
Sth,ν
Sth,ν +Snt,ν
, (1.86)
where Sth,ν is the thermal flux density at frequency ν and Snt,ν is the non–thermal flux
density at the same frequency. For normal star–forming galaxies, fth is typically 10% at
1.4GHz (Condon, 1992). Although this fraction is generally observed to be a constant
in larger galaxies, it may be significantly higher in smaller dwarf galaxies due to a
combination of CRe escape and their generally bursty star formation histories.
Although the non–thermal radio continuum emission is much more complex than the
thermal radio continuum emission, it is generally much brighter and more easily ac-
cessible by low frequency observations. Thus there is significant motivation for under-
standing and interpreting the non–thermal radio continuum emission in the era of the
SKA and ngVLA.
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FIGURE 1.16: Example radio spectral energy distributions forM82 and IC 10. The data
compilations and corresponding model fits are taken from Klein et al. (2018) and Basu
et al. (2017). The black datapoints (with corresponding errors) represent the individual
monochromatic radio continuum observations, the red line corresponds to the sepa-
rated thermal radio continuum component, the blue line corresponds to the separated
non–thermal radio continuum component and the black line is the combination of the
two. Note that the non–thermal component for M82 is significantly curved compared
to the non–thermal component recovered for IC 10.
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1.3 A Brief Summary of Current Radio Continuum–Star For-
mation Calibrations
In normal star–forming galaxies, the observed radio continuum emission is strongly re-
lated to recent star–formation. This has motivated many authors to derive calibrations
to link the observed mono–chromatic radio continuum emission to star–formation.
Here we review some of these calibrations that are popularly used in the literature.
Early Efforts
One of the earliest attempts to utilize both the thermal and non–thermal radio emission
components as a tracer of recent star formation is the study by Biermann (1976). In this
pioneering work, Biermann adapted the galaxy evolution code from Tinsley (1972) to
predict the thermal and non–thermal contributions for a model galaxy at 5GHz. He
made two simplifying assumptions about the radio continuum emission originating
from normal star–forming galaxies in his model:
1. All thermal radio emission originates from HII regions, which surround massive
stars that are currently on the main sequence.
2. All non–thermal radio continuum emission originates from SNR. Each SNR is
assumed to be identical and independent from both its progenitor mass and sur-
rounding gas density.
Both of these assumptions are reasonable across most normal galaxy environments.
The first assumption is valid in nearly all cases as, in the absence of an accreting AGN,
massive stars are the main source of ionizing UV photons that lead to the production
of thermal radio emission (see Section 1.2.1). The second assumption also appears to
be reasonable, due to the existence of a relationship between the observed SNR radio
continuum surface brightness and SNR diameter (also known as the Σ –D relationship;
Clark and Caswell, 1976; Case and Bhattacharya, 1998; Urosˇevic´ et al., 2005). In fact,
theoretical interpretations of the Σ –D relationship require that the blast energy and
surrounding gas density for all SNR are similar (Duric and Seaquist, 1986). This is
replicated in observations of SNR in the SMC, LMC and other nearby galaxies which
have been shown to also follow this relationship, despite seemingly very different ISM
conditions (Case and Bhattacharya 1998; Urosˇevic´ et al. 2005; see Figure 1.17).
Chapter 1. Introduction 44
FIGURE 1.17: The diagram on the left shows the Σ –D relationship for SNR taken from
Case and Bhattacharya (1998). The diagram on the right shows the Σ –D relationship
for extra–galactic SNR, taken from Urosˇevic´ et al. (2005).
Biermann used the Σ –D relationship from Clark and Caswell (1976) to determine the
total radio emission originating from an average SNR, and assumed a Salpeter IMF
(Salpeter, 1955) in combination with an observed SFR to calculate the number of core–
collapse SNe and thus, estimate the total non–thermal radio continuum emission orig-
inating from recent star formation. He found that this simple model substantially un-
derpredicts the total radio emission when compared to observations and found that
increasing the predicted non–thermal flux by a factor of ∼10 brings the model in line
with observations. He also importantly noted that this model relies heavily on the as-
sumed IMF, which may vary with metallicity (e.g., Geha et al., 2013).
Other authors also encountered similar difficulties whilst trying to reconcile the radio
emission predicted by the Σ –D relation with other observed galaxy properties. For ex-
ample, Condon et al. (1982a) noted that the SN rate predicted by the Σ –D relation may
be an overestimate of the actual SN rate based on themorphology of the radio emission.
They found that the observed radio emission is not entirely confined to discrete sources
within the disks of normal galaxies as a significant diffuse component is also observed.
Furthermore, by comparing the radio emission predicted by scaling the models from
Rieke et al. (1980) to the SN rates predicted by the Σ –D relation, they also found that
the predicted radio luminosity is a factor of 10 higher than that observed. Jenkins (1984)
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also could not find a satisfactory explanation for the high supernova rate required to
explain the non–thermal emission for NGC5953 when compared to Hα observations.
It is clear from these early studies that radio–SFR diagnostics derived from the Σ –D
relationship alone underpredict the actual SFR by approximately an order of magni-
tude. This is primarily due to the Σ –D relationship effectively only probing the Sedov–
Taylor phase of SNR evolution (Taylor, 1950; Sedov, 1959) with the assumption that
all of the detected non–thermal radio emission originates from this phase (Woltjer,
1972). The CRe that are accelerated in SNR typically have synchrotron emitting life-
times that far exceed the observable lifetime of the SNR. Therefore, the CRe must con-
tinue to radiate, long after the SNR has faded into the ISM (Pooley, 1969a; Ilovaisky
and Lequeux, 1972; Vo¨lk et al., 1989; Condon, 1992). This new approach explains the
diffuse non–thermal structures observed in star–forming galaxies but requires various
loss mechanisms to be invoked to explain the steeper spectral indices observed in spi-
ral galaxies (α ∼ −0.8; Condon 1983) compared to the spectral indices of galactic SNR
(α ∼ −0.5; Green 2014). Hence, as the non–thermal emission component is generally
much stronger than the thermal emission component, understanding how CRe diffuse
throughout galaxy disks (CRe transport) becomes critical to understanding how radio
continuum emission is linked to star formation and the form of the radio–SF relation,
especially at low–frequencies.
The Condon Relation
Condon and Yin (1990) noted that the SN rate predicted by earlier models using the
Σ –D relationship are too high and proposed a new model to account for the total non–
thermal radio luminosity originating from SNRs. To find the total radio luminosity
per SN, they simply took the integrated non–thermal radio luminosity from the Milky
Way at 408MHz from Berkhuijsen (1984) and divided it by the SN rate from Tammann
(1982) to find:
LNT ≈ 1.3×1023
(
ν
1GHz
)α
νSN
(
yr−1
) [
WHz−1
]
(1.87)
where LNT is the non–thermal radio luminosity, ν is the frequency of interest in GHz,
α is the non–thermal spectral index of the Milky Way (α ≃ −0.8) and νSN is the super-
nova rate in yr−1. The basic assumption behind this relationship is very similar to the
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second assumption that Biermann (1976) made, except we now assume that all SNR
produce roughly the same non–thermal radio luminosity over their entire lifetime, in-
cluding emission fromCRe diffusion long after the SNR has faded into the ISM. In other
words, we are assuming that the ratio LNT/νSN is the same for all normal star forming
galaxies. This is validated by Vo¨lk et al. (1989) who found that the CRe production
per SN is the similar in both the Milky Way and the starburst galaxy M82, which have
two dramatically different ISM environments. Furthermore, Condon (1992) argues that
there cannot be any significant variation in this ratio as it would violate the observed
tight radio–FIR correlation (e.g. Helou et al. 1985; Yun et al. 2001). The universality
of this ratio can easily be explained if the galaxies behave as calorimeters (Vo¨lk, 1989),
and is reflected in more complex models for dense starburst galaxies but struggles for
lower mass galaxies (Lacki et al., 2010). It is important to also note that this relationship
is empirical and does not depend on the assumed IMF.
Condon (1992) turned Equation 1.87 into a simple model to account for all radio emis-
sion from normal star–forming galaxies. Noting that the SN rate is proportional to the
SFR, Condon (1992) assumed a Miller–Scalo IMF (Miller and Scalo, 1979) to calculate
the SN rate assuming that all stars more massive than 8M⊙ explode as SNe. He then
used Equation 1.87 to calculate the total expected non–thermal radio luminosity as a
function of SFR. For the thermal contribution, he combined equations relating thermal
emission to Hβ measurements from Caplan and Deharveng (1986), the Hα/Hβ flux ra-
tios from Hummer and Storey (1987) and the Hα calibrations from Kennicutt (1983) to
predict the thermal luminosity as a function of SFR. The two resulting Condon relations
for the thermal and non–thermal emission are written as follows:
(
LT
WHz−1
)
∼ 5.5×1020
( ν
1GHz
)−0.1[SFR(M≥ 5M⊙)
M⊙yr−1
]
(1.88)
(
LNT
WHz−1
)
∼ 5.3×1021
( ν
1GHz
)α [SFR(M≥ 5M⊙)
M⊙yr−1
]
(1.89)
where α is the observed non–thermal spectral index of the MilkyWay. These equations
currently predict the radio continuum emission resulting from star–formation consid-
ering only the stars that are more massive than 5M⊙. To correct the SFR to include all
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stars, the SFR found by inverting these equations must be multiplied by a factor of 5.5
(Condon et al., 2002).
It is important to note that both these relationships are directly proportional to the
SFR, and hence, the sum of these components should also be directly proportional to
the SFR. This indicates that the total radio continuum emission should be an excellent,
extinction free, tracer of recent star formation that holds as long as LNT/νSN is the same
for all normal star forming galaxies (and also assuming no variations in the IMF). As
mentioned earlier, the existence of the radio continuum–FIR relation provides strong
validation of the Condon relation, and its simplicity means that it is easily applicable
to many cases where LNT/νSN can be assumed to be constant.
The Bell Calibration
Although the Condon relationship is simple and depends only upon the observed radio
continuum emission, the breadth and tightness of the radio continuum–FIR correlation
proved to be an attractive basis for a radio continuum–star formation relationship. At
a first glance, this procedure is reasonable as both the radio–continuum emission and
FIR emission are known to closely trace recent star–formation (Kennicutt, 1998).
However, Bell (2003) found on closer inspection that the physics behind the observed
correlation is complex. At low galaxy luminosities (masses), it was already known that
the FUV emission originating from massive stars could more easily escape the galaxy.
This indicates that the star–formation rates inferred from the FIR in these systems will
underpredict the true star–formation rate. If the radio continuum emission is a perfect
tracer of star–formation, we would expect to find a change in the radio continuum–
FIR correlation towards these low luminosity systems. However, no such deviation is
observed, which led Bell (2003) to conclude that the radio continuum emission must
also understimate the true star–formation rate for these low–mass systems. In terms of
the Condon relation, this result indicates:
1. The thermal radio continuum emission should be suppressed somewhat due to
the ionizing UV photons escaping the HII regions surrounding massive stars.
2. The fraction LNT/νSN is not constant in these low luminosity systems, indicating
that CRe must be escaping the galaxy and are no longer contributing to the ob-
served non–thermal radio continuum emission.
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Assuming that the radio–continuum emission at 1.4GHz deviates in the same way
as the FIR emission in the low–luminosity systems, Bell (2003) constructed a radio
continuum–star formation relationship from the FIR–star formation relation at 1.4GHz:
SFR1.4GHz =


5.52×10−22 L1.4GHz L1.4GHz > Lc,
5.52×10−22
0.1+0.9(L1.4GHz/Lc)
0.3 L1.4GHz L1.4GHz ≤ Lc,
(1.90)
where Lc = 6.4× 1021WHz−1. This relationship agrees with the Condon relation to
within a factor of 2, which is remarkable given that this relationship is empirically
calibrated from the FIR emission. Further studies into the radio continuum–FIR corre-
lation revealed that there are many factors that are balanced to maintain the correlation
over the large range of galaxy luminosity it is observed to hold over, which became
known as the ‘radio continuum–FIR conspiracy’ (Lacki et al., 2010). Despite the exis-
tence of this ‘conspiracy’, the Bell (2003) calibration remains one of the most popular
radio continuum–star formation relationships used in current literature.
More Recent Calibrations
Since these earlier calibrations, more effort has beenmade to compare the radio–continuum
emission properties to other star–formation indicators (not just the FIR). Murphy et al.
(2011) demonstrated that, for individual star–forming regions, the thermal radio–continuum
emission traced at 33GHz is directly proportional to the observed 24 µm emission as
well as the star–formation rate measured through hybrid tracers, such as Hα + 24 µm
(Calzetti et al., 2007). These results demonstrated that the thermal radio continuum
emission can be used as a direct tracer of the current number of massive stars, in line
with theoretical expectations (see Section 1.2.1). Thus the thermal radio continuum
emission empirically traces recent star–formation, with the advantage that the radio
continuum emission is largely free of extinction effects. However, large area maps of
nearby galaxies at 33GHz remain unavailable, due to the small fields of view and poor
sensitivities of instruments operating at 33GHz.
This motivated Heesen et al. (2014) to assess the feasibility of using the brighter and
more easily accessible non–thermal emission to trace star–formation on a resolved and
integrated basis. On a resolved basis, Heesen et al. (2014) found that the non–thermal
emission is related to the recent star–formation determined by other tracers, but not
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FIGURE 1.18: Plots showing the star–formation surface density obtained from the
combination of FUV + 24µm emission plotted against the star–formation surface
density obtained through the Condon relation (effectively the surface brightness at
1.4GHz) for both before (top) and after (bottom) convolution with a Gaussian kernel
to simulate the effects of CRe transport.
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linearly like the thermal radio continuum emission. They demonstrated that this non–
linearity results from CRe transport by ‘linearising’ the resolved non–thermal radio
continuum star–formation relation by convolving the star–formationmapswith a Gaus-
sian kernel to simulate CRe diffusion (see Figure 1.18). Interestingly, this interpretation
agrees with an observation byMurphy et al. (2011), that the 1.4GHz star–formation rate
predicted through the radio continuum–FIR correlation (which predominantly traces
the non–thermal emission) measured for their individual star–forming regions under-
stimates the star–formation rate inferred from the thermal radio continuum emission.
Heesen et al. (2014) also examined the integrated non–thermal radio continuum star–
formation relation for a small sample of 14 nearby galaxies. They found that the in-
tegrated non–thermal radio continuum emission is not linearly related to the star–
formation rates found from hybrid star–formation rate tracers, but is instead sublinear,
indicating a more complex origin.
The linearity of the thermal radio continuum emission and the sub–linearity of the non–
thermal radio continuum emission has more recently been confirmed by Tabatabaei
et al. (2017), who separated the thermal and non–thermal radio continuum emission
components between 1 and 10GHz on an integrated basis for a much larger sample of
51 KINGFISH (Kennicutt et al., 2011) galaxies. Tabatabaei et al. (2017) also find from
their separation procedure that the average non–thermal spectral index for their sample
is αNT ≈ −1.0 which is consistent with the steady state behaviour of constant CRe ac-
celeration subject to synchrotron and Inverse Compton losses, and an average thermal
fraction ≈ 10% at 1.5GHz. These results are consistent with earlier observations (e.g.,
Condon, 1992), indicating that their separation procedure was successful. Tabatabaei
et al. (2017) also define a mid–radio continuum bolometric luminosity that can be de-
termined from 1.5 and 5.0GHz measurements, and demonstrated that this hybrid lu-
minosity is linearly related to star–formation.
We finish our discussion of the current radio continuum–star formation calibrations
with a mention of the recent results from the Hindson et al. (2018) study of a large
sample of nearby dwarf galaxies at 5GHz. The thermal radio continuum emission
from these small systems on an integrated basis is consistent with that found for the
individual star forming regions in the Murphy et al. (2011) study, whereas the non–
thermal radio continuum component is found to be significantly suppressed compared
to the hybrid star–formation tracers. This result indicates that CRe are escaping these
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smaller systems without radiating away a significant portion of their energy. As these
small systems are still observed to follow the radio continuum–FIR relation, this result
provides direct evidence for the radio–FIR ‘conspiracy’ described in Bell (2003).
1.4 Thesis Structure
So far in this thesis, we have demonstrated the close relationship between the observed
radio continuum emission and recent star–formation, and the factors that drive the ob-
served emission. We now concentrate our discussion on dwarf irregular (dIrr) galax-
ies. These systems typically undergo short bursts of star formation that are isolated
in space and time, giving us a snapshot of the contributions of various emission and
loss mechanisms for a single star formation event. The interpretation of the radio con-
tinuum emission from these systems is far simpler than that for larger spirals, where
many CRe from different star–formation events are superposed. The rest of the thesis
is structured as follows:
In Chapter 2, we use e–MERLIN to study the compact star–formation products that
are found within the dIrr galaxy, IC 10. Our primary goal is to obtain a census of the
star–formation products (compact HII regions and SNR) within this galaxy, which can
be used to constrain the star–formation rate, independently of other star–formation
tracers. For this purpose, we developed a multi–wavelength scheme to classify the ob-
served sources, which we use to identify star–forming products that belong to IC 10, as
well as contaminating background sources that require subtraction from the integrated
galaxy spectrum.
This is followed by Chapter 3, where we use VLA observations spanning a wide fre-
quency range to separate the radio continuum emission components found within the
dIrr galaxy, NGC1569, on a resolved basis. In completing this goal, we developed a
Bayesian separation procedure, where we use Hα maps to constrain the thermal radio
continuum emission component. After we have separated the radio emission com-
ponents, we use the resulting maps to constrain the line of sight extinction towards
NGC1569 at arcsecond resolution, and obtain estimates of its resolved equipartition
magnetic field strengths.
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The next chapter, Chapter 4, concentrates on one specific region in NGC1569 which is
dominated by a recent SN explosion, NGC1569–38. Our goal here is to ascertain towhat
extent synchrotron losses can explain its observed curved non–thermal radio spectrum,
as derived in Chapter 3. To this purpose, we compare high resolution e–MERLINmaps
at 1.5GHz with VLA spectra, extracted following the method in Chapter 3. Using these
observations, we derive estimates for the age and expansion velocity of NGC1569–38,
and compare its minimum energy magnetic field strength with a sample of galactic and
extra–galactic SNR.
Chapter 5 provides a summary of the results from the work presented in this thesis,
and Chapter 6 provides a brief look into the near future plans.
Chapter 2
The Compact Star Formation
Products In IC 10
2.1 Introduction &Motivation
All integrated and ∼kpc scale resolved studies of galaxies at radio frequencies ef-
fectively measure the surface averaged properties of many individual star–formation
products and ISM surrounding them. To understand the origin of these averaged prop-
erties, it is necessary to start by understanding the emission on the smallest available
spatial scales, i.e. understanding the radio emission originating from the individual
star–formation products themselves. There are two key compact star–formation prod-
ucts that are observed with current high–resolution radio–continuum observations, in-
dividual HII regions and supernova remnants (SNRs).
To recap what was discussed in Chapter 1, HII regions are clouds of ionised hydrogen,
that have been excited by embedded or nearbymassive O and B type stars. This ionised
hydrogen produces thermal radio–continuum emission, with a characteristic spectral
index α = −0.1 at ∼GHz frequencies. The extent of an HII region depends upon the
rate at which Lyman continuum photons are emitted from these massive stars. Hence,
under optically thin conditions, the observed thermal radio–continuum emission can
be used to infer the total number of massive stars and, with an assumed IMF, be used
to calculate an extinction–free star–formation rate (SFR) that is averaged over a similar
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timescale to that inferred from Hα observations (Kennicutt and Evans, 2012). HII re-
gions exist until the massive stars that are powering them end their lives in supernova
(SN) explosions (after 3–10Myr).
SNR are characterised by shock waves that travel through the interstellar medium,
following a SN explosion. In the shock fronts, DSA (Drury, 1983), a subset of Fermi
acceleration, accelerates cosmic ray electrons (CRe) to relativistic velocities, where they
then go on to interact with magnetic fields (which are enhanced by the shock; Guo et al.
2012) to produce non–thermal (synchrotron) radio continuum emission. From linear
test particle DSA theory with strong shocks, we expect to observe a spectral index α =
−0.5, which is typically found in galactic SNR (Green, 2014). SNR are expected to occur
3–40Myr after massive stars formed (assuming stars larger than 8M⊙ explode as SNe)
and remain observable for ∼ 104yr. Although the SNR are themselves observable for
a short time period, the large scale non–thermal emission observed in nearby galaxies
(originating from CRe that have escaped from SNR and have diffused into the nearby
ISM; Condon and Yin 1990) lasts for much longer timescales (∼ 30Myr).
There are other sources of radio emission that result from the evolution of stars, such
as planetary nebulae (Terzian, 1968) and pulsars (Hewish et al., 1968). However these
sources are too faint to be observable in nearby galaxies with current instruments (Bagchi,
2013; Leverenz et al., 2016). Radio SNe are bright enough to be detectable in high–
resolution radio continuum observations; however, the chance of observing one are
minimal due to their extremely short observable lifetimes (typically a couple of years;
Weiler et al., 2002). We will therefore focus our study on only the brighter and longer
lived HII regions and SNR.
Obtaining a census of the star–forming products that are found within a star–forming
galaxy could in principle be used to place useful constraints on said galaxy’s cur-
rent star–formation rate. High–resolution interferometric radio–continuum studies are
ideal for this purpose as the spatial scales that are observed by the interferometer can
be tuned to focus on the spatial scales that individual star–formation products exist
on, and radio emission is insensitive to extinction along the line of sight, providing a
direct view of star–formation processes even in dusty environments (such as nuclear
starbursts). The Legacy e–MERLIN Multi–band Imaging of Nearby Galaxies (LeM-
MINGs; Baldi et al. 2018) survey aims, in part, to study the compact star–formation
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products and their relation to large scale radio emission across a wide range of galaxy
types. The project is made up of two complementary surveys of nearby galaxies; a sta-
tistical survey of 280 galaxies taken in snapshot mode, comprising the entire Palomar
spectroscopic bright galaxy sample north of declination +20degrees, and a deep survey
of 6 galaxies, the latter reaching an rms sensitivity of 8 and 3 µJy beam−1 at 1.5GHz and
5GHz respectively. The statistical survey will detect and resolve radio emission from
bright SNe and SNRs to provide a complete census of energetic SF products in the local
Universe. At higher sensitivities, the deep survey will also be able to detect the fainter
emission from compact HII regions.
Rather than start with studying larger spiral galaxies, where the large scale radio emis-
sion characteristicsmay be complicated due to their potentially complex star–formation
histories or AGN activity, we instead chose to start with nearby dwarf irregular (dIrr)
galaxies. dIrr galaxies are small, simple stellar systems with typically bursty star–
formation histories (McQuinn et al., 2010). This is advantageous for interpretation,
as we would expect the large–scale radio emission characteristics to be dominated by
the most recent burst of star–formation. Furthermore, entire dIrr galaxies are analo-
gous to single ∼kpc2 chunks of the outskirts of larger spiral galaxies (Bigiel et al., 2010;
Elmegreen and Hunter, 2015), so by studying these simple systems, we can attempt to
understand the processes that are occurring in the larger spirals.
In this chapter, we present high–resolution LeMMINGs observations of the dIrr galaxy,
IC 10, and what we learn from its compact star–formation products.
2.2 IC 10
IC 10 (see Figure 2.1) is a nearby dIrr galaxy that is thought to be currently under-
going a starburst phase (Leroy et al., 2006). Optical studies reveal numerous HII re-
gions (Hodge and Lee, 1990) and the highest density of WR–stars observed in the Local
Group (Massey et al., 1992; Crowther et al., 2003). Moreover, stellar population analysis
reveals a bursty SF history with the most recent burst finishing ∼10Myr ago (Hunter,
2001; Vacca et al., 2007; Sanna et al., 2009). We present a brief summary of IC 10’s prop-
erties in Table 2.1.
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TABLE 2.1: Key IC 10 properties
Property Value Reference
αJ2000 (hh mm ss) 00 20 17.34 –
δJ2000 (
◦ ′ ′′) +59 18 13.6 –
Galaxy Type IBm 1
Distance 0.7Mpc 2
SFRHα−Sal 0.039±0.001M⊙ yr−1 3
SFRHα−MS 0.066±0.002M⊙ yr−1 3
Angular Size (Major Axis) 11.′68 4
Angular Size (Minor Axis) 7.′12 4
Position Angle 132◦ 4
Reference List: 1: Nilson (1973), 2: Sakai et al. (1999), 3: Hunter et al. (2012), 4: Jarrett
et al. (2003). The IBm galaxy type corresponds to Irregular galaxies that are similar to
the Magellanic clouds with a believed bar component. The subscripts on the SFRs
indicate which IMF was used to calculate the SFR: Sal is assuming a Salpeter IMF
(Salpeter, 1955) and MS is assuming a Miller–Scalo IMF (Miller and Scalo, 1979).
Recent HI investigations into the large–scale gas motions of IC 10 reveal a complex na-
ture, consisting of a large HI envelope with an inner rotating disk and counter–rotating
component (Shostak and Skillman, 1989; Wilcots and Miller, 1998; Ashley et al., 2014).
The leading explanation for these different kinematical subsystems is that IC 10 is still
accreting primordial gas (Wilcots and Miller, 1998), although new evidence hints to-
wards a recent merger or interaction being responsible for the unusual gas kinematics
and current starburst (Nidever et al., 2013; Ashley et al., 2014). Furthermore, numerous
bubbles and shells are observed in the large scale HI distribution (Shostak and Skill-
man, 1989; Wilcots and Miller, 1998), hinting that IC 10 is coming towards the end of its
current starburst phase (see the bottom–right panel in Figure 2.1). A number of radio
continuum studies focused on the non–thermal superbubble towards the South–East
of IC 10 (Yang and Skillman, 1993; Heesen et al., 2015), which is thought to be the result
of either a collection of supernova remnants (Yang and Skillman, 1993) or a single hy-
pernova event (Lozinskaya and Moiseev, 2007). At its centre resides the X–ray binary
system, IC 10 X–1, which is likely related to the birth and evolution of the superbubble
(Brandt et al., 1997; Bauer and Brandt, 2004).
IC 10 is located at a low galactic latitude (∼-3◦), making distance measurements chal-
lenging with estimates ranging from 0.5Mpc to 3Mpc (Demers et al., 2004; Kim et al.,
2009). We will assume a distance to IC 10 of 0.7Mpc (1 arcsec ≃ 3.4 pc) as listed in
Hunter et al. (2012). All distance dependent literature measurements used here have
been scaled to this distance.
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FIGURE 2.1: Top Left: Hα (continuum subtracted) map taken from Hunter and
Elmegreen (2004). Top Right: Map of IC 10 at 70 µm taken with Herschel as part of
the Dwarf Galaxy Survey (Madden et al., 2013). Bottom Left: 5GHz VLA C & D ar-
ray map of IC 10 taken from Heesen et al. (2015). Bottom Right: Naturally weighted
HI map of IC 10 taken as part of LITTLE THINGS (Hunter et al., 2012). Note how
the large-scale holes and shells in the HI distribution can be easily identified across
multiple wavelengths.
This chapter is structured as follows; in Section 2.3 we describe our observations, data
reduction and imaging method; in Section 2.4 we present our source detection method
and the recovered source properties; in Section 2.5 we discuss our classification scheme
and the interpretation of our results. Finally we present our conclusions in Section 2.6.
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2.3 Observations and Data Reduction
Observations of IC 10weremade using e–MERLIN (the upgradedMulti–ElementRadio
Linked InterferometerNetwork, an array consisting of 7 radio telescopes spread across
the UK1) as part of LeMMINGs (Baldi et al., 2018), an e–MERLIN legacy project. The
data were taken at 2 wavebands; 1.5GHz (L–Band) and 5GHz (C–Band) in 4 observing
runs summarized in Table 2.2. The Lovell Telescope was only available for the Febru-
ary 2016 observation, resulting in a smaller field of view but higher sensitivity when
compared to the other observing runs. The calibration and further data reduction was
carried out using AIPS2, following the calibration procedure detailed in the e–MERLIN
cookbook3.
2.3.1 Initial Flagging & Inspection
Before any calibration took place, each of the raw datasets were put through SERPent
(Peck and Fenech, 2013) with default settings to remove any obvious radio frequency
interference (RFI). SERPent is auto–flagging software, developed in ParselTongue (Ket-
tenis et al., 2006), principally for use in the e–MERLIN pipeline (Argo, 2015). Additional
manual flagging was carried out using the AIPS task IBLED, to remove any obvious RFI
that SERPent had missed and to identify periods where the data were corrupted. This
was justified as e–MERLIN sees a harsh and complicated RFI environment, especially
at 1.5GHz, and the telescope was in commissioning phase over the duration of the 2013
observations. Overall,∼ 52% of the data was flagged at 1.5GHz and∼ 10% was flagged
at 5GHz.
2.3.2 1.5GHz Data Reduction
Both 1.5GHz observations followed the same observational set–up. The total band-
width was split into 8 IFs (intermediate frequencies), each with 128 individual chan-
nels of bandwidth 0.5MHz. The primary flux calibrator, 3C286, was used to set the
flux scale, the point–like source, OQ208, was used to determine the passbands and
1A basic overview of the array can be found at http://www.e-merlin.ac.uk/summary.html
2AIPS, the Astronomical Image Processing Software, is free software available from the NRAO.
3Available at: http://www.e-merlin.ac.uk/data_red/tools/e-merlin-cookbook_V3.0_Feb2015.pdf
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TABLE 2.2: Journal of IC 10 e–MERLIN observations
Obs Date Obs Frequency Total Bandwidth Time Lovell Inc?
(yyyy mmm dd) (MHz) (MHz) (h) -
2013 Feb 09 1510.65 512 7.64 ✗
2013 Nov 22 1526.65 512 16.24 ✗
2015 Apr 18 5072.50 512 21.06 ✗
2016 Feb 21 5072.50 512 9.24 ✓
Notes: Obs Frequency is the central observed frequency and Time is the total time on
source.
0027+5958 was used to determine the complex gain solutions to apply to IC 10. The ob-
servations both started with 30min scans of both the primary flux calibrator and point
source, and then went on to alternate between observations of IC 10 and the complex
gain calibrator, spending 5min on IC 10 and 1min on the complex gain calibrator each
iteration. After the initial flagging, each 1.5GHz dataset was calibrated following stan-
dard e–MERLIN calibration procedures. Several rounds of phase only self–calibration
were carried out on the complex gain calibrator and on IC 10 itself to further improve
the quality of the final maps. Finally, the calibrated datasets were weighted using the
AIPS task REWAY, so that telescopes with larger collecting area contribute more to the
final maps, improving sensitivity. After the calibration, the first and last 15 channels in
each IF were additionally flagged as they are in the least sensitive areas of the passband
and were found to contribute mostly noise to the final maps.
The Cambridge antenna was not available for the November 2013 observation, result-
ing in a slightly larger synthesized beam as this antenna makes up the longest baselines
in the e–MERLIN array. Additionally, IF 1 was entirely flagged in this observation as
no reliable passbands could be obtained in this IF due to excessive RFI.
Both 1.5GHz observations were calibrated independently and then combined. We ver-
ified that both datasets had the same flux scale by imaging 8 bright, unresolved sources
within the primary beam but outside IC 10 (which were identified in preliminary imag-
ing) and checking that the flux density measurements agreed to within 10 percent. The
flux densities agreed for 7 sources, showing that our flux scale is satisfactorily consis-
tent between the observations. We conclude that the outlier must be down to source
variability between the observation dates. As the November dataset was taken at a
slightly higher frequency than the February dataset, we used the AIPS task BLOAT to
ensure that both observations covered the same frequency range before combining both
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(a) (b)
FIGURE 2.2: Observed visibility distributions for the e–MERLIN observations of IC 10.
(a) shows the combined 1.5GHz uv–plane and (b) shows the combined 5GHz uv–
plane.
datasets using the task DBCON. The relative weights between the observations were
determined by comparing the sum of weights returned by the AIPS task IMAGR during
preliminary imaging. The combined uv–plane is displayed in Figure 2.2(a).
2.3.3 5GHz Data Reduction
The 5GHz observations followed a similar observing set up to the 1.5GHz observa-
tions. The total bandwidth was split into 4 IFs, each with 128 individual channels
1MHz wide. The primary flux calibrator, 3C286, was used to set the flux scale, the
point source, OQ208, was used to determine the passbands and 0027+5958 was used to
determine the complex gains to apply to IC 10. IC 10 and the complex gain calibrator
were observed alternatingly, with 5min on IC 10 to 3min on the complex gain calibra-
tor, finishing with 30min scans of both the primary flux and point source calibrators.
The first and last 5 channels were flagged because this is where the passband rapidly
loses sensitivity. One round of phase only self–calibration on IC 10 was performed to
further improve the quality of the final maps. Again, both calibrated datasets were
weighted.
There were several issues with the February 2016 observation. The Mk2 antenna was
not available for the duration of this observation and reliable gain solutions could not
be found for the Darnhall antenna. The remaining data were combined with data taken
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in Apr 2015 to improve the noise level in the final maps. The combined 5GHz uv-plane
is displayed in Figure 2.2(b).
2.3.4 Imaging
IC 10’s star forming diskwas imaged at 1.5GHzwith amosaic of 19 subfields, with each
subfield covering 0.′3 a side. The AIPS task SETFC was used to generate the list of fields
to be imaged and a natural weighting schemewas used tomaximise sensitivity. A small
field centred on the bright source NVSS002108+591132 (which has a flux density equal
to 13.5mJy at 1.4GHz and is located 9.′38 from the observation pointing centre) was
added to this list to remove its contaminating sidelobes. The individual subfields were
cleaned down to 2.5 times the rms noise level of each map and were then mosaicked
together using the AIPS task FLATN to produce a single widefield map of the entire
disk. This widefield map was used to search for sources and blank subfields with no
apparent sources were used to test the completeness of the chosen source extractor.
The detected sources were directly imaged at 5GHz to save time, also using a natural
weighting scheme to maximise sensitivity. We corrected each detected source for the
primary beam individually assuming that the e–MERLIN primary beam is accurately
represented by a Gaussian function with FWHM 30’ at 1.5GHz (excluding the Lovell
telescope) and a FWHM of 5.6’ at 5.0GHz (including the Lovell telescope). This was
done to save time as each detected source was sufficiently small to be characterised
by a single primary beam correction factor. We present the final maps of the bright
detected sources associatedwith IC 10 at 1.5GHz in Figure 2.3 and the associated 5GHz
detections in Figure 2.4.
Our final maps reach a noise level of 26 µJy beam−1 at 1.5GHz and 12 µJy beam−1 at
5.0GHz. These noise levels are significantly higher than the LeMMINGs target sen-
sitivities of 8 µJy beam−1 and 3 µJy beam−1 at 1.5GHz and 5GHz respectively. This
can mainly be attributed to the lack of the Lovell telescope in the majority of the pre-
sented observations as its inclusion results in a factor of 2 improvement in sensitivity
(see e–MERLIN technical capabilities). Additionally, as the array was still in the com-
missioning phase for most of the observations, some antennas were not present for the
entire duration of an observation. It is also likely that the increased noise level is due
to the considerable flagging carried out and that low levels of unflagged RFI further
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FIGURE 2.3: 1.5GHz Radio contours of IC 10. Top Right: Combined VLA C+D array
map of IC 10 at 1.5GHz, taken from Heesen et al. (2015). The contours are set to -3, 5,
10, 20, 40, 80, 150, 300, 600× the 13 µJy beam−1 noise level. The red numbers represent
the locations of the detected e–MERLIN sources, the blue squares represent spectro-
scopically confirmed WR stars from Crowther et al. (2003), the black stars represent
Chandra (resolution 3′′) point source detections and the black upwards triangles rep-
resent XMM (resolution 13′′) point source detections. All X–ray data are taken from
Wang et al. (2005). The gridlines are the same as in Figure 2.1.
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FIGURE 2.3: (Cont.) Surrounding plots: Naturally weighted 1.5GHz e–MERLIN de-
tections from this study. The beam size for each image is 0.′′36×0.′′24 and is displayed
in the bottom-left of each map. The contours on each source are set to -3, 3, 6, 10,
20, 40 × the 26 µJy beam−1 noise level. The contours also correspond to brightness
temperatures set at 690, 1400, 2300, 4600 and 9200K. Each field measures 6′′ a side.
An identifying source number is located in the top–left corner of each contour map.
Additional Notes: The map of Source 7 has been convolved to a resolution of twice
the synthesized beam to show the low surface brightness emission. The contours on
source 7 are set to the same levels as in the other contour maps, but the noise level in
this case is 53 µJy beam−1. The contours correspond to brightness temperatures set at
170K and 340K in this case only.
FIGURE 2.4: Naturally weighted 5GHz e–MERLIN detections from this study. The
beam size for this image is 0.′′14 x 0.′′06 and is displayed in the bottom–left of each con-
tour plot. The contours on each source are set to -3, 3, 6, 10, 20, 40 × the 12 µJy beam−1
noise level. Each field measures 2′′ on a side. An identifying source number is located
in the top-left corner of each contour map.
contribute to the noise level in the final maps. Together, these factors largely explain
the higher noise level.
2.4 Results
Radio continuum emission from normal star–forming galaxies originates from two
main sources, thermal emission from ionized plasma found predominantly in HII re-
gions, and non–thermal emission from cosmic ray electrons (CRe) that have been accel-
erated in SNR shock fronts. Due to the baseline distribution of e–MERLIN, effectively
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all extended emission on angular scales larger than ∼ 5′′ is not observed by the instru-
ment. This effect makes e–MERLIN an ideal instrument to study compact structures
in other galaxies, such as star–formation products like compact HII regions, Radio SNe
and SNR, and unrelated background galaxies. It is unlikely that any of the sources we
observe are X–ray binaries or Planetary Nebulae as these sources would have flux den-
sities of order 1 µJy at the distance of IC 10 (Fender and Hendry, 2000; Leverenz et al.,
2016). In this section we present our e–MERLIN detections within IC 10 and test the
robustness of our detections.
2.4.1 Source Detection and Completeness
We used the widefield 1.5GHz maps described in Section 2.3.4 to search for compact
radio sources coincident with IC 10’s star forming main disk. We carried out the search
for sources using the widefield 1.5GHz map for 3 main reasons:
1. As the primary beam for the 1.5GHz observations is much larger than that for the
5GHz observations, we can image larger portions of the sky whilst still maintain-
ing Nyquist sampling of the synthesized beam. This is computationally quicker
than imaging the whole sky at 5GHz.
2. As the e–MERLIN array configuration does not change (unlike the VLA and
WSRT), the 1.5GHz observations sample larger spatial structures (or spatial fre-
quencies) across the sky, compared to the 5GHz observations. This means that
the 1.5GHz observations are more sensitive to extended emission that may not
be observed at 5GHz.
3. If the sources are dominated by non–thermal emission, they are likely to be much
brighter at 1.5GHz than 5GHz due to the steep, negative power–law radio spec-
tra that these sources typically exhibit.
In order to catalog detections from the widefield maps in a repeatable fashion, we used
the source extraction software, AEGEAN (Hancock et al., 2012) to produce a list of candi-
date sources. AEGEAN is a threshold detection algorithim, which additionally uses the
mean map curvature and a Floodfill algorithm to characterise more extended sources.
The algorithm briefly works as follows:
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1. Pixels that are brighter than a user defined detection threshold are used as starting
points for the Floodfill algorithm. The Floodfill algorithm fills out to neighbour-
ing pixels that are above the user defined floodfill threshold and produces a mask
of the isolated emission.
2. A mean curvature map is produced by convolving the map with a 2–D Laplacian
kernel. A curvature mask is produced for regions with negative curvature, as the
negative curvature is considered to be due to the presence of a source.
3. The two masks are then combined to form a series of ‘summits’, which are used
to determine the number of Gaussian components to be fit to the data, as well as
to find some prior constraints for the shapes and positions of the fit Gaussians.
4. Each Gaussian component is simultaneously fitted and the fit parameters are re-
turned in a table.
We set the detection threshold to 5 times the map rms noise level, the floodfill threshold
to 4 times the map rms noise level and cross matched the resulting source list with
the extended 1.5GHz emission associated with IC 10’s star forming disk, observed at
a 5σ significance by Heesen et al. (2015). Through this procedure, we found 19 5σ
detections that are coincident with IC 10’s main star forming disk. 11 of these detections
are coincident with unresolved features seen in the lower resolution VLA maps (see
Figure 2.3), whereas the remaining 8 faint detections do not appear to be associated
with any low resolution structure.
We test whether these 8 faint detections could be spurious by asking the question, how
many spurious detections would we expect over the area IC 10’s main disk takes up?
If we assume that each beam is independent, the probability of ndet detections out of n
total beams follows a binomial distribution:
P(ndet detections) =
(
n
ndet
)
pndet (1− p)n−ndet , (2.1)
where p is the probability of a beam having a value larger than the detection threshold.
If we assume that each beam value is drawn from a normal distribution with a standard
deviation equal to the map noise, we determine:
p =
∫ ∞
5σ
1√
2piσ2
e
− x2
2σ2 dx≈ 2.866515×10−7. (2.2)
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As there are 1.7×106 independent beams in the region of interest, the expected number
of detected sources is:
np = 0.47, (2.3)
with variance:
np(1− p) = 0.47. (2.4)
From this simple calculation, we would expect 0.47± 0.47 spurious detections in the
considered region, which shows it is plausible that one or two of the 8 we see could be
spurious. The majority of these faint sources are therefore probably real and belong to
features that are close to the detection limit. As these sources are not clearly associated
with compact structure seen in lower resolution observations, we limit the rest of our
analysis to the 11 sources that are coincident with unresolved features in the lower
resolution maps.
Source Detection Completeness
After the source extraction procedure it was necessary to estimate how many true 5σ
sources the source extractor may have failed to recover. Theoretically, we can calcu-
late the fraction of sources that we are missing by assuming that the noise is constant
across the widefield map and that each pixel value has been drawn from a normal dis-
tribution, with a standard deviation equal to the map rms noise level. In general, the
probability that a nσ source is detected above the 5σ detection threshold is given by:
P(nσ is detected) =
∫ ∞
5σ−nσ
1√
2piσ2
e
− x2
2σ2 dx =
1
2
erfc
(
5σ −nσ
σ
)
, (2.5)
where erfc is the complementary error function. This probability can be interpreted as
the fraction of the sources that are recovered on average by the source extractor with a
5σ threshold, which we shall define as the Completeness fraction.
By setting the true source brightness (nσ ) equal to the 5σ threshold, we find that we
would expect to detect approximately half of the true 5σ sources in the image. This can
be intuitively understood as at the threshold limit, the random noise is equally likely
to add a small contribution to the source peak flux as it is to take away, preventing
the source from being detected. The simple completeness model also predicts that we
would expect a few sources with true flux densities below the noise level to be detected
and a few sources with flux densities above the threshold to be missed.
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FIGURE 2.5: Completeness fraction from the source detection. The black line repre-
sents the theoretical expectation and the grey bars show the result from our Monte–
Carlo simulation. The uncertainty in each bin is ≤ 5% for all flux density bins greater
than 4σ .
To validate our simple completeness model, we carried out a Monte–Carlo simulation
to empirically assess the completeness of our source detectionmethod. We took a blank
field from the 1.5GHz widefield imaging (i.e., a noise map) and randomly added 100
Gaussian sources, each the same size as the naturally weighted synthesized beam. We
assigned each of the sources a peak flux density, drawn from a continuous, uniform
probability distribution between 2 and 12 times the rms noise level of the maps. We
then used Aegean to recover the placed sources, setting the detection threshold to 5
times the measured map rms noise level (26 µJy beam−1). We then cross matched the
recovered catalogwith the placed catalog, in whichwe allowed a positional uncertainty
equal to the diameter of the synthesized beam, to create a catalog of matched (recov-
ered) sources. This process was repeated 1000 times to ensure a statistically robust
answer.
We split the placed and recovered data into flux density bins, each with a width equal
to 0.2 times the map rms noise level. We define the completeness fraction for each flux
bin as:
C =
NM
NP
, (2.6)
where NM is the total number of matched sources with initial flux density inside the
flux density bin and NP is the total number of placed sources inside the same bin. We
present the results of this exercise in Figure 2.5.
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The Monte–Carlo simulation results follow a similar overall shape to the theoretical ex-
pectation; however, they differ in that the theoretical prediction overpredicts the num-
ber of recovered sources at ∼ 6σ and underpredicts the number of recovered sources
at ∼ 4σ . This shows that one of our starting assumptions used to derive the expected
completeness may not be correct, either the pixel values are not drawn from a normal
distribution, or the noise level is not constant across the map.
As the uncertainty for a single pixel depends upon the uncertainties of all individual
observed visibillities, it is unlikely that the pixel values will not be drawn from a normal
distribution due to the central limit theorem. Therefore the difference is likely to be
due to the noise level varying across the map. This is illustrated if we use AEGEAN’s
sibling program BANE to estimate the map noise level. Briefly, BANE selects every Nth
pixel to form a grid (typically the pixels are separated by 4 synthesized beams), and
then calculates the standard deviation of the pixel values within a box of size M by M
pixels (typically all of the pixels out to the next grid pixel). These standard deviations
are then linearly interpolated to calculate an estimate for how the noise level varies
across the image. From this analysis, we find that the noise level varies between 22 and
38µJy beam−1, with a median noise level at 26 µJy beam−1. This explains the observed
discrepancy, as sources are more easily detected or missed at the enforced threshold in
regions where the noise level is enhanced. A non–uniform noise level can occur if there
are residual calibration errors that have not been corrected for during the calibration
procedure, or if there are bright sources that have not been properly treated during the
imaging process.
2.4.2 Flux Density Measurement
We measure the integrated flux densities for the 11 sources using two different meth-
ods, depending upon whether the source is unresolved or resolved. For unresolved
sources, we fit a single Gaussian component using the AIPS task JMFIT and estimate the
integrated flux density by integrating over the fitted Gaussian. For resolved sources,
we generate a mask by only considering emission associated with each source above a
3σ level, where σ is the map rms noise level (measured off source). We then integrate
the masked emission to obtain the integrated flux density.
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The uncertainties on the integrated flux density measurements are estimated through:
σTotal =
√
σ2Map+σ
2
Scale, (2.7)
where σMap is either equal to the fit uncertainties returned by JMFIT for unresolved
sources, or it is equal to
√
Nσ for resolved sources where N is the number of inde-
pendent beams that fit within the masked image. σScale is the uncertainty in the flux
scale which is conservatively taken to be at a 10% level.
As we did not correct the widefield map for the effects of the primary beam, the mea-
sured flux densities will underestimate the true source flux density, the degree of which
depends non–trivially upon the source’s distance from the pointing centre of the ob-
servation. As e–MERLIN is a heterogeneous array, the exact primary beam shape is
complicated and requires holographic measurements of each of the antennas to cor-
rectly determine. We therefore assume that the e–MERLIN primary beam can be pa-
rameterised as a 2–dimensional Gaussian, as specified in the e–MERLIN technical ca-
pabilities document4. For the 1.5GHz observations (excluding the Lovell antenna), the
Gaussian has a FWHM of 30’ and for the 5GHz observations (including the Lovell tele-
scope), the Gaussian has a FWHM of 5.6’. For each source, we calculate the source’s
distance from the pointing centre and use the primary beam model to correct the flux
density attenuation. We present the measured flux densities in Table 2.3.
2.4.3 Angular Size Measurement
For the convenience of other authors who may need to plot the spatial extent of the
observed sources without necessarily having access to the rawwidefield map, we mea-
sure the angular sizes and position angles of each of the resolved sources at 1.5GHz by
fitting an ellipse to the source’s 3σ isophote.
To fit the ellipse, we first generate a mask of the 3σ emission originating from the
source. We then would like to find the ellipse that best covers the masked area, which
can be easily found through a least squares minimisation procedure. However, as the
sources can have a complex morphology, we first need to estimate the ellipse parame-
ters to form the starting point for the minimisation algorithm.
4Available at http://www.e-merlin.ac.uk/tech/
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TABLE 2.3: Properties of Sources Detected in IC 10
Source No IAU Designation αJ2000 δJ2000 S1.5GHz S5.0GHz Peak TB Spectral Index
(hh mm ss) (◦ ′ ′′) (mJy) (mJy) (K)
1∗ WBBH J002017+591839.7 00 20 17.390 +59 18 39.68 8.06 ± 0.82 1.02 ± 0.11 ≥ 5200 −0.3 ± 0.2
2∗ WBBH J002027+591728.7 00 20 26.952 +59 17 28.66 3.39 ± 0.35 2.28 ± 0.24 ≥ 7700 −0.1 ± 0.2
3∗ WBBH J002015+591853.9 00 20 14.988 +59 18 53.88 2.23 ± 0.25 - ≥ 2600 −1.0 ± 0.2
4∗ WBBH J002027+591706.1 00 20 27.160 +59 17 06.12 1.83 ± 0.20 0.36 ± 0.06 ≥ 4900 −0.4 ± 0.2
5 WBBH J002008+591540.2 00 20 08.348 +59 15 40.21 1.29 ± 0.14 0.28 ± 0.04 ≥ 11000 −1.3 ± 0.2
6 WBBH J002027+591843.7 00 20 26.807 +59 18 43.69 0.99 ± 0.11 - ≥ 8500 ≤−2.3
7∗ WBBH J002018+591740.9 00 20 18.249 +59 17 40.92 0.93 ± 0.14 - ≥ 700 −0.4 ± 0.2
8∗ WBBH J002019+591802.3 00 20 19.334 +59 18 02.33 0.87 ± 0.16 - ≥ 7700 −0.2 ± 0.2
9 WBBH J002033+591942.9 00 20 33.390 +59 19 42.89 0.49 ± 0.11 - ≥ 4100 ≤−1.7
10 WBBH J002008+591955.2 00 20 08.137 +59 19 55.23 0.37 ± 0.07 0.14 ± 0.03 ≥ 3200 −0.8 ± 0.3
11 WBBH J001951+591644.2 00 19 51.498 +59 16 44.20 0.26 ± 0.06 - ≥ 2000 ≤−1.2
Notes: Sources with a * are extended sources and their spectral indices (italicized) are derived from the low–resolution spectral index maps
presented in Heesen et al. (2011). All other spectral indices are derived from the e–MERLIN observations. The peak brightness temperatures
have been derived from the 1.5GHz observations.
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FIGURE 2.6: An example of our ellipse fitting procedure. The red line corresponds to
the 3σ isophote and the blue line corresponds to the fitted ellipse.
We estimate the ellipse parameters by first treating each pixel in the mask as a ‘dat-
apoint’ and use the list of points to calculate a covariance matrix for the mask. The
covariance matrix in this case can (roughly) be interpreted as the linear transformation
required to transform 2–dimensional, normally distributed data (with σx = σy = 1), to
the observed mask data. The eigenvector of this matrix with the largest eigenvalue cor-
responds to the direction in which the observed mask data has the largest variance, i.e.
the direction of the major axis, and the other eigenvector corresponds to the direction
of the minor axis. From these eigenvectors, the position angle of the ellipse can be eas-
ily calculated; however, the lengths of the sought major and minor axes do not directly
correspond to the derived eigenvalues. Instead they correspond to the variance in the
major and minor axis directions, not to the entire range of the mask. We therefore take
the square root of the eigenvalues and use them to calculate the area of the ‘1σ ’ ellipse.
We scale this ellipse to the same area as the mask to estimate the major and minor axes
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TABLE 2.4: Observed Angular Sizes of Extended and Resolved Sources at 1.5GHz
Source No Major Axis Minor Axis Position angle
( ′′) ( ′′) (◦)
1* 3.15 1.77 137.7
2* 1.73 1.12 16.9
3* 2.41 0.85 71.2
4* 1.37 0.82 7.6
7* 2.35 1.58 35.7
8 0.69 0.59 123.7
Notes: The superscript * in the Source No column indicates that the source is
extended. The position angle of each source is measured anti-clockwise from the
North.
lengths. Finally, the means of both the x and y co–ordinates for the datapoints in the
mask correspond to the centre point of the ellipse.
We then take these estimates as the starting point of our least squares minimisation
procedure, where we minimise the residuals between the mask and a filled model el-
lipse. In general, the parameters obtained from the minimisation procedure did not
change much from those found through our initial parameter estimation. An exam-
ple of an ellipse fitted by this procedure is presented in Figure 2.6. We do not quote
any uncertainties on the fitted ellipses as they are used for visualization purposes only.
We note however that uncertainties could be easily derived through a Markov–Chain
Monte–Carlo sampler, such as the Metropolis–Hastings algorithm (see Chapter 3. For
marginally resolved and unresolved sources, we fit 2–D Gaussian functions using the
AIPS task JMFIT to determine the angular size, position angle and sky co-ordinates. The
angular size properties for extended and resolved sources at 1.5GHz are summarized
in Table 2.4 and we present the sky co-ordinates in Table 2.3.
2.4.4 Spectral Index Measurement
The dependence of radio emission with frequency is often approximated as a power
law. A radio source’s spectral index, α , is then defined as:
Sν ∝ ν
α , (2.8)
where Sν is the radio source’s measured flux density at frequency ν . The spectral index
is a powerful classification tool, as each radio continuum emission mechanism has a
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characteristic spectral index. For example, an optically thin HII region is dominated at
radio frequencies by thermal (free–free) emission with α = −0.1 whereas α ≤ −0.5 for
non–thermal (synchrotron) dominated emission from SNRs.
Typically, the spectral index is found by comparing the measured flux density at two
different frequencies through:
α =
ln
(
S1
S2
)
ln
(
ν1
ν2
) , (2.9)
where S1 is the flux density measured at frequency ν1 and S2 is the flux density mea-
sured at frequency ν2. If we assume that the measurements S1 and S2 are independent
with normally distributed uncertainties, and that the uncertainty on the observed fre-
quency is negligible, the uncertainty on α is estimated through:
δα =
∣∣∣∣∣∣
1
ln
(
ν1
ν2
)
√(
δS1
S1
)2
+
(
δS2
S2
)2∣∣∣∣∣∣ , (2.10)
where δS1 and δS2 are the uncertainties on S1 and S2. It should be noted that this equation
is formally correct only when the uncertaintes on the flux densities are small relative to
the flux densities themselves.
There are two main caveats with using the observed spectral index to classify sources:
1. There are situations where spectral indices from different emission mechanisms
can look the same. For example, non–thermal emission may appear flat, like
thermal emission, if it is significantly attenuated by an absorption mechanism
(such as free–free absorption or synchrotron self absorption). This problem can be
circumvented by modelling the source’s radio spectral energy distribution using
observations sampling the 100MHz to 100GHz frequency range. Alternatively
(and much more cheaply observationally) the sources can be matched spatially
with emission in a different wavelength regime (such as the optical Hα emission
line) to infer the emission mechanism.
2. If an interferometer is used to obtain the radio maps, the measured spectral in-
dex will strongly depend on the angular scales that are sampled at the observed
frequency. If the source is extended, the measured spectral index will be biased
if a map at one frequency is sensitive to large scale emission, whereas a map at
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another frequency is not. This problem can be mitigated by ensuring that the
same region of the uv–plane is imaged in both maps. This procedure does not
completly fix the problem, as radio emission at different frequencies may have
differing spatial structure (such as large scale halos surrounding galaxies seen at
low frequencies), and therefore produce different imaging artifacts which would
bias any measured spectral indices. Reliable spectral indices can be derived from
interferometers that sample the uv–plane differently, under the conditions that
the observed source is unresolved at both frequencies and it is not embedded in
any large scale extended emission.
As both the 1.5GHz observations and 5GHz observations were made with e–MERLIN
(where the antenna positions cannot be changed) they do not sample the same spatial
frequencies, which is illustrated in Figure 2.2. Therefore, we can only directly measure
the spectral indices of unresolved sources with the presented observations. We note
that these spectral index measurements may be biased towards steeper spectral indices
as all of these sources were selected because they are coincident with extended emis-
sion (see Figure 2.3). For unresolved sources that are detected at one frequency only,
we determine limits for the observed spectral index by calculating the spectral index
assuming that the non–detection has been detected at a 5σ significance.
For the resolved sources, we estimate the spectral index by comparing the source po-
sition with the in band spectral index map presented in Heesen et al. (2011). This map
is made at a much lower resolution than the presented e–MERLIN observations, and
hence can only give us a general idea about the spectral index of the resolved sources
combined with emission from their immediate surrounding environment. We present
the observed spectral indices for each source in Table 2.3.
2.4.5 Brightness Temperature Measurement
A final classification diagnostic that can be derived from the radio data alone is the
source’s brightness temperature, Tb. The brightness temperature corresponds to the
temperature of a blackbody at frequency, ν , that has the same brightness as the source.
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In the Rayleigh–Jeans limit, it is defined through:
Tb =
c2Iν
2kν2
≈ c
2Sν
2kν2Ω
, (2.11)
where c is the speed of light in a vacuum, k is the Boltzmann constant, Iν is the specific
intensity (or surface brightness at frequency ν), Sν is the source flux density and Ω is
the solid angle subtended by the source.
The observed brightness temperature is a useful diagnostic for differentiating between
sources that are dominated by thermal or non–thermal emission mechanisms, such
as HII regions and SNR, because of the fact that the brightness temperature cannot
exceed the source temperature. To illustrate this, we start from the equation of radiative
transfer:
dIν
ds
=−κν Iν + jν , (2.12)
where s is distance along the line of sight, κν is the absorption coefficient and jν is the
emission coefficient. If we divide through by κν and define dτν = κνds (τν is the optical
depth at frequency ν), the equation of radiative transfer changes to:
dIν
dτν
=−Iν + jν
κν
=−Iν +Φν , (2.13)
where Φν =
jν
κν
is known as the source function. If we assume that the source function
is constant throughout the source, that the absorption and emission are taking place in
the same volume and that there is no background emission, the solution to Equation
2.13 is:
Iν(τν) = Φν
(
1− e−τν) , (2.14)
where:
τν =
∫ s
0
κνds≈ κνs. (2.15)
From Equation 2.14, we see that in optically thick conditions (τ →∞), the specific inten-
sity will tend towards the source function.
If the source is thermal (i.e., it is in thermal equilibrium), the source function will be
equal to that of a blackbody at the source temperature. In the Rayleigh–Jeans regime, it
then follows that:
Tb ≈ T
(
1− e−τν) , (2.16)
Chapter 2. Compact SF Products In IC 10 76
FIGURE 2.7: Example spectra for a non–thermal source (blue) and a thermal source
(red). The black dotted lines correspond to lines of constant brightness temperature,
and the green line corresponds to the non–thermal source being observed through the
thermal source. The temeperatures of the lines of constant brightness temperature are
labeled on the top and right axes.
where T is the source temperature. For thermal free–free emission, the source tempera-
ture is equal to the electron temperature and we see from Equation 2.16 that the bright-
ness temperature cannot exceed the electron temperature. This is illustrated by the
red line in Figure 2.7, which shows the spectra for a thermal radio continuum source
with a temperature equal to 104 K. The source has a flat characteristic spectral index
(α = −0.1) until it becomes optically thick, where it then follows the line of constant
brightness temperature that is equal to the source temperature.
Equation 2.16 also holds for non–thermal sources; however, the details are more com-
plicated as the power–law electron energy distribution cannot be represented by a
Boltzmann distribution at a single temperature. As a consequence, the source func-
tion does not become equal to a blackbody under optically thick conditions, hence the
optically thick part of the non–thermal spectrum does not nessesarily follow a line of
constant brightness temperature (i.e. Iν 6∝ ν2). More importantly for us, the brightness
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temperature of the non–thermal emission can bemany orders ofmagnitude higher than
that of a thermally emitting source.
To show this, we first need to obtain the source function, Φν , for the non–thermal
source. From Longair (2011), the emission and absorption coefficents for a power–law
electron energy distribution (N(E) = AE−p) are given by:
jν =
√
3e3BA
16pi2ε0cme
(
3eB
2piνm3ec
4
) (p−1)
2
a(p)
[
Wm−3Sterad−1Hz−1
]
(2.17)
where
a(p) =
√
pi
2
Γ
(
p
4
+ 19
12
)
Γ
(
p
4
− 1
12
)
Γ
(
p
4
+ 5
4
)
(p+1)Γ
(
p
4
+ 7
4
) (2.18)
and
κν =
√
3e3cA
8pi2ε0me
B
(p+2)
2
(
3e
2pim3ec
4
) p
2
ν−
(p+4)
2 b(p)
[
m−1
]
(2.19)
where
b(p) =
√
pi
8
Γ
(
3p+22
12
)
Γ
(
3p+2
12
)
Γ
(
p+6
4
)
Γ
(
p+8
4
) . (2.20)
It then follows that the source function is given by:
Φν =
jν
κν
=
1
2c2
(
3e
2pim3ec
4
)− 1
2 a(p)
b(p)
B−
1
2 ν
5
2
[
Wm−2Sterad−1Hz−1
]
. (2.21)
Here we see that the source function is in fact proportional to ν
5
2 rather than the ν2 ex-
pected for a thermal source. To be able to use Equation 2.16 for non–thermal emission,
we need to define an effective temperature for the synchrotron radiating CRe. This
can be achieved by finding the effective temperature that a blackbody must posses to
produce the observed specific intensity (i.e. Equation 2.11):
Teff =
1
4k
(
3e
2pim3ec
4
)− 1
2 a(p)
b(p)
B−
1
2 ν
1
2 [K] . (2.22)
Finally, we make the approximation that a CRe with energy E radiates all of its energy
at frequency 0.29νc, where νc is the critical frequency defined through:
νc =
3
2
(
E
mec2
)2
eB
2pime
. (2.23)
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The effective temperature then changes to:
Teff ≈
(
0.29
32
) 1
2 a(p)
b(p)
E
k
[K] , (2.24)
and for the case that p = 2:
Teff ∼ 0.19
E
k
[K] . (2.25)
As shown in Equation 2.16, the brightness temperature will tend towards the source
temperature under optically thick conditions. For synchrotron emitting CRe, the effec-
tive temperature and the frequency of the emitted radiation change with CRe energy
(assuming a constant magnetic field), hence the deviation from the ν2 dependence for
a constant temperature source under optically thick conditions. Furthermore, as the
CRe energy is ultra–relativistic, the effective temperature can be incredibly large. For
example, from Equation 2.25 the effective temperature for a 1GeV electron is ∼ 1012 K.
We plot an example non–thermal spectrum in Figure 2.7. When the source is opti-
cally thin, it exhibits a spectral index α = −0.5, but when it becomes optically thick,
this dependence changes to α = 5
2
. The peak brightness temperature in this example
is ∼ 1011 K, which is not too disimilar from those observed in AGN cores with VLBI
observations (e.g. Kovalev et al., 2005).
Now we have a method for differentiating between emission mechanisms based upon
brightness temperatures. Since the brightness temperature for a thermal source is
limited to the source temperature under optically thick conditions, which is typically
∼ 104 K, if we observe a source brightness temperature that is significantly larger than
104 K, it must be a non–thermal source.
The observed brightness temperature is however subject to several caveats:
1. Due to the finite size of the instrument used for the observation, the true source
flux density will be spread out over the instrument’s point spread function. If
the source is unresolved by the observing instrument, the brightness temperature
will be underestimated. This can be seen in Equation 2.11, if Ω gets larger but Sν
remains constant, the observed brightness temperature decreases.
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2. If an interferometer is used for the observation, then emission on large angular
scales may be missed, leading to an underestimate of the source brightness tem-
perature. This issue particularly affects sources that are resolved by the interfer-
ometer, and can be seen in Equation 2.11 as the missing flux will effectively make
Sν smaller.
3. The brightness temperature only corresponds to the source temperature under
optically thick conditions. If the source is optically thin, then the brightness
temperature will underestimate the source thermodynamic temperature. This is
shown in Figure 2.7 as the observed brightness temperature decreases towards
the bottom–right of the plot, where the sources are optically thin.
4. If a background source is observed through an optically thick source, the ob-
served brightness temperature will tend towards that of the foreground source.
This is shown by the green curve in Figure 2.7 where we show a non–thermal
source (blue) being observed through an optically thick thermal source (red). At
the frequency where the foreground (thermal) source becomes optically thick, the
observed emission is exponentially attenuated until it reaches the source func-
tion for the foreground source, which it then follows. The background (non–
thermal) source’s brightness temperature observed in the optically thick regime
would again underestimate the source’s true brightness temperature.
From these caveats, we see that any observed brightness temperature should be inter-
preted as a lower–limit to the true brightness temperature. For each of the observed
sources, we present brightness temperature contours in Figure 2.3 and quote the ob-
served peak brightness temperature for each source in Table 2.3.
2.5 Discussion
2.5.1 Source Classification Criteria
It is very difficult to classify sources found in radio continuum maps at a single fre-
quency based upon their morphology and brightness temperature alone. Instead a
multi–wavelength approach should be adopted to obtain reliable source classifications.
Here we list the criteria we use to classify the observed sources:
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1. Brightness Temperature: As discussed earlier, the source brightness tempera-
ture can be used to immediately differentiate between thermal and non–thermal
sources, assuming that the source is optically thick. For this reason, it is the first
criterion that we consider to isolate sources that are dominated by non–thermal
emission processes. As HII regions are typically observed to have temperatures
∼ 104 K (Hindson et al., 2016), if any source is observed to have a brightness tem-
perature larger than 105 K, we will assume that it is a non–thermal source (i.e.
either a SNR or an unrelated background source, such as an AGN).
2. Spectral Index: As discussed earlier, each radiation mechanism produces a spec-
tral slope that is characterised by the spectral index, α . For sources that are domi-
nated by thermal emission, the spectral index can take values between−0.1≤α ≤
2. For sources dominated by non–thermal emission, the spectral index can in gen-
eral take the values α ≤ 5
2
, however this range can be narrowed down. Galactic
SNR typically have spectral indices in the GHz frequency regime that are in the
range−0.4≤α ≤−0.6 (Green, 2014), whilst compact AGN have been observed to
have steeper spectral indices (α ≤−1.0; e.g. Randall et al., 2011). From these con-
straints, if a source is measured to have a spectral index α ≤ −0.6 , it is likely to
be a background AGN, if a source has a spectral index between −0.4≤ α ≤−0.6
it could plausibly be a SNR and if the source has a spectral index α ≥ −0.1, it
could plausibly be an HII region. It should be noted however that if the source is
resolved and its spectral index is measured from the lower resolution maps pre-
sented in Heesen et al. (2015), the spectral index may be contaminated by emis-
sion mechanisms from other sources (such as diffuse non–thermal emission).
3. Coincident X–Ray Emission: X–ray continuum emission is normally observed
to originate from gas that has been shock heated to temperatures ≥ 106 K (Vink,
2012), from accretion disks surroundingmassive objects (Fabbiano, 2006; Padovani
et al., 2017), from photons that have been boosted up to X–rays through Inverse
Compton scattering, or through the synchrotron emission process (Rybicki and
Lightman, 1979; Longair, 2011). Although HII regions have been shown to radi-
ate X–rays (e.g. Tsujimoto et al., 2006), they are very faint compared to those from
SNR (e.g. Vink, 2012) or AGN (e.g. Georgakakis et al., 2015). Therefore, if we see
X–ray emission spatially coincident with a detected source, it is likely that the
source is either a young SNR or a background AGN. We use the XMM–Newton
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and Chandra data presented in Wang et al. (2005) to search for X–ray sources that
are coincident with our detected sources, and we plot the results in Figure 2.3.
4. Coincident Hα Emission: Hα spectral line emission principally originates from
the recombination of free electrons with protons in an ionized medium to form
neutral hydrogen. Immediately after the electron has combined it is likely to be
in an excited state, and it will cascade down through various energy states be-
fore it reaches the ground state. When the electron passes through the n = 3 → 2
transition it leads to Hα emission at wavelength≈ 656nm. Therefore we expect to
detect Hα emission in the presence of ionized hydrogen. HII regions by definition
are regions of ionized hydrogen, so wewould expect to find bright, co–spatial Hα
emission. For SNR, the gas within the SNR interior (that has been shocked both
by the outer and the reverse shock) is too hot for recombination to occur, hence
there is little observed Hα emission originating there. Instead, Hα emission is
typically observed in the expanding shock front, where interstellar hydrogen that
has been shock–ionized by the outer shock recombines (e.g. Gerardy and Fesen,
2007). This emission is faint however and depends upon the environment the
SNR is expanding into. As core collapse SN are associated with massive stars
(≥ 8M⊙) which have short lifetimes, we would expect to find them within re-
gions of star–formation (i.e. spatially close to HII regions). Therefore, if we see a
compact radio source co–located with Hα emission, the source is likely either an
HII region or a SNR. AGN also produce significant Hα emission, however as the
filters used to observe Hα have a narrow bandwidth (∼ 30 A˚), the Hα emission
will be redshifted out of the observable wavelength range, even at low redshifts
(z ≥ 0.02). We use the Hα map presented in Hunter and Elmegreen (2004) to
search for co–spatial Hα emission with our detected sources, and plot their Hα
map in the top left of Figure 2.1.
5. Coincident 70 µm Emission: 70 µm continuum emission primarily originates
from dust that has been heated to temperatures of ∼ 50K. There are two main
processes that heat the dust to these temperatures, the first is related to star for-
mation and the second is related to AGN activity. In the case of star formation,
massive stars produce copious UV emission which is absorbed and re–emitted as
infrared by surrounding dust (Draine, 2011). As these massive stars produce the
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FIGURE 2.8: Compilation of normalised 70 µm differential source count measure-
ments, taken from Frayer et al. (2006a,b); Be´thermin et al. (2010); Berta et al. (2011)
and Clements et al. (2011). The black line represents the best fitting 3rd order polyno-
mial function to the observed data.
observed HII regions and SNR that we see with radio observations, we would ex-
pect to see 70 µm emission associated with regions of recent star formation. Dust
is also heated in the accretion disks surrounding AGN (e.g., Jaffe et al., 2004),
so we would also expect them to produce significant 70 µm emission. Although
IC 10, background star–forming galaxies and backgroundAGN all produce 70 µm
emission, we do not expect to see any emission from background sources. This
is illustrated if we consider the normalised source counts at 70 µm measured by
Frayer et al. (2006a,b); Be´thermin et al. (2010); Berta et al. (2011) and Clements
et al. (2011), which we present in Figure 2.8. We adopt a model for the data by
fitting polynomial functions until we find the best fit through comparing the re-
duced χ2 statistic between fits. The best fit was found to be a 3rd order polyno-
mial, which we plot over the data in Figure 2.8. After dividing by S2.5 to obtain
the differential source counts, we integrate the differential source counts between
3 times the rms noise level (0.3mJy) for the 70 µm used for this analysis (Madden
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et al., 2013, which is presented in the top right of Figure 2.1) and 1000mJy. We
find that we would expect ∼ 0.005 sources that are coincident with IC 10’s main
disk, i.e. it is very unlikely that any of the emission that is seen in the map at
70 µm originates from background sources. Therefore if we see co–spatial 70 µm
emission with a radio source, it is likely to be a star–formation product belonging
to IC 10 (i.e. an HII region or SNR).
6. Coincident HI Emission: Finally we consider HI emission that originates from
neutral atomic hydrogen found within the ISM. HI emission arises due to a hy-
perfine ground state transition, where an electron’s spin state decays from par-
allel with respect to that of the proton spin to anti–parallel, producing emission
at 1420.4051MHz. Stars typically form in molecular clouds (Larson, 1981), which
themselves appear to form when neutral atomic hydrogen approaches a satura-
tion density (Bigiel et al., 2008). Therefore we would expect to see HI emission
near regions where star formation has recently started. After stars have formed,
the combined effect of stellar winds and SNe drive the gas away from the star
formation site, generating bubbles in the ISM. This is seen in the HI map of IC 10
from Hunter et al. (2012), which we present in the bottom–right of Figure 2.1.
Therefore, we would expect to find young HII regions associated with HI emis-
sion and older HII regions and SNR towards the centres of the observed bubbles.
So far we have only considered a classification scheme that is largely time independent
(i.e., we have assumed that IC 10 has not changed between each of the presented ob-
servations). Currently, we only have access to e–MERLIN maps at one epoch, however
it has been shown that with a long enough time baseline (∼ 10 yrs), it is possible to
measure SNR expansion rates to further constrain observed source properties (Beswick
et al., 2006; Fenech et al., 2008).
2.5.2 Expected Number Of Background Sources
Before we classify each of the detected sources on an individual basis using the scheme
discussed above, it is useful to first estimate the number of background sources that
we would expect to fall within IC 10’s main star–forming disk. We can estimate the
total number of background sources by analysing differential source counts at 1.4GHz
Chapter 2. Compact SF Products In IC 10 84
FIGURE 2.9: Compilation of 1.4GHz differential source count measurements taken
from Fomalont et al. (1974); Machalski (1978); Condon et al. (1982b); Condon and
Mitchell (1982); Windhorst et al. (1984, 1985); White et al. (1997); Gruppioni et al. (1997,
1999); Ciliegi et al. (1999); Richards (2000); Prandoni et al. (2001); Hopkins et al. (2003);
Seymour et al. (2004); Simpson et al. (2006) and Morrison et al. (2010). The black line
represents the best fitting analytic shell model from Kellermann and Verschuur (1988).
from the literature, and assuming that the Universe is isotropic and homogeneous (i.e.,
it looks roughly the same in all directions). A differential source count is defined as
the number of sources at a particular flux density (S1.4GHz) that is typically found in
1 steradian of sky area and is usually presented in such a way as to emphasize devi-
ations from a non–expanding Universe governed by Euclidean geometry, where the
differential source counts would be proportional to S−
5
2 . The source counts for sources
with flux densities ≥ 1 Jy are usually measured using shallow, wide area surveys as
sources of this brightness tend to be rare, whereas the fainter populations ≤ 1mJy can
only be measured with deep, pencil–beam surveys. We present a compilation of differ-
ential source count measurements from both survey types in Figure 2.9.
It is apparent from Figure 2.9 that the source counts follow an approximately inverted
parabolic shape at flux densities between 1mJy≤ S1.4GHz ≤ 10 Jy, which appears to flat-
ten out at both higher and lower flux densities. To correctly model the observed source
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counts, detailed knowledge about the geometry of the Universe and how the 1.4GHz
galaxy luminosity function evolves with redshift is required, which is an area of active
research (and beyond the scope of this thesis; Massardi et al., 2010; Bonato et al., 2017).
Instead, we adopt the simplified shell model presented by J.J. Condon in Kellermann
and Verschuur (1988) as our source counts model. The shell model assumes that most
observed radio sources are confined to a thin shell at redshift z ≈ 0.8 with an average
spectral index α ≈ −0.7, and that the 1.4GHz galaxy luminosity function at a given
redshift can be found by scaling the local 1.4GHz luminosity function. We assume
that the local luminosity function can be represented by two parabolic approximations
as presented in Condon et al. (2002), one for the population of AGN and another for
the normal star–forming galaxies. We then use a least squares fitting procedure to fit
the model to the assembled source count complation. We present the best fitting shell
model as the black line in Figure 2.9. The inverted parabolic shape is then interpreted as
the contribution from AGN at the shell redshift, the flattening at high flux densities can
be interpreted as the contribution from galaxies that are closer than the shell redshift
and the flattening at low flux densities is due to the contribution of fainter star–forming
galaxies. The shell model provides a good fit to the observed source counts except at
high flux densities, however as there are relatively few bright sources, it will not signif-
icantly affect our estimate for the total number of background galaxies.
We estimate the total number of background galaxies by first dividing the normalised
differential source count model by S
5
2 and then multiplying the model by the complete-
ness estimates given in Section 2.4.1. We then integrate the resulting function between
1 µJy and 10 Jy to obtain the expected number of background sources. From this analy-
sis we expect 5±2 sources that we detect to be background sources that are not related
to IC 10.
2.5.3 Individual Source Notes
In this section we briefly discuss each source in turn with reference to the classification
criteria discussed in Section 2.5.1.
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Source 1 (WBBH J002017+591839.7)
This is the brightest source that we detect in our e–MERLIN observations and it also has
the largest angular size. There is evidence in the presented contour maps for a ‘clean
bowl’, hinting that we aremissing flux from this source due to the lack of short spacings
in the e–MERLIN array. This source has a peak brightness temperature ≥ 5000K at
1.5GHz and has a relatively flat low–resolution spectral index, α ∼ −0.3. There is no
observed X–ray emission associated with this source, but there is emission observed in
both the Hα and 70 µmmaps. The source is coincident with a depression between two
‘holes’ in the large scale HI emission, as shown in the bottom–right of Figure 2.1. In
view of this evidence, we classify this source as a compact HII region within IC 10.
Source 2 (WBBH J002027+591728.7)
This source is resolved with a peak brightness temperature ≥ 8000K at 1.5GHz and
is observed to have a flat low–resolution spectral index equal to α ≈ −0.1. There is
no observed X–ray emisison associated with this source, but this source is spatially
coincident with significant Hα and 70 µm emission. The source is coincident with a
peak in the large scale HI emission, indicating that star–formation is possibly being
fuelled at this location. Furthermore, there are several Wolf–Rayet stars that are located
nearby (Massey et al., 1992; Crowther et al., 2003). It is therefore likely that this source
is a compact HII region within IC 10.
Source 3 (WBBH J002015+591853.9)
This source has an unusual extended morphology, and is located spatially close to
Source 1. This source has a comparatively low brightness temperature ≥ 3000K and
has a steep low–resolution spectral index α ≈ −1.0. This source is associated with X–
ray emission, but not with compact sources in either the Hα or 70µmmaps. There is no
apparent coincident HI emission with this source. Source 3 is separated by ∼ 23” from
Source 1, which corresponds to a distance of 78 pc at IC 10’s assumed distance. Follow-
ing Hindson et al. (2018), assuming the stars have a stellar velocity dispersion equal to
5kms−1, and that a SN progenitor lives for ∼ 55Myr, the furthest distance we would
expect a massive star to travel from its birthplace is∼ 250pc. Therefore, we cannot rule
out that Source 3 is not a SNR whose progenitor originated from the star–formation
episode that created Source 1. That being said, based upon the steep low–resolution
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spectral index observed for this source, we prefer to classify it as a contaminating back-
ground galaxy.
Source 4 (WBBH J002027+591706.1)
Source 4 is spatially located close to Source 2 and shares similar properties. It is re-
solved, with a peak brightness temperature≥ 5000K and a relatively flat low–resolution
spectral index α ≈ −0.4. There is no X–ray emission associated with this source, but
there is significant associated Hα and 70 µm emission. This source is coincident with
a peak in the observed large scale HI distribution, which indicates that star–formation
may be ongoing at this location. Source 4 is located in the outskirts of the non–thermal
superbubble (Yang and Skillman, 1993; Heesen et al., 2015), and there are several Wolf–
Rayet stars nearby. From this evidence, we classify Source 4 as a compact HII region
within IC 10.
Source 5 (WBBH J002008+591540.2)
This source is unresolved in both the 1.5 and 5GHz e–MERLIN observations and lo-
cated towards the southern outskirt of IC 10’s main disk. The source has a brightness
temperature ≥ 11000K and has a steep observed spectral index α = −1.3. There is co-
incident X–ray emission but no associated emission in the Hα or 70µm maps. From
these observations, it is likely that this source is a contaminating background galaxy.
Source 6 (WBBH J002027+591843.7)
This source is unresolved and located towards the North-East of IC 10’s main disk. The
source has a brightness temperature equal to ≥ 9000K at 1.5GHz, but it is not detected
in our 5GHz e–MERLIN observations. We therefore measure an upper–limit for the
spectral index α ≤ −2.3. The source is spatially close to but separate from a Chandra
X–ray source, and is not associated with Hα or 70 µm emission. The source appears
co–spatial with one of the shells apparent in the HI distribution, however based on the
other evidence, it is likely to be a contaminating background galaxy.
Source 7 (WBBH J002018+591740.9)
This source has a resolved, diffuse structure with a sharp peak above the 5σrms de-
tection threshold, and is located roughly in the centre of IC 10’s main disk. In Figure
2.3 we display a contour map that we convolved to a resolution of twice the naturally
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weighted synthesised beam to highlight this diffuse emission. We carried out the same
analysis as for the other sources but with a beam that was twice the size. The peak
brightness temperature for this source was found to be just 700K, with a low–resolution
spectral index equal to α ≈−0.4. The source is not associated with X–ray emission, but
is with emission in both the Hα and 70 µmmaps. There is additional emission at a 3σ
significance level located ∼ 2′′.5 (8 pc) towards the south–east, which may be related
to the source. Source 7 is likely a star–formation product within IC 10, however with
the current e–MERLIN observations it is difficult to ascertain whether it is a peak in a
diffuse HII region or part of an evolved SNR shell. Future VLA 1.5GHz A–array obser-
vations would be required to determine the full extent of the source and VLA 10GHz
A–array observations would be required to obtain a high–resolution spectral index for
this source to aid in source classification.
Source 8 (WBBH J002019+591802.3)
This source is partially resolved and located towards the centre of IC 10. Source 8 has a
high brightness temperature equal≥ 8000K and a relatively flat low–resolution spectral
index α ≈ −0.2. There is no observed X–ray emission associated with this source, but
there is significant associated emission in both the Hα and 70µm maps. Although the
source is quite compact in the 1.5GHz e–MERLIN map, it is apparently resolved out
in the 5GHz e–MERLIN map. It is therefore likely that Source 8 is a peak in a more
extended HII region located within IC 10.
Source 9 (WBBH J002033+591942.9):
This source is unresolved and located towards theNorth–East of IC 10’s main star form-
ing disk. The source appears to have an extension to the East in the 1.5GHz e–MERLIN
map but is not detected in the 5GHz e–MERLIN map. We obtain a peak brightness
temperature ≥ 4000K for this source, and a upper limit to the spectral index α ≤−1.7.
The source is not associated with X–ray, Hα of 70 µm emission, and appears spatially
isolated from IC 10’s main disk. Due to this evidence, we classify Source 9 as a contam-
inating background galaxy.
Source 10 (WBBH J002008+591955.2)
Source 10 is unresolved and located towards the North–West of IC 10’s main star–
forming disk. The source has an observed peak brightness temperature ≥ 3200K and a
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relatively steep spectral index α ≈−0.8. The source is coincident with an XMM X–ray
source; there is no corresponding emission in either the Hα or 70 µmmaps. This source
appears offset from a shell in the observed HI distribution. This evidence suggests that
Source 10 is a contaminating background source.
Source 11 (WBBH J001951+591644.2)
Source 11 is a faint, unresolved source that is located towards the West of IC 10’s main
disk. It is seen in the 1.5GHz e–MERLIN map, but not the 5GHz e–MERLIN map.
We observe a peak brightness temperature ≥ 2000K and derive an upper limit for the
spectral index α ≤ −1.2. This source is not associated with an X–ray source or 70µm
emission. We cannot check whether there is any associated Hα emission as the Hunter
and Elmegreen (2004) map does not extend to this part of the galaxy. Due to its isolation
from the rest of the galaxy, we classify Source 11 as a contaminating background galaxy.
To summarize, we determine that 4 sources are HII regions within IC 10, 6 sources
are contaminating background galaxies and 1 source is likely a star–formation product
within IC 10, but it is currently unclear whether it is part of an HII region or part of a
SNR shell.
2.5.4 Compact HII Regions Within IC 10
As discussed above, we determined that sources 1,2,4 and 8 are likely to be (or at least
part of) HII regions located within IC 10. The source of ionising Lyman continuum
photons that produce these HII regions are the young massive O and B type stars
(Stro¨mgren, 1939). If we assume that all detected radio emission from these sources
at 1.5GHz is thermal in origin, we can calculate the production rate of Lyman contin-
uum photons required to produce the observed radio emission. By comparing these
results with the outputs from stellar population synthesis models, we can determine
an estimate for the total stellar mass contained within the star clusters responsible for
the observed HII regions.
To estimate the total production rate of Lyman continuum photons for each detected
compact HII region, we apply Equation 2 from Condon (1992):
(
NUV
s−1
)
& 6.3×1052
(
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104K
)−0.45( ν
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1020WHz−1
)
(2.26)
Chapter 2. Compact SF Products In IC 10 90
TABLE 2.5: Determined HII Region properties
Source NUV Stellar Cluster Mass # SNe
1 ≥ 3.1×1050 s−1 ≥ 22000M⊙ & 266
2 ≥ 1.3×1050 s−1 ≥ 9500M⊙ & 115
4 ≥ 7.0×1049 s−1 ≥ 5200M⊙ & 63
8 ≥ 3.3×1049 s−1 ≥ 2400M⊙ & 29
Notes: # SNe is the total number of expected SNe over the entire lifetime of the HII
region assuming a Miller–Scalo IMF with all stars greater than 8M⊙ exploding as SNe.
where Te is the electron temperature, ν is the observed frequency and LT is the HII re-
gion luminosity. We note that estimates of the Lyman continuum photon production
rate using this formula will be a lower limit, as not only are we resolving out some
of the extended emission associated with these soures, some Lyman continuum pho-
tons may also be absorbed by dust within the HII regions themselves. Assuming an
electron temperature Te = 10
4K and an observing frequency ν = 1.5GHz, we calculate
and present the Lyman continuum photon production rate required to produce the ob-
served HII regions in Table 2.5.
We then used Starburst99 (Leitherer et al., 1999) to produce models for the Lymann
continuum production rate as a function of time for various stellar cluster masses. We
assume a Miller–Scalo IMF (Miller and Scalo, 1979), that all star formation takes places
in a single instantaneous burst at t=0 and that all stars larger than 8M⊙ explode as SNe.
We also assume Geneva evolutionary tracks with standard mass loss at a metallicity of
Z=0.004 (Charbonnel et al., 1993) as this metallicity closely reflects that observed for
IC 10 (Garnett, 1990; Leroy et al., 2006). We plot the derived models, along with the
measured Lyman Continuum production rate in Figure 2.10.
Each of the models for the Lyman continuum production rate have the same shape,
the production rate is constant for the first ∼ 106.5 yr before sharply declining due to
the massive stars that produce the Lyman continuum emission exploding as SNe. As
we do not know the age of the observed HII regions, we do not know if any of the
massive OB stars have already exploded as SNe. However, as these sources are also
observable in the Hα map (see Figure 2.1), it is likely that no SNe have yet disrupted
the Lyman continuum production rate and that we are observing these HII regions
in the early constant production phase. Comparing our observed Lyman continuum
production rate with the constant phase predicted from Starburst99 will therefore give
a reasonable estimate of the lower limit for the stellar cluster mass.
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FIGURE 2.10: Starburst99 models of the Lyman continuum production rate as a func-
tion of time for 4 cluster masses. The solid lines represent the Lyman continuum pro-
duction rate for clusters of mass (from top to bottom) 104.5, 104, 103.5 and 103 M⊙. The
blue points represent the Lyman Continuum production rates derived (from left to
right) for sources 1,2,4 and 8. Note that we do not know the age of the observed HII
regions and so the position on the time axis was arbritraily chosen to clearly iden-
tify where each source lies with respect to the constant Lyman continuum production
phase.
We determine the stellar masses for each detected HII region by interpolating between
the constant production phase for each Starburst99 model. The derived lower limits for
the cluster masses along with the total number of expected SNe originating from these
clusters are presented in Table 2.5. These estimates do not vary hugely with assumed
metallicity, but dowith assumed IMF. Re-running the simulations again assuming solar
metallicity results in a 5 percent increase in the cluster mass, however, re-running the
simulations assuming a Salpeter IMF (Salpeter, 1955) results in a 50 percent decrease
in the cluster mass. The derived cluster masses for sources 1 and 2 are larger than the
average stellar cluster found within the LMC whereas sources 4 and 8 reflect a more
typical cluster mass (Hunter et al., 2003). For reference, the derived cluster mass for
source 1 is approximately half that of 30 Doradus in the LMC (Hunter et al., 1995;
Andersen et al., 2009).
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Using the derived cluster masses required to produce the observed radio–continuum
emission, we can obtain a rough estimate for the star–formation rate contained within
the observed compact HII regions in IC 10. As we cannot tell the age of the HII re-
gion, the star formation rate we derive should be interpreted as the star–formation
rate averaged over the time the HII region has existed for. We will therefore assume
that the HII regions we are observing in IC 10 are all at the point where the first mas-
sive stars will explode as SNe, which is around 106.5 yr (∼ 3Myr). By adding up the
cluster masses in Table 2.5 and dividing by 106.5yr, we obtain a star–formation rate
equal to SFRT H ≈ 0.01M⊙yr−1. This number should be interpreted as a lower limit for
the star–formation rate within IC 10 based upon the fact that radio–continuum emis-
sion is likely to be resolved out in the presented high–resolution observations, some
of the ionizing Lyman continuum photons may have been absorbed by dust within
the HII regions themselves or escaped the HII regions, and that we do not know ex-
actly when the stars formed leading to the HII regions (it should also be noted that
we have assumed that all stars formed instantaneously in the Starburst99 simulations,
which effectively makes the star–formation rate meaningless unless it is averaged over
a characteristic timescale). As both thermal radio–continuum emission and Hα emis-
sion originate from hydrogen that has been ionized by nearby massive stars, they trace
star formation over the same timescale (Kennicutt and Evans, 2012). Therefore we can
directly compare the star–formation rate derived from Hα observations with the star–
formation rate we determine from the thermal radio continuum. Hunter et al. (2012)
derive SFRHα ≈ 0.07M⊙yr−1 (where we have scaled the originally presented SFR to be
compatible with a Miller–Scalo IMF; Miller and Scalo 1979), which is almost an order
of magnitude larger than our rough estimate from the compact HII regions. Although
there are many observational effects that affect the interferometric radio observations
(such as the missing flux issue), this result demonstates that high–resolution radio con-
tinuum studies of extra–galactic HII regions can be used to place useful limits on a
galaxy’s star–formation rate averaged over the last 106.5 yr.
Finally, the 320MHz GMRT observations by Basu et al. (2017) show that sources 1 and
2 exhibit the signature of free–free absorption, which has been further confirmed for
source 1 with 140MHz LOFAR observations presented by Heesen et al. (2018b). This is
a useful confirmation that the presented classification is correctly identifying compact
HII regions.
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2.5.5 SNRWithin IC 10
None of the observed e–MERLIN sources have yet been conclusively classified as SNR,
with only one source possibly fitting into that category. As IC 10 is observed to have a
high star–formation rate surface density (≈ 0.08M⊙yr−1kpc−2; Hunter et al. 2012), it is
important to ask why we do not observe many SNR with the presented observations.
First we will consider the total number of SNR that we expect to observe within IC 10,
based on its current observed star–formation rate. Assuming that the star–formation
rate is constant, the supernova rate can be found through:
νSNe = φSFR×
∫Mupper
MSNe
ξ (m)dm∫Mupper
Mlower
mξ (m)dm
[
yr−1
]
, (2.27)
where φSFR is the current measured star–formation rate in M⊙yr−1, Mupper and Mlower
are the assumed upper and lower stellar mass limits, MSNe is the SNe mass threshold
above which stars that are more massive are assumed to explode as SNe, and ξ (m) is
the initial mass function normalised so that
∫Mupper
Mlower
ξ (m)dm = 1. The numerator in the
fraction is the relative fraction of stars that will explode as SNe and the denominator is
the average stellar mass for the assumed IMF. For a Miller–Scalo IMF (Miller and Scalo,
1979) with Mlower = 0.1M⊙, Mupper = 100M⊙ and MSNe = 8M⊙, the supernova rate is
related to the star–formation rate through:
νSNe = 0.012φSFR. (2.28)
Given that the SFR in IC 10 is observed to be ≈ 0.07M⊙yr−1 (Hunter et al., 2012), and
that a SNR is typically observable for 104 yr (Strong et al., 2007), we would expect to
observe ≈ 8± 3 SNR, where the uncertainties arise from the Poisson counting uncer-
tainty. Under these assumptions, it is unlikely that it is entirely by chance that we are
not observing any compact SNR. There are three possible reasons for this:
1. We are resolving out emission from SNR
A potential way wemay be missing SNR is by resolving them out. As e–MERLIN
consists of predominantly long baselines (6–220 km), it is only sensitive to emis-
sion that occurs on small angular scales. e–MERLIN essentially begins to resolve
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out sources that have angular sizes larger than 2′′ at 1.5GHz5. Studies of SNR
in the Magellanic clouds (Filipovic and Bozzetto, 2017) reveal an average SNR
diameter equal to ∼ 40pc, which is similar to the average sizes of SNR found
in M33 (Long et al., 2010) and M31 (Lee and Lee, 2014). Scaling this to our as-
sumed distance of 0.7Mpc, we would expect an average SNR in IC 10 to have
an angular size equal to ∼ 12′′. As the average SNR size is much larger than the
scale at which e–MERLIN begins to resolve out emission, it is plausible that we
are resolving out SNR candidates with the presented observations. This can al-
ready be seen in IC 10 if we focus on the non–thermal superbubble (Yang and
Skillman, 1993; Heesen et al., 2015). The non–thermal superbubble is believed to
be the result of either a hypernova (Lozinskaya andMoiseev, 2007) or a collection
of smaller SNe (Yang and Skillman, 1993), however it is not observed in the pre-
sented e–MERLIN observations due to its large angular size (∼ 50”). It should be
noted that even though we are resolving out SNR, we should still be sensitive to
bright compact structure associated with expanding SNR shells.
Most of the SNR that are ∼ 40pc in size are in the Sedov–Taylor phase of their
evolution, where observable SNR will spend most of their time (∼ 104yr; Strong
et al. 2007). We can also ask the question of how many SNR we would expect
to see that are smaller than 2”. A rough calculation using equations detailed in
Draine (2011) reveals that SNR appearing to be 2′′ in size would be ∼40 yr in
age and still in the short–lived free expansion phase (Draine, 2011). Therefore
we would expect a very small fraction of potentially observable SNR to not be
resolved out in the presented e–MERLIN observations. It is therefore likely that
we are resolving out most, if not all of the SNR within IC 10.
2. There may be environmental factors that affect SNR detectabillity
There are other factors that may affect the detectability of SNR. For example the
brightness of the non–thermal synchrotron emission depends upon the strength
of magnetic fields the CRe are interacting with. Base magnetic fields are am-
plified in SNR shockfronts (Guo et al., 2012), although predicting the degree to
which they are amplified is complicated (e.g. Matthews et al., 2017). From the
Rankine–Hugoniot jump conditions, we would expect at least an enhancement
in the magnetic field of a factor ∼ 4 for strong shocks, based upon compression
5See e–MERLINCycle 4 capabillities available at http://www.e-merlin.ac.uk/observe/cycle4.html
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alone (Draine, 2011). The base magnetic field strength is related to the density of
the gas in the ISM (Valle´e, 1995; Niklas and Beck, 1997), which is typically smaller
in dwarf galaxies (Hunter et al., 2012). Therefore, if the base magnetic field is
smaller, we would expect a SNR to be fainter. It is possible then that SNR within
IC 10 are fainter than those taking place in denser environments (such asM82 and
Arp 220). Furthermore, SNR expanding into less dense environments will expand
at a faster rate, meaning that they will be resolved out earlier in their evolution.
This situation may be occurring within the non–thermal superbubble, where we
do not observe any compact radio sources. The initial growth of superbubbles
in general is thought to originate from the winds of massive stars, which rar-
ify their immediate environment (Krause et al., 2013). As these stars explode as
SNe, their shockwaves will quickly propagate through the rarified ISM until they
reach the outer, dense superbubble shell, where they can produce substantial ra-
dio emission. Although the magnetic field strength within the superbubble is
high (44±8 µG; Heesen et al. 2015), its low density would mean that shocks will
quickly become resolved out by e–MERLIN.
3. We may be observing IC 10 at a special time
Finally, it is also plauseable that we are simply observing IC 10 at a special time,
where the observed massive stars have formed in the most recent star–formation
burst but have not yet had time to explode as SNe. Evidence for this scenario in-
cludes the large numbers of short lived Wolf–Rayet stars (with lifetimes ∼ 105 yr;
Crowther 2007) observed within IC 10 (Crowther et al., 2003), and the high ob-
served thermal fraction at 1GHz (∼ 30%) found in studies of its integrated radio
continuum properties (Klein et al., 2018). Furthermore, the ‘holey’ appearance of
the large scale HI distribution indicates that IC 10 has a bursty star formation his-
tory (Wilcots andMiller, 1998), which means that our assumption of constant star
formation will break down. Therefore, our estimate of 8±3 observable SNe may
be an overestimate if the star–formation rate has increased significantly over the
last 10Myr. The non–thermal superbubble in this scenario would correspond to
the massive stars that formed towards the beginning of the star–formation burst,
that have recently exploded as SNe (within the last 4Myr; Heesen et al. 2015).
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As we expect to find so few SNR in general, it is unlikely that we are observing any
young SNR with the presented e–MERLIN observations. Instead we are more likely
to be observing compact HII regions and background sources. In general, e–MERLIN
would be well suited to observe SNR at 1.5GHz in galaxies that are at distances >
4Mpc. At this distance, the average SNRwould appear∼ 2′′ in size and the SNRwould
not be resolved out due to the lack of short baselines in the e–MERLIN array. For galax-
ies that are closer than 4Mpc, e–MERLIN observations should be combined with VLA
A–array observations which provide the required sensitivity to large scale emission in
order to identify possible SNR candidates within these galaxies.
2.5.6 Updated Integrated Flux Density Measurment
Total flux density measurements of galaxies are typically determined through single
dish observations, which are often contaminated by background sources. As dwarf
irregular galaxies are intrinsically faint in radio continuum, the background sources
could dominate the observed radio emission, resulting in an incorrect measurement of
the total radio emission from the galaxy itself (Hindson et al., 2018). With this current
study, we identify potential background sources and use our high–resolution maps to
update literature integrated flux density measurements accordingly.
We use the measurements from Chyz˙y et al. (2016), which are 377±11mJy at 1.43GHz
and 222±9mJy at 4.85GHz, as the integrated flux measurements for IC 10. These mea-
surements have already been corrected for the presence of 4 background sources that
are observed in the halo of the galaxy, but not for the existence of background sources
within the main star–forming disk. We use our high resolution e–MERLIN maps to
identify background sources within IC 10’s main disk, but measure the total flux den-
sity for these sources from lower resolution VLAmaps presented inHeesen et al. (2015).
The e–MERLIN sources can easily be identified in the lower resolution VLA maps and
by using this method, we minimise the amount of flux that we miss due to missing
short spacings.
As the VLAmaps were taken at 1.5GHz and 6GHz, we use the spectral index between
the Chyz˙y et al. (2016) measurements (α =−0.43±0.09) to find the expected integrated
flux densities at these frequencies. We then measure the flux density of sources that are
determined to be background sources from the VLA maps using the AIPS task JMFIT.
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We subsequently subtract these sources (sources 3, 5, 6, 9, 10 and 11), along with 4
additional faint sources detected in IC 10’s halo to obtain a corrected flux density of
352±11mJy at 1.5GHz and 199±9mJy at 6GHz.
Subtracting the contaminating background sources in IC 10’s main disk results in only
a 4 per cent decrease in the flux density at 1.5GHz and a 2 per cent decrease at 6GHz.
Contaminating background sources therefore do not contribute significantly to the over-
all flux density measured from IC 10 at radio wavelengths, and previous analysis con-
cerning its integrated properties remains valid.
2.6 Conclusions
We present high-resolution e–MERLIN observations of the compact radio sources co-
incident with the main star–forming disk of the nearby dwarf Irregular galaxy IC 10 at
both 1.5GHz and 5GHz. Our main conclusions are as follows:
1. Our e–MERLIN observations reveal 11 compact radio sources at 1.5GHz coin-
cident with IC 10’s star–forming main disk, 5 of which also have detections at
5GHz. We classify our sources based on their brightness temperature, measured
spectral index (if the source is unresolved at both 1.5GHz and 5GHz) or low–
resolution literature spectral index (if the source is extended) and whether the
source is coincident with emission at X–ray, Hα , 70 µm and HI emission.
2. From this multi–wavelength classification procedure, we classify 4 sources (1,2,4
and 8) as compact HII regions within IC 10, 6 sources (3,5,6,9,10 and 11) as con-
taminating background galaxies and one source (7) that is yet to be firmly clas-
sified, although it is likely a star–formation product within IC 10. The number
of observed background sources is in good agreement with that expected from
analysing literature source counts (5±2 coincident background sources).
3. Most of the observed sources that are associated with IC 10 are compact HII re-
gions. Based on Starburst99 models, we determine lower limits for the stel-
lar cluster masses required to produce the observed compact HII regions; the
largest of which is about half the size of 30Doradus in the LMC. We estimate
a lower limit for the star–formation rate within the detected compact HII regions,
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SFRHII ≥ 0.01M⊙yr−1, which is roughly an order of magnitude smaller than the
total star–formation rate found from Hα studies (SFRHα ≈ 0.08M⊙yr−1). This
demonstrates that extinction–free radio–continuum studies of compact HII re-
gions in other galaxies can be used to place valuable constraints on the current
star–formation rate.
4. Based on the timescale over which SNR are typically observable and the limited
sensitivity to structures more extended than 2′′, we expect that we will not be able
to detect any SNR with the current e–MERLIN observations. The only SNe we
would expect to be able to detect are very young SNR, but it is unlikely that we
would observe any due to a combination their short observable timescales and
the low total SFR observed in IC 10. We explore other possible factors that could
affect SNR detectability in dwarf Irregular galaxies and conclude that e–MERLIN
alone is well suited to study SNR in galaxies located at distances greater than
4Mpc due to the spatial frequencies covered by the array. For galaxies closer
than 4Mpc, additional VLA observations are required to fully cover the spatial
scales that SNR candidates occupy.
5. We present updated integrated flux densities for IC 10, where we subtract the
contribution from background sources from literature and our own data. We find
a 4 per cent reduction in the measured flux at 1.5GHz and a 2 per cent reduction
at 4.85GHz. These adjustments are minimal, hence previous literature analysis
concerning its integrated radio properties remains valid.
Further observations are required to fully classify the observed resolved sources. Ide-
ally, VLA A–array observations taken at 10GHz will match the uv–coverage of the cur-
rent 1.5GHz observations and allow for reliable spectral indices for all detected sources
to be determined. Further A–Array observations at 1.5GHz would provide sensitivity
to larger spatial scales to aid in the detection and characterisation of SNR.
Because of the low integrated SFR of individual dIrr galaxies, the small numbers of
detected sources are subject to low-number statistics. In order to make progress, rather
than targeting individual dIrr systems, an ensemble would need to be observed and
statements made on a statistical basis. In contrast, larger star–forming spiral and star-
burst galaxies will contain many more compact sources and could be analysed on a
galaxy by galaxy basis.
Chapter 3
The Radio Continuum Properties of
the dIrr Galaxy NGC1569
3.1 Introduction and Motivation
As we have already discussed in Chapter 1, the observed radio continuum emission
from normal star–forming galaxies are made up of two key emission processes that are
both closely related to recent star–formation (Condon, 1992). The thermal radio contin-
uum emission has been shown to be a direct tracer of instantaneous star–formation that
holds across many different galaxy types (Murphy et al., 2012; Tabatabaei et al., 2017).
Although thermal radio emission is an ideal, extinction–free tracer of star–formation
(Murphy et al., 2011), it is intrinsically faint due to its low brightness temperature of
typically 104 K, and is typically overwhelmed at frequencies < 30GHz by non–thermal
radio continuum emission, and at frequencies> 200GHz by the thermal re–radiation of
stellar light by dust. The non–thermal emission originates from CRe that have been ac-
celerated in supernova shock–fronts (Krymskii, 1977; Axford et al., 1977; Bell, 1978a,b;
Blandford and Ostriker, 1978; Drury, 1983; Reynolds, 2008) and is much brighter and
more accessible at ∼ GHz frequencies. Yet its relationship to star–formation is far more
complicated than thermal radio emission, as CRe acceleration, diffusion (where the CRe
experience losses, mainly due to interactions with magnetic fields in the ISM or Inverse
Compton scattering) and escape determine the observed non–thermal radio emission
characteristics.
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Regardless of which emission mechanism is studied, both emission components need
to be reliably separated, and their associated uncertainties characterised, before any
analysis can take place. The ideal separation procedure involves taking radio observa-
tions that fully sample radio frequency space, and fitting the thermal and non–thermal
components simultaneously. In practice however, only a few (2–3) radio frequencies
are available, which results in large degeneracies between the fitted thermal and non–
thermal components (Niklas and Beck, 1997). Furthermore, standard χ2 fitting proce-
dures may underestimate the true uncertainties associated with the separation (Con-
don, 1992). To counter this problem, authors tend to use extinction–corrected Hα emis-
sion maps as a proxy for the thermal radio emission (e.g. Heesen et al. 2014), and
subtract this contribution to isolate the non–thermal emission. Although this method
significantly reduces the degeneracy between the two components, the corrections for
galactic foreground and internal absorption can be highly uncertain (Basu et al., 2017),
and are not normally properly accounted for in the rest of the analysis. As demon-
strated by Tabatabaei et al. (2017), a Bayesian methodology can be used to reliably
estimate the uncertainties associated with the separation, and this type of analysis al-
lows prior information to easily be incorporated to reduce the fit degeneracies (Sharma,
2017). This motivated us to develop a Bayesian methodology that uses the Hα emis-
sion as a prior, to separate the thermal and non–thermal radio emission components in
a given galaxy on a beam by beam basis.
In this chapter, we present our Bayesian separation procedure and the results obtained
by applying it to VLA observations of the dIrr galaxy, NGC1569.
3.2 NGC1569
NGC1569 (Figure 3.1) is a nearby (located at a distance of 3.2Mpc; Lelli et al., 2014)
dIrr galaxy that, similarly to IC 10, has recently undergone a recent starburst phase.
Analysis of NGC1569’s super star clusters (Hunter et al., 2000) and colour magni-
tude diagram (Angeretti et al., 2005; McQuinn et al., 2010) indicates that the starburst
phase started ∼ 100Myr ago and finished ∼ 10Myr ago. Additional observations of
the turbulent gas kinematics found in HI observations (Johnson et al., 2012) and evi-
dence for galactic outflows found in Hα (Waller, 1991), HI (Johnson et al., 2012), radio–
continuum (Lisenfeld et al., 2004), and X–ray (Martin et al., 2002) observations provide
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FIGURE 3.1: 2′×2.′7 field of view composite Hubble Space telescope map of NGC1569
from the observations presented in Grocholski et al. (2008). The map was constructed
from the F606W (V), F814W (I) and F658N (Hα) filters.
further evidence for this recent starburst phase picture. Large-scale HI observations
of the sky surrounding NGC1569 indicate that an interaction with the dwarf irregular
galaxy UGCA92 is a possible cause of the recent starburst (Johnson, 2013). Although
the starburst phase has finished, the current star–formation rate within NGC1569 is ob-
served to be high compared to its lifetime average (see Figure 8 in McQuinn et al. 2012),
and is considerably higher than that normally found for dwarf galaxies (∼ 0.01M⊙yr−1;
Hunter and Elmegreen 2004; Hunter et al. 2012). We present a summary of NGC1569’s
key properties in Table 3.1.
These observed properties make NGC1569 an ideal candidate to test separation meth-
ods for 3 main reasons:
1. It is nearby, bright and well studied in many wavelength regimes. There is a great
deal of ancillary data, which the recovered results can be compared against.
2. As most of the recent star–formation occurred in a single burst, the non–thermal
radio emission properties can be characterised by a single CRe population. Fur-
thermore, as NGC1569 is small, few CRe will experience spectral aging before
escaping the main disk into the halo (Israel and de Bruyn, 1988; Kepley et al.,
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TABLE 3.1: Key NGC1569 properties
Property Value Reference
αJ2000 (hh mm ss) 04 30 49.0 –
δJ2000 (
◦ ′ ′′) +64 50 53 –
Galaxy Type IBm 1
Distance 3.4Mpc 2
SFRHα (Distance scaled) 0.59M⊙ yr−1 3
Angular Size (Major Axis) 4.′68 4
Angular Size (Minor Axis) 2.′15 4
Position Angle 118◦ 4
Inclination 63◦ 4
Reference List: 1: de Vaucouleurs et al. (1991), 2: Lelli et al. (2014), 3: Hunter and Elmegreen
(2004), 4: Jarrett et al. (2003).
2010). This is a far simpler modelling problem compared to a larger spiral galaxy,
where CRe population mixing and losses make separating the non–thermal com-
ponent more challenging.
3. The current star–formation rate is high, the thermal radio emission is also bright
and much easier to detect and isolate.
This chapter is structured as follows; in Section 3.3 we describe our observations, data
reduction, imaging method and discuss the impact that missing flux from short spac-
ingsmay have on our results; in Section 3.4 we describe our fitting procedure; in Section
3.5 we describe the results retrieved from applying our fitting procedure to VLA obser-
vations of NGC1569; in Section 3.6 we estimate the reddening along the line of sight
to NGC1569 and estimate resolved equipartition magnetic field strengths. Finally, we
present our conclusions in Section 3.7.
3.3 Observations and Data Reduction
We observed NGC1569 with the NRAO1 VLA at L ( 1.5GHz), S (3.0GHz), C (5.0GHz)
and X (9.0GHz) band over a 3 yr period as a part of the LITTLE THINGS project
(Hunter et al., 2012; Hindson et al., 2018). In addition to these observations, we re-
trieved a Ka band (33.8GHz) observation of NGC1569 from the VLA archive (project
1The National Radio Astronomy Observatory is a facility of the National Science Foundation operated
under cooperative agreement by Associated Universities, Inc.
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code 11B-078) and reduced it using the same methodology as the other datasets (see
below). We present a summary of all observations in Table 3.2.
Each VLA observation follows the same observing strategy. All start with a scan of
the primary flux calibrator followed by alternating scans of NGC1569 and the complex
gain calibrator, J0449+6332. The observing runs then finished with an additional scan
of the primary flux calibrator. For the majority of observations, 3C138 was used as
primary flux calibrator, but for the 5GHz and 33.8GHz observations, 3C147 was used
instead. In all presented observations, the primary flux calibrator was also used to
calibrate the bandpass for each observed spectral window.
Before carrying out any calibration, several flagging procedures were employed to
remove as much contaminating radio frequency interference (RFI) as possible. For
each dataset, we started with a run of the Common Astronomy Software Applications
(CASA, McMullin et al., 2007) flagger in TFCROP mode to initially remove any obvious
RFI in the uncalibrated data. We then carried out an initial phase calibration, selecting
channels which were determined to be free of RFI to obtain preliminary complex gain
solutions. We used these solutions to derive a preliminary bandpass solution, whichwe
then applied to the data. We then employed the CASA flagger in RFLAG mode on this
bandpass–corrected data to remove any additional RFI that the earlier flagging proce-
dure may have missed. Finally, we flagged the first and last 5 channels at the beginning
and end of each spectral window to reduce the noise contribution from the edges of the
bandpasses. We then took the flag tables from this procedure and applied them to the
original dataset as a starting point for calibration. This flagging method proved effec-
tive at removing the majority of RFI in lower frequency observations (< 5GHz), where
RFI becomes a more prominent issue.
We then calibrated each dataset independently following standard calibration proce-
dures in CASA. After finding and applying initial antenna gain solutions, we visually
inspected the data to manually remove any RFI that had not been flagged in our initial
flagging attempts. Each dataset was then phase only self–calibrated to convergence us-
ing a model consisting of the clean components obtained by incrementally imaging the
data. We then finished with a final round of amplitude and phase self–calibration. In
all self–calibration iterations, we placed additional outlier fields on any bright sources
that were present within the VLA primary beam to take into account their contribution.
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TABLE 3.2: Summary of VLA observations of NGC1569.
Frequency Project Code Band Array Configuration Bandwidth Observation Date Time on Source
(GHz) (MHz) (dd/mm/yyyy) (min)
1.5 14B-259 L B 1024 10/02/2015 27
3.0 14B-259 S B 2024 10/02/2015 24
5.0 12A-234 C C 2048 16/03/2012 35
9.0 14B-259 X C 2024 16/10/2014 15
33.8 11B-078 Ka D 2048 18/12/2011 81
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TABLE 3.3: Noise Measurements for the maps used in our analysis. All maps have
been convolved to a common resolution of 6.3”.
Band Central Frequency RMS Noise Taper Radius
(GHz) (µ Jy beam−1) (kλ )
L 1.26 56 32
L 1.78 65 20.5
S 2.50 71 21.5
S 3.50 77 29
C 5.00 40 19
C 7.40 45 21
X 8.50 45 31
X 9.50 43 33
Ka 33.80 55 22
Once the datasets were calibrated, we checked our flux scale by comparing prelimi-
nary maps from our VLA observations with other maps available in the literature. We
checked our 1.5, 3.0 and 5.0GHz calibrations by comparing the integrated flux densi-
ties of several unresolved sources that are not related to NGC1569 with those found
in lower resolution maps from the Westerbork Synthesis Radio Telescope (WSRT; pub-
lished in Kepley et al. 2010). We find that our flux scale is consistent with the literature
at these frequencies to within 10%. At higher frequencies, however, the smaller primary
beam greatly limits the number of sources we can compare. To check the flux scale for
these observations, we compare the spectral index (α ; Sν ∝ ν
α ) derived using all of our
available observations to those in the literature for some bright, well studied compact
sources within NGC1569. For example, for frequencies in the 1.5GHz to 10GHz range,
we derive a spectral index of α = −0.54± 0.06 for an unresolved supernova remnant
(SNR) located towards the south–east of NGC1569 (designated NGC1569-38; Chomiuk
and Wilcots 2009). This is in excellent agreement with spectral indices derived by
Greve et al. (2002) and Chomiuk and Wilcots (2009) who find α = −0.56± 0.03 and
α = −0.58± 0.15 respectively. We do not have any additional checks for the 33.8GHz
fluxscale, however the derived spectral indices for various HII regions found in the
Hα map presented in Hunter and Elmegreen 2004 have a characteristic flat spectrum
(α ≃−0.1), lending confidence that our flux calibration at 33.8GHz is also correct.
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3.3.1 Imaging
All of the presented observations are affected by missing flux effects due to the lack of
short baselines in the VLA, which is to be expected from the combination of frequencies
observed and array configurations used and NGC1569’s angular size (see Table 3.1).
We discuss how this may affect the observed spectral indices in Section 3.3.3.
To make sure that our derived spectral indices are as accurate as possible, it is critical
that each map used in our analysis is sensitive to the same spatial scales. As interfer-
ometers sample the Fourier transform of the sky intensity distribution (the uv–plane),
we can ensure we are sensitive to similar spatial scales by only using samples within
a particular region of the uv–plane to obtain an image. The uv–range is defined as the
inner and outer edges (usually measured in wavelengths) of an annulus, centred on the
origin of the uv–plane, where samples inside the annulus are used for imaging. In this
paper, we limit our analysis to the uv–range 3.4 – 30 kλ as this range is well sampled
by all our observations. The drawback to limiting the uv–range is that we resolve out a
large fraction of the extended emission associated with NGC1569, greatly limiting our
analysis of diffuse emission on scales greater than ∼ 30′′.
As NGC1569 is bright, we are able to split the observed bandwidth into two halves
for the 1.5, 3.0, 5.0 and 9.0GHz observations. By doing this, we almost double our
available data points, allowing for a more robust analysis of NGC1569’s resolved spec-
tral properties. We do not split the 33.8GHz observations as the thermal emission that
this waveband is primarily tracing is faint and the receivers are inherently more noisy
than those at lower frequencies. By averaging over the entire 33.8GHz bandwidth, we
maximise our sensitivity in this waveband.
We used multi–scale multi–frequency cleaning (Rau and Cornwell, 2011) to produce
our final maps for analysis, ‘cleaning’ to convergence at scales equal to the synthe-
sized beam, twice the synthesized beam and 5 times the synthesized beam with a
Briggs robust parameter of 0.5. Multi–scale multi–frequency clean differs from more
traditional cleaning algorithms as it models the cleaned source as a collection of trun-
cated paraboloids rather than a collection of point sources, and additionally takes into
account source flux density variation across the observed bandwidth. These proper-
ties are ideal for imaging NGC1569 as the source is extended, and each map spans
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FIGURE 3.2: Radio maps of NGC1569 at the frequencies specified in Table 3.3. The top
maps showNGC1569 at 1.26GHz, the middle maps at 1.78GHz and the bottommaps
at 2.5GHz. The maps on the left were imaged using the entire uv–range available from
the observations in Table 3.2, and the maps on the right were imaged using the limited
uv–coverage (3.4–30 kλ ). All maps have been corrected for primary beam attenuation
and the units for all maps are in Jy beam−1. All maps have been stretched to the same
log scale to emphasise low surface brightness emission, and all have been convolved
to a Gaussian PSFwith FWHM6.3” (an outline of the beam is shown in the bottom–left
of each image).
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FIGURE 3.2 (cont.): The top maps show NGC1569 at 3.5GHz, the middle maps at
5.0GHz and the bottom maps at 7.4GHz.
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FIGURE 3.2 (cont.): The top maps show NGC1569 at 8.5GHz, the middle maps at
9.5GHz and the bottom maps at 33.8GHz. We have blanked emission where the pri-
mary beam falls to 20% of its peak value. This mainly affects the 33.8GHz map, where
the emission is confined to a circle.
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a large fractional bandwidth (especially at lower frequencies where it reaches ∼ 40%
at 1.26GHz). Furthermore, multi–scale multi–frequency clean reaches convergence
quicker than more traditional cleaning algorthms, whilst robustly retaining the to-
tal flux. Comparison with other cleaning algorithms (e.g., Cornwell, 2008) reveals
that residuals from multi–scale multi–frequency clean are less pronounced than other
cleaning algorithms and that the deconvolution errors are small, which motivated its
use in this work. Whilst imaging, we additionally apply a circular Gaussian taper
whilst imaging to ensure that the final synthesized beams for all maps are as simi-
lar as possible. We present the taper parameters in Table 3.3. Whilst cleaning the 1.5
and 3.0GHz data, we placed an outlier field on the bright background source, NVSS
J042932+645627, to account for its contaminating sidelobes. There was no need to do
this for any other background sources as they were sufficiently faint. This was only
an issue in these wavebands as this source fell outside the primary beam in all higher
frequency observations. Once we imaged all our data, we corrected the maps for pri-
mary beam attenuation using the CASA task PBCORR and then convolved all maps to a
common resolution. The convolution was carried out using the CASA task IMSMOOTH
with the TARGETRES parameter set to True. This uses the clean beam parameters from a
given map to determine a convolving kernel that will result in a desired Gaussian point
spread function (PSF). We convolved all maps to a circular Gaussian PSF with FWHM
6.3” (corresponding to a linear resolution of 98 pc at 3.4Mpc; Grocholski et al. 2008).
Finally, we regridded all maps to the lowest resolution map. We present the final maps
at each frequency in Figure 3.2 and the off source noise levels for each of the final maps
is presented in Table 3.3.
3.3.2 Thermal Model Construction
In addition to the presented radio continuummaps, we use the Hα emission map from
Hunter and Elmegreen (2004); Hunter et al. (2012) to obtain prior information for the
thermal emission component. We apply the equations from Deeg et al. (1997) to con-
vert from Hα flux to thermal radio continuum flux at 1GHz. In the conversion, we
assume an electron temperature of 104 K (Deeg et al., 1997). It should be noted that
this value can vary significantly, as shown in studies of a large sample of galactic HII
regions (Hindson et al., 2016). Furthermore, Nicholls et al. (2014) find that an electron
temperature of 1.4× 104 K is more appropriate in metal poor dwarf galaxies. As the
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derived thermal emission weakly depends upon electron temperature (FT H ∝ T
0.34
e ), we
do not expect that the assumed electron temperature will significantly affect our results.
We also implicitly assume that the radio continuum emitting plasma is co–spatial with
the Hα emitting medium, that the conditions for Case B recombination hold (i.e., all
ionising photons are absorbed) and that the thermal radio continuum emitting plasma
is in thermal equilibrium. Following Hunter and Elmegreen (2004), we assume a 20%
systematic uncertainty in the Hα flux scale, which we combine in quadrature with the
uncertainty associated with the Hα isolation method (20%, Vilella-Rojo et al., 2015),
the uncertainty on the NII contribution (1%) and the photometric uncertainty from the
map itself. We do not apply any corrections for galactic foreground or internal extinc-
tion at this stage.
As the Hα emission originates from the recombination of electrons with protons that
have been ionized by Lyman continuum emission originating from massive stars, it is
effectively cospatial with the thermal radio continuum emission, which originates from
the ionized plasma surrounding said massive stars. In other words, the Hα emission
effectively has the same spatial distribution as the thermal radio continuum emission.
We can therefore create a thermal model that is compatible with the interferometric
observations by simulating the corrected Hα map as a radio image with the CASA task
SIMOBSERVE. We ‘clean’ the simulated dataset with an identical method to that dis-
cussed in Section 3.3.1 and present the developed thermal model in Figure 3.3. This
resulting model is sensitive to the same spatial scales as the interferometric observa-
tions; however, it still suffers greatly from the effects of extinction. We therefore use the
measurements of the thermal emission from these maps as a lower limit in our fitting
routine, which we describe in Section 3.4.
3.3.3 The Effects of Missing Flux
Care must be taken when analysing any data from interferometric observations as the
resulting maps may suffer from problems due to the lack of short baselines in the inter-
ferometer array. These problems arise when there is considerable large scale emission
that is resolved out by the interferometer, and manifests itself as a negative artefact
centred on the source (commonly known as a ‘clean bowl’). As radio sources typi-
cally have different structures in different frequency regimes (e.g., a halo surrounding
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FIGURE 3.3: Models of NGC1569’s thermal emission. The top panel presents the ther-
mal emission model derived by directly applying the equations in Deeg et al. (1997) to
the Hα map from Hunter and Elmegreen (2004). The bottom panel presents our de-
veloped model for the thermal emission, as discussed in Section 3.3.2. Both maps have
been convolved to a Gaussian PSF with FWHM 6.3”. Some key differences between
these maps include that a large portion of the extended emission from the top panel is
resolved out in the bottom panel and also the emergence of low–level artefacts from
the interferometric imaging procedure.
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a galaxy will appear much brighter and more extended in lower frequency observa-
tions than in higher frequency ones), it is unlikely that the magnitude and shape of
the negative artefacts will be the same at all observed frequencies. Additionally, the
interferometer has different responses at different frequencies (e.g., the sampling of the
uv–plane will never be identical in any two radio observations at different frequencies),
which could further influence measured spectral indices. The combination of these two
effects could jeopardize any efforts to measure spectral indices on a resolved basis. As
the presented observations of NGC1569 suffer significantly from these effects (see Fig-
ure 3.2), it is necessary to explore how our measured spectral indices may be affected
by the interferometric nature of the observations and our chosen imaging procedure.
To test how our measured spectral indices may be affected, we first constructed models
of NGC1569 at the frequencies presented in Table 3.3. The models consist of 3 distinct
components, a large scale halo with a steep spectral index (α =−0.7), a more compact
main disk component with a flatter spectral index (α = −0.3) and a set of high reso-
lution emission components consisting of a collection of unresolved SNRs (α = −0.5;
Green 2014) and HII regions (α = −0.1; Condon 1992). We model NGC1569’s large
scale halo by deconvolving the 1.5GHz WSRT map from Kepley et al. (2010) and iso-
lating the large scale emission components using the CASA task DECONVOLVE. To model
the main disk component, we image our 1.5GHz observations with the entire available
uv–range (1-50 kλ ) and use the clean components that do not correspond to unresolved
sources as our disk model. Finally, we take the unresolved sources removed whilst cre-
ating the model of the main disk and assign them as either SNR or HII regions as iden-
tified in the literature (Chomiuk and Wilcots, 2009; Waller, 1991). The final maps are
constructed by scaling and summing these model components at the frequencies in Ta-
ble 3.3. We show the 1.25GHz model in Figure 3.4. Although these single component
spectral index models are a simplification of reality, analysing them should identify
regions where our spectral index analysis may break down.
We then simulate observations of our model galaxy with the CASA task SIMOBSERVE, us-
ing the observing parameters presented in Table 3.2. We imaged the simulated datasets
with the same imaging parameters as detailed in Section 3.3.1 to produce maps that are
comparable to those observed. To measure the resolved spectral indices, we assemble
the imaged maps into a datacube. For each pixel in the datacube, we fit a power law
via a least–squares method to measure the resolved spectral index. For comparison
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purposes, we carry out the same fitting routine for the un–simulated models, which we
convolve and regrid to the same resolution.
Figure 3.4 shows how the recovered spectral indices differ from the input model on
a pixel–by–pixel basis. We can see that the spectral index for the bright unresolved
sources within NGC1569 are unchanged and that the spectral index for resolved sec-
tions tends to be slightly flatter than the model. The flattening is most pronounced
towards the edges of the mask, as this is where the fainter emission begins to compete
with the surrounding negative ‘clean bowl’. On the other hand, the North–West cor-
ner of NGC1569 appears to be slightly steepened, which is likely an artefact from the
‘spur’ towards the west of the galaxy. The largest deviation is a flattening of ∆α ≈ 0.1,
however this only is the case for a couple of pixels. In general it is much smaller with
the average deviation being a flattening of order ∆α ≈ 0.03. As we carry our fitting
procedure on a beam–by–beam basis (see Section 3.4), we are averaging over the few
‘extreme’ pixels towards the edge of the mask, which will mitigate their effect on the
recovered spectral index.
The flattening tendency can be understood as follows: Although we are resolving out
the significant large scale emission from NGC1569, it is distributed over a large area.
On a beam–by–beam basis, this large–scale component contributes little to the detected
bright emission from the main disk. As the large–scale halo emission has a steep spec-
tral index, the contribution from the halo would be larger in lower frequency obser-
vations than in higher frequencies. When the large–scale emission is resolved out, it
corresponds to a larger subtraction of emission in the maps at lower frequencies, re-
sulting in flattening. As the flattening is small across NGC1569’s main disk, it is bright
enough such that the missing flux from short spacings does not affect our recovered
main disk spectral indices significantly.
Although in general the difference in spectral index is small, it should be noted that
there is considerably more scatter around the assumed model power–law in the data–
points sampling the 1-10GHz range. This scatter is due to the interferometer having
different responses at different frequencies, primarily due to the different ways the uv–
plane is sampled at each observed frequency.
This exercise indicates that the systematic errors introduced by missing flux from short
baselines and our chosen imaging scheme are small (σα ∼ 0.03) when compared with
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FIGURE 3.4: The top panel shows the 1.25GHzmodel of the radio emission, convolved
to a Gaussian with 6.3” FWHM. This model consists of a large scale halo component,
a more compact main disk component and some unresolved components within the
main disk. The bottom panel shows the residuals after subtracting the total spectral
indices recovered from our simulated images from the assumed model. Positive de-
viations indicate that the total spectral index is flattened whereas negative deviations
indicate that the total spectral index is steepening.
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the uncertainties from our fitting procedure (see Figure 3.6). As we have a broad
enough frequency coverage and the parts of NGC1569 we are spatially sensitive to
are bright enough, we can reliably carry out a resolved spectral index analysis on our
presented high–resolution VLA observations.
3.4 Bayesian Model Fitting Methodology
In this section, we discuss the rationale for adopting a Bayesian methodology to sepa-
rate the various radio emission components from the observed SED, the model that we
have chosen to fit, and our general fitting procedure.
3.4.1 What Is Bayes’ Theorem?
Bayes’ theorem is a simple statement about conditional probability that has a stagger-
ingly broad set of applications, from analysing the results of clinical trials to email spam
filters. Recently, Bayesian methods have become more widely used in the astronomy
and physics fields (Loredo, 2013), primarily due to advances in computing resources
and improved sampling algorithms.
Bayes’ theorem can be easily derived from basic set theory as follows: Consider a plane
with area Ω where each point on the plane corresponds to each possible outcome of
an event. Now consider two overlapping regions of this plane, which correspond to
desired outcomes A and B (see Figure 3.5). In this formulation, the probability that a
desired outcome occurs is simply the area of outcome space taken up by the desired
outcome divided by the total area of all outcomes (i.e. P(A) = AΩ ). The conditional
probability that outcome A occurs given that outcome B has occurred is:
P(A|B) = A∩B
B
=
P(A,B)
P(B)
, (3.1)
where A∩B is the intersection of sets A and B (i.e. the set that is contained in both sets
A and B) and P(A,B) is the joint probability that events A and B occur. Similarly, the
probability that outcome B occurs given that event A has occurred is:
P(B|A) = B∩A
A
=
P(B,A)
P(A)
. (3.2)
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FIGURE 3.5: Schematic diagram for aiding in the derivation of Bayes’ theorem.
Noting that P(A,B) = P(B,A), we combine Equations 3.1 and 3.2 to arrive at Bayes’
theorem:
P(A|B) = P(B|A)P(A)
P(B)
. (3.3)
3.4.2 Model Fitting With Bayes’ Theorem
We apply Bayes’ theorem to the problem of fitting a model, M, with tuneable model
parameters, θ , to a set of observed datapoints, D. In this case, the probability that
a particular set of model parameters are true, given the observed data and assumed
model is:
P(θ |D,M) = P(D|θ ,M)P(θ |M)
P(D|M) . (3.4)
In Equation 3.4 each of the terms have particular names and interpretations. P(D|θ ,M)
is known as the likelihood and is interpreted as the probability of observing D, assum-
ing that the model M with parameters θ are correct. P(θ |M) is known as the prior and
represents everything that we know a priori about the model parameters, θ , within
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the confines of the assumed model. P(D|M) is known as the evidence and corresponds
to the probability of observing the data, D, given the assumed model is true. Finally
P(θ |D,M) is called the posterior and represents the new knowledge about the fitted
parameters after taking into account the observed data.
There are several methods that can be employed to compute the posterior distribution.
The simplest and most computationally expensive method is to solve Equation 3.4 for
each possible combination of fitted parameters over the entirety of parameter space.
This approach can only be applied in simple cases, where parameter space is finite and
discretised with only a few dimensions. For the case where parameter space is continu-
ous, it is computationally impossible to fully compute the posterior via the brute force
method. Instead it must be approximated through the use of a sampling algorithm.
A popular choice of sampling algorithm is the Metropolis–Hastings algorithm (Hast-
ings, W.K., 1970), which is one of a family of Markov–Chain Monte–Carlo (MCMC)
sampling methods. In this algorithm, a series of ‘walkers’ are initially distributed
throughout parameter space and allowed to take a step in a random direction. The
size and direction of the step are determined by drawing a sample from a proposal
function (of which there are many options in the literature, each with their own ad-
vantages and disadvantages). The posterior is then calculated at this new location and
compared to the posterior at the walker’s current location to compute an acceptance
ratio, a = Pnew
Pold
. A random number is then drawn from a uniform distribution between 0
and 1 and compared to the acceptance ratio. If the drawn number is less than or equal
to the acceptance ratio, the walker steps to the new postion, otherwise the walker will
remain at its current location. If the walkers are left to walk around parameter space for
a large number of steps, they will proportionally record steps in regions with high pos-
terior probability compared to regions of low posterior probability. Hence the recorded
samples can be used to approximate the sought posterior probability distribution.
Finally, once the posterior has been computed, it is useful to extract constraints for each
of the individual parameters of interest. This can be accomplished by marginalising
the posterior over all other fitted (so called nuisance) parameters. For example, if 3
parameters are fitted (θ1,θ2,θ3), we can retrieve the marginalised posterior distribution
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for θ1 through:
P(θ1|D,M) =
∫ ∞
θ2=−∞
∫ ∞
θ3=−∞
P(θ1,θ2,θ3|D,M)dθ3 dθ2. (3.5)
This process of marginalisation is equivalent to projecting the full posterior distribution
onto the dimensions corresponding to the parameters of interest (in the above case θ1).
This integration is carried out for free by the MCMC sampling algorithm, as parameter
constraints can be easily recovered by simply analysing the samples recorded along the
dimension corresponding to the parameter of interest.
3.4.3 A Method For Separating The Radio Emission Components From An
Observed SED
Equation 3.4 illustrates two key advantages of using a Bayesian MCMC fitting proce-
dure over more classical model fitting methods. By adopting an MCMC approach, a
large range of parameter space can be efficiently probed, leading to a statistically ro-
bust approximation to the posterior probability distribution, from which, probability
distributions for each of the parameters of interest can be easily retrieved, by marginal-
ising over all other model parameters. Secondly, prior information, based upon other
observations, can be easily included to further constrain fitted parameters.
Both of these benefits should be taken advantage of when attempting to decompose
a given radio continuum SED into its various radio emission components. As this
type of problem is typically degenerate (Niklas and Beck, 1997; Callingham et al., 2015;
Tabatabaei et al., 2017), classical χ2 fitting methods may underestimate the true uncer-
tainties associated with the parameter constraints following the separation (Condon,
1992). The marginalised posteriors from the Bayesian approach in this case may better
reflect the uncertainties associated with the separation process. Furthermore, the ad-
dition of prior knowledge from other data (e.g., optical spectral line observations) can
also help to reduce the degeneracies between the fitted parameters, resulting in better
constraints. Themain disadvantage of using aMCMC approach is the required compu-
tational resources, but this no longer is a significant hurdle with current technological
developments.
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Model Definition
As discussed earlier, it is understood that a typical radio continuum spectrum from a
purely star forming galaxy is made up of two main components: a thermal compo-
nent, originating from ionized plasma surrounding massive stars (HII regions), and
a non–thermal component, originating from CRe that have been accelerated in SNR
shock fronts (see Condon 1992 for a review). As shown by Hindson et al. (2016), HII
regions can be assumed to be optically thin at frequencies above 1GHz. If we further
assume that the non–thermal component can be parameterised by a simple power–law,
an expression for the observed radio continuum spectrum can be written as:
Sν = ST ν
−0.1 +SNT να , (3.6)
where Sν is the measured flux density at frequency ν , ST is the thermal flux density
normalisation, SNT is the non–thermal flux density normalisation (both in Jy), ν is fre-
quency and α is the non–thermal spectral index.
Although this model is simple, it effectively describes the observed radio continuum
emission atmid–radio continuum frequencies for a large number of galaxies (1–10GHz;
Condon 1992; Tabatabaei et al. 2017); however, there are several additions that could
be made to improve the model. For example, if additional lower frequency observa-
tions are made, we could include the effects of free–free or synchrotron self absorption
(Tingay and de Kool, 2003; Callingham et al., 2015; Hindson et al., 2016; Kapin´ska et al.,
2017), or if additional observations at higher frequencies are made, a break in the non–
thermal spectrum due to spectral ageing and Inverse Compton scattering could also
be included (Lisenfeld et al., 2004; Harwood et al., 2013; Heesen et al., 2015). Further-
more, a component due to Anomalous Microwave Emission (AME; Dickinson et al.
2018) could also be included if the observations densely sample the 10-60GHz fre-
quency range. AME has been shown to be a significant contributor to the observed
Milky Way emission at ∼ 30GHz (> 50% e.g., Alves et al., 2010), yet has not been
conclusively detected in any extra–galactic sources other than a star–forming region in
NGC6946 (Scaife et al., 2010; Murphy et al., 2011) and a detection in the Magellanic
clouds (Bot et al., 2010). Limits on the AME contibution for a small sample of larger
dusty galaxies have been made by Peel et al. (2011), who find that the AME contribu-
tion in these systems is much smaller than that observed in the Milky Way (< 25% at
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30GHz). In this current study, we cannot model this contribution effectively as there
is only one data point at 33.8GHz, so we neglect its contribution. If there is significant
AME contamination at 33.8GHz, this will affect the fitted parameters by overestimat-
ing the recovered thermal component and underestimating the recovered non–thermal
component. Furthermore, the recovered spectral indices will be steeper than their true
(i.e., intrinsic) values. Further radio continuum observations between 10 and 50GHz
and complementary observations probing the thermal emission originating from dust
could be used in the future to constrain the AME contribution to NGC1569.
Following Tabatabaei et al. (2017), Equation 3.6 can be parameterised to avoid depen-
dencies of the chosen units on frequency space as:
Sν = A
(
ν
νo
)−0.1
+B
(
ν
νo
)α
, (3.7)
where A = ST ν
−0.1
o , B = SNT ν
α
o and νo is a reference frequency (which is assumed to be
1GHz). This is the model that we choose to fit to our observed data in our model fitting
routine.
Model Fitting Routine
Before we carry out our model fitting routine, we first mask the maps so that we only
consider emission that has a significance greater than 5σ in all observedmaps. We then
regrid these masked maps onto hexagonal pixels, where each hexagonal pixel has an
area that is the same as the synthesised beam. We carry out this procedure because it
reduces computational time and also ensures that each hexagonal pixel is more or less
independent from each other hexagonal pixel. We determine the uncertainty on the re-
covered flux density for each hexagon by adding in quadrature a contribution from the
off source noise (presented in Table 3.3) with an assumed 5% fluxscale uncertainty (Per-
ley and Butler, 2017). It should be noted that the on–source noise will be larger than the
off–source noise due to uncertainties introduced whilst modelling the source during
imaging. Harwood et al. (2013) estimate that the off source noise should be multiplied
by a factor of∼ 3 to account for this effect. For the presented observations of NGC1569,
this effect should be negligible for hexagons that are significantly above the 5σ thresh-
old as the 5% fluxscale uncertainty will dominate the uncertainty, but for hexagons
closer to the edges of the mask, this effect may be more significant. Ultimately these
larger uncertainties will result in poorer constraints for the fainter hexagons, which
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are likely also susceptible to missing flux effects (see Section 3.3.3.) Caution should be
taken when interpreting the results from these hexagons. We finally construct a data–
cube out of the hexagonalised maps with Right ascension on one axis, Declination on
the second, and frequency on the third axis.
For each hexagonal pixel in the RA–Dec plane, we slice through the datacube to get a
series of flux densities as a function of frequency, to which we fit the model detailed in
Section 3.7. Assuming that each map is independent, that the flux density uncertainties
for each data point are normally distributed and that the uncertainty in the frequency
that each map is taken at is negligible, we use a standard χ2 objective function to deter-
mine the likelihood for a set of measured flux densities given a set of model parameters
(Hogg et al., 2010). This probability can be written as follows:
P(D|θ ,M) = ∏
i
1√
2piσ2i
exp
[−(Di−Si(θ))2
2σ2i
]
, (3.8)
where Di is the observed flux density for the i’th data point for a given pixel, σi is
the measured uncertainty for that data point and Si(θ) is the model flux density at
the frequency of the i’th datapoint. θ corresponds to our given parameters, which are
A,B and α from Equation 3.6. Equation 3.8 makes up the first half of the right hand
numerator in Equation 3.4.
Next we turn our attention to the assumed priors, P(θ |M). As with any Bayesian anal-
ysis, one needs to be very careful about how priors are defined for the parameters that
are to be fitted (Gelman, 2008). As this step is somewhat subjective, we will describe
the functional form for each of the assumed prior probability distributions for each
parameter, and the motivation for these choices in turn.
For the thermal normalisation constant, A, we define an informative prior that depends
upon the thermal emission measured from the Hα thermal model (see Section 3.3.2;
Figure 3.3). As the Hα emission is vulnerable to extinction effects, we assume that
the thermal emission measured from these maps is a lower limit for the true thermal
emission. We translate this to a uniform prior with a Gaussian taper towards the lower
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limit:
G(A,µ ,σHα ,Amax) =
(√
pi
2
σHα +[Amax−µ ]
)−1


exp
(−(A−µ)2
2σ2Hα
)
, if A≤ µ
1, if µ < A≤ Amax
0, otherwise
,
(3.9)
where µ is the thermal emission measured from the thermal model, σHα is the un-
certainty on this measurement and Amax is the upper–limit to the probability density
function, which is primarily included for normalisation purposes (and is assumed to
be an order of magnitude larger than the largest flux density data–point used while fit-
ting). This prior is different to a uniform prior that is usually assumed in the literature
(e.g. Tabatabaei et al. 2017) as it not only restricts values of A to positive values, which
is physically motivated, but also reduces tails in the posterior probability distribution
that stretch to very small A. This improves the constraints on the thermal normalisation
constant (see Figure 3.6).
For the non–thermal normalization constant, B, we adopt a uniform prior that is con-
strained to be always larger than 0:
H(B,Bmax) =
1
Bmax


1, if 0≤ B < Bmax
0, otherwise
, (3.10)
where Bmax is the upper–limit to the probability density function which is primarily
assumed for normalisation purposes (which again we assume to the an order of mag-
nitude larger than the largest flux density data–point used while fitting.) This prior
is physically motivated as there is no process that can produce a completely absorbed
non–thermal spectrum in a dwarf galaxy in the frequency range we are studying. This
prior also removes degeneracies where a large thermal normalisation can be coupled
with a negative non–thermal normalisation to reproduce the observed spectral energy
distribution.
For the non–thermal spectral index α , we note that the non–thermal spectral index for
the main disks of star–forming galaxies is typically found to be α ∼−0.8 (Condon and
Yin, 1990) and that the non–thermal spectral index usually varies between ∼ −0.5 to
∼−1.2 due to the injection and transport of CRe within the galaxy disks (Berkhuijsen,
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1986; Longair, 2011; Tabatabaei et al., 2017). We define a prior on the non–thermal
spectral index that consists of a broad normal distribution, centred on µα = −0.8 with
a standard deviation σα = 0.4:
I(α ,µα ,σα) =
1√
2piσ2α
exp
[−(α−µα)2
2σ2α
]
. (3.11)
For a given set of model parameters, the prior probability is the multiplication of each
prior distribution:
P(θ |M) = G(A,µ ,σHα ,Amax)H(B,Bmax) I(α ,µα ,σα). (3.12)
This equation makes up the second half of the right hand numerator in Equation 3.4.
Although both the likelihood and the prior are themselves normalised, the posterior
is not normalised as we have not taken into account the Bayesian evidence P(D|M)
(which can be extremely difficult to compute). However, as we only really care about
the relative probabilities whilst computing the posterior for model fitting (and param-
eter estimation) purposes, we can neglect it for the rest of this study (as we are only
considering a single model).
We use the Python package, EMCEE (Foreman-Mackey et al., 2013), to sample the pos-
terior probability distribution. EMCEE makes use of the affine-invariant ensemble sam-
pler for MCMC presented in Goodman and Weare (2010). This sampler follows the
standard Metropolis–Hastings algorithm, but with a proposal function that scales it-
self at each step depending upon the locations of a sub–sample of the placed walkers.
For each hexagonal aperture, we set up 100 walkers and allowed them each to take
1000 steps in parameter space. The initial walker positions were randomly selected
from uniform probability distributions. These distributions covered the range between
0 and 10 times the flux of the lowest frequency data point that is being fit for both A and
B, and between 0 and -2.2 in α . We find this waswarranted as the lowest frequency data
point is normally the brightest and it is very unlikely that the recovered normalizations
will be significantly larger than its value. We find that the walkers tended to converge
after∼ 100 steps so we conservatively ‘burn in’ after 200 steps, yielding 80,000 samples
of the sought posterior probability distributions. In the presented results, we quote the
50th percentile of the samples as the best fit, and the 16th and 84th percentiles as the
Chapter 3. The Radio Continuum Properties of NGC1569 125
FIGURE 3.6: An example fit from the discussed fitting procedure. The top figure
presents an example SED for a hexagonal pixel. The black data points show the mea-
surements from the data–cube; the red point is the lower limit as measured from the
thermal model, and the black line represents the best fit to the data. The uncertainties
on the flux density measurements are comparable to the size to the black datapoints.
We additionally plot 250 models, drawn randomly from the posterior probability dis-
tributions, where the red lines represent the thermal component and the blue lines
represent the non–thermal component. The bottom figure shows the corner plot asso-
ciated with this fit, where the dotted lines correspond to the 16th, 50th and 84th quar-
tiles. For reference, in this fit A = 1.09+0.32−0.42mJy, B = 3.78
+0.32
−0.31mJy and α =−0.62+0.11−0.13.
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1σ deviations. An example fit and corresponding corner plot are presented in Figure
3.6.
The assumed priors on the non–thermal normalisation and the non–thermal spectral
index are generally much broader than the recovered constraints, showing that the re-
covered constraints are primarily being driven by the observed data. In general, the
prior on the thermal normalisation does however have a small impact on the thermal
constraint by suppressing the tail in the distribution towards low thermal normalisa-
tions. From the bottom panel of Figure 3.6, it is clear that the constraints on the recov-
ered parameters are generally correlated, which indicates that the thermal prior may
have a small knock–on impact on the recovered non–thermal constraints. This mani-
fests by constraining the upper tail of the non–thermal normalisation posterior and an
upper tail on the non–thermal spectral index posterior. In all cases however, the con-
straints from the thermal prior only affect the tails of the posterior distributions, and
do not affect the recovered parameter constraints significantly. We test how our as-
sumed priors influence our fits by re–running our fitting procedure, but not including
any datapoints. The thermal and non–thermal normalisations are unconstrained over
the region of parameter space we are limiting our analysis too and the spectral index is
only constrained to the broad normal distribution we assumed as our prior. This con-
firms that the observed data–points are driving the observed fits, and that the assumed
priors are only aiding in constraining the parameters of interest.
3.5 Results
In this section we present the results of the fitting procedure discussed in Section 3.4.
In Figure 3.7, we present maps of how the recovered thermal normalisation A, non–
thermal normalisation B and the spectral index α vary across NGC1569’s main disk.
3.5.1 Integrated Properties
We obtain NGC1569’s integrated properties by summing the flux density over each of
the hexagonal pixels presented in Figure 3.7. It should be noted that these integrated
flux measurements should strictly be treated as lower limits. Due to the interferometric
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FIGURE 3.7: Maps of the best fitting model parameters from the fitting procedure
discussed in Section 3.4. Each hexagonal pixel has an area that is the same as the
synthesized beam. Figure 3.7a presents the recovered thermal contribution in units of
Jy, Figure 3.7b presents the recovered non–thermal contribution in units of Jy, Figure
3.7c presents the recovered non–thermal spectral indices and Figure 3.7d presents a
map of how the thermal fraction varies across the disk.
nature of the observations, we are resolving out a large proportion of the emission
associated with NGC1569 on scales larger than ≈ 30′′ (see Section 3.3.3). However, we
do recover the majority of the flux from the bright regions within NGC1569’s main
disk. This is illustrated if we compare our maps of the main disk (see Figure 3.2) with
Westerbork observations from Kepley et al. (2010), which are sensitive to emission on
larger scales. Integrating over the bright regions that we are sensitive to, we recover ≈
75% of the emission at 1.5GHz,≈ 70% of the emission at 3GHz,≈ 75% of the emission
at 5GHz and ≈ 70% of the emission at 8.5GHz (see Table 3.4 for a summary).
Integrated Thermal Emission
As we are typically resolving out 25–30% of the radio emission from NGC1569’s main
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Frequency VLA Main disk WSRT Main disk WSRT Total
(GHz) (mJy) (mJy) (mJy)
1.26 122±6 159±8 385±20
2.50 91±5 124±6 269±14
5.00 80±4 104±5 187±9
8.50 50±3 70±4 130±7
TABLE 3.4: Comparison of integrated flux density measurements from this study
(VLA) and the maps from Kepley et al. (2010) (WSRT). Main disk indicates the in-
tegrated flux density over a mask which considers emission brighter than 5σ in the
VLA maps (see Figure 3.2), and Total indicates the flux density measured over the
entire galaxy (including the halo). All WSRT measurements were scaled to our ob-
served frequencies assuming a total spectral index α = −0.4, and uncertainties were
calculated assuming a 5% uncertainty in the flux scale.
disk, it is useful to compare the integrated results from our Bayesian fitting procedure
with the literature, after attempting to correct for the missing flux component. If we
consider the thermal emission at 1GHz (see Figure 3.7a), our Bayesian fitting procedure
recovers an integrated flux density of 28.1+2.8−3.1 mJy. This is significantly larger than the
8.98±2.7mJy we find by integrating the thermal model based on Hα emission over the
same area (see Figure 3.3). This difference indicates that there is significant extinction
along the line of sight to NGC1569, and is discussed further in Section 3.6.1.
It is difficult to correct the observed total thermal flux density for missing flux, as we do
not know the relative contributions of the thermal and non–thermal emission for the
missing component. If we assume that the overall thermal fraction within NGC1569’s
main disk does not change significantly (see below), this measured value is corrected
up to ∼ 40mJy, which we shall use for comparison with the literature. To first order,
we use the Hα map from Hunter and Elmegreen (2004), combined with the Spitzer
24µm from Bendo et al. (2012) (applying the corrections from Kennicutt et al. 2009) to
obtain an independent estimate of the total thermal emission over NGC1569’s main
disk. Assuming a galactic foreground reddening, E(B−V ) = 0.56mag (Israel, 1988),
and applying the equations from Deeg et al. (1997), we determine that there is≈ 56mJy
thermal radio emission originating from the bright main disk, although this number
is sensitive to the assumed reddening from the galactic foreground. Not only is this
reasonably close to our corrected thermal emission, it is also in good agreementwith the
∼ 55mJy that is found by extrapolating the 8GHz observations of compact HII regions
by Israel (1980), but it is significantly smaller than the ≈ 80mJy at 1GHz found from
resolved fits to the radio SED by Lisenfeld et al. (2004). This discrepancy could be due
Chapter 3. The Radio Continuum Properties of NGC1569 129
to the form of the non–thermal emissionmodel they fit, which includes a break towards
higher frequencies, and could recover more thermal emission than the simple power–
law model we consider in this study. This exercise shows that our fitting procedure is
returning plausible values for the thermal component, indicating that our separation
procedure was successful.
We obtain an estimate for the upper limit on the total thermal emission from the main
disk by assuming that all of the resolved out emission is of thermal origin. This results
in a total main disk thermal emission of ∼ 90mJy at 1GHz. Although this value does
not rule out the value found by Lisenfeld et al. (2004), it is unlikely that all of themissing
flux is of thermal origin as the non–thermal component is typically more diffuse and
therefore more likely to be resolved out.
Integrated non–Thermal Emission
Similarly, if we consider the non–thermal emission at 1GHz, we recover an integrated
flux density of 81.0+2.9−2.6 mJy. Again, it is difficult to compare this measurement to other
literature values, due to the different spatial scales that the literature radio observations
are sensitive to. Lisenfeld et al. (2004) obtain≈ 80mJy for the non–thermal emission in-
tegrated across the main disk at 1GHz, which similar to what we find applying no
corrections for missing flux. This is surprising as we would expect the Lisenfeld et al.
(2004) value to recover more extended emission than ours, as they have better sensi-
tivity to large scale emission. This again suggests that they may be over predicting the
recovered thermal emission within the main disk.
If we again assume that the thermal fraction remains the same for the missing flux, we
obtain a corrected non–thermal flux density of ∼ 130mJy, which we shall use for com-
parison with the literature. To obtain an independent, first order estimate for the non–
thermal radio emission, we scale the disk integrated emission at 1.38GHz from Kepley
et al. (2010) to 1GHz (see Table 3.4, assuming an integrated spectral index, α = −0.4
(Lisenfeld et al., 2004), to find ≈ 170mJy total radio emission. We then subtract the
thermal emission from the main disk found from the combined Hα and 24 µm mea-
surement to isolate the non–thermal emission, resulting in a main disk non–thermal
flux density of ∼ 120mJy. This is again reasonably close to what our Bayesian fitting
procedure returns, indicating that our separation procedure is correctly separating the
thermal and non–thermal components. Again, for further reference, if we assume that
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all of the missing flux is of non–thermal origin, we obtain an upper limit for the non–
thermal emission of ∼ 140mJy.
Thermal Fraction
A useful quantity for comparison purposes is the thermal fraction, which is defined as:
fT (νo) =
ST (νo)
Sν(νo)
=
A
A+B
. (3.13)
Using Equation 3.13, we combine the integrated thermal and non–thermal normali-
sations to obtain a thermal fraction of 0.26+0.02−0.03 at 1GHz. This is much larger than is
typically found for normal spiral galaxies (≈ 0.1; Condon 1992; Tabatabaei et al. 2017),
and more closely reflects the higher thermal fractions found from the analysis of other
dwarf galaxies (Israel, 1980; Klein et al., 1989; Heesen et al., 2011). This conclusion does
not change if we calculate the thermal fraction instead using the estimated upper and
lower limits for the thermal and non–thermal components. The lower limit for the ther-
mal fraction is∼ 20% and the upper limit is∼ 50%, showing that the thermal fraction is
certainly higher in NGC1569’s main disk than in normal spiral galaxies. This fraction is
likely to decrease however if we include the large scale non–thermal halo surrounding
NGC1569 (Israel and de Bruyn, 1988; Kepley et al., 2010). This is because the thermal
emission is concentrated in the main disk where the massive stars are located, whereas
the non–thermal emission is partially spread over a large halo surrounding NGC1569
(Kepley et al. 2010; see Figure 3.4a), it is therefore likely that we are preferentially re-
solving out non–thermal emission over thermal emission in the present observations.
Non–Thermal Spectral Index
Finally, wemeasure a disk averaged non–thermal spectral index of α =−0.53+0.02−0.02. This
is shallower than typically found in normal spiral galaxies (α ≈−0.8; Condon and Yin
1990) and better reflects the spectral index of a galactic SNR (α ≈ −0.5; Green 2014).
This suggests that a young CRe population is responsible for the non–thermal emis-
sion that we are observing within the main disk, and is justified as it is likely that these
CRe were accelerated in the most recent starburst phase (that finished ≈ 10Myr ago;
Angeretti et al. 2005; McQuinn et al. 2010). It should be stressed that this measured
non–thermal spectral index is strictly correct only on the spatial scales that the obser-
vations are sensitive to. If there is a large–scale component within the main disk that is
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primarily comprised of an older population of CRe, the measured non–thermal spec-
tral index may be steeper. This is however unlikely to be the case as NGC1569’s main
disk is much brighter than the surrounding halo (see Section 3.3.3).
3.5.2 Resolved Properties
NGC1569’s resolved properties are presented on a hexagon by hexagon basis, ensuring
that each individual pixel is more or less independent from each of the others.
Thermal Emission
The recovered thermal emission (Figure 3.7a) closely reflects the spatial structure from
the prior thermal model (see Figure 3.3), with a bright, compact source towards the
North–West of the galaxy and a fainter source towards the South–East. Both of these
sources are spatially coincident with known HII regions detailed in Waller (1991). The
morphology of the recovered thermal emission closely reflects that recovered by Lisen-
feld et al. (2004), who applied a similar separation procedure but with better sensitivity
to larger scale emission. Within the uncertainty of our fits, we recover the same ther-
mal emission in the North–West major HII region as Lisenfeld et al. (2004), as the bright
North–West source is compact, compared to the more extended nature of the rest of the
disk (see Section 3.3.3). However, we recover only roughly half of the emission across
the rest of NGC1569’s main disk, which could be due to the aforementioned lack of
short baselines or the Lisenfeld et al. (2004) fit potentially overestimating the thermal
radio emission within the main disk.
Non–Thermal Emission
The recovered non–thermal emission (Figure 3.7b) takes on a more diffuse morphology
than the recovered thermal emission. The emission is concentrated in three peaks; One
near, yet offset from the major peak in the recovered thermal map, a second coincident
with the minor peak in the recovered thermal map and a third towards the South–
Eastern tip of the mask. It is not surprising that two of the peaks coincide in both the
thermal and non–thermal maps, as this radio emission likely originates from current
regions of star formation. It should be noted that the offset peak is coincident with the
SNR candidate, N1569-17 (Chomiuk and Wilcots, 2009). However, as we are averaging
over a relatively large area, it is difficult to separate the compact source properties from
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the surrounding ISM. The peak towards the South–East is spatially coincident with
the well studied SNR, NGC1569-38 (Chomiuk and Wilcots, 2009), and has no corre-
sponding peak in the recovered thermal maps. Here the fitting procedure has correctly
identified that this source is dominated by non–thermal emission.
Thermal Fraction
Overall, the non–thermal emission is generally brighter than the thermal emission,
which is highlighted in Figure 3.7d. This figure shows how the thermal fraction varies
across NGC1569’s main disk. The thermal fraction is highest (≈50%) near the current
region of major star formation, towards the West of the main disk. The thermal fraction
then gradually decreases to ≈15% towards the East of the main disk. The peak in the
thermal fraction lines up with the site of on–going major star formation (see the Hα
map; Figure 3.3), which is expected as most compact sources identified within normal
galaxies are HII regions, dominated by thermal emission (Condon, 1992).
Non–Thermal Spectral Index
The recovered non–thermal spectral indices are generally between−0.4 and−0.7 across
NGC1569’s main disk. As shown in Figure 3.8, there appears to be a correlation be-
tween the recovered thermal fraction and the recovered spectral indices. This is ex-
pected as a higher thermal fraction indicates there is recent star formation occurring,
and any CRe that are accelerated would be very young. However, as the uncertainties
on both the recovered spectral index and thermal fraction are large, we do not detect
any significant variation in the recovered spectral index across the main disk.
The variations in the spectral index as seen in 3.7c are possibly due to two different
effects. One is the effect that the missing flux from short spacings has on the recovered
spectral indices, which is discussed in more detail in Section 3.3.3. This likely explains
the flattening towards the South–East of the main disk and the steepening towards the
North–West. The second effect is that the uncertainties on the recovered spectral indices
are much larger in regions with high thermal fractions. This is because it becomes more
difficult to constrain the non–thermal properties as the thermal emission becomes more
dominant. This likely explains the flattening towards the centre of NGC1569, although
the uncertainties on this measurement are large. These recovered non–thermal spectral
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FIGURE 3.8: Plot of the recovered thermal fraction against the recovered spectral in-
dex. Each data point corresponds to a hexagon from Figure 3.7. The data points are
the 50th percentile from the fit posterior probability distributions, and the uncertain-
ties show the 16th and 84th percentiles of the same distribution.
indices are consistent with what is expected for a young CRe population (Longair, 2011;
Green, 2014).
One additional interesting observation is that the recovered spectral index for the well
studied SNR, NGC1569-38, is steeper when the 33.8GHz observation is included, com-
pared to when it is ignored in the fit. Closer inspection reveals that there is a potential
break in its SED, which may be linked to spectral ageing effects. We discuss this source
in more detail and the potential nature of the break in Chapter 4.
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3.6 Discussion
3.6.1 Reddening Estimates
Traditionally, to isolate the non–thermal emission properties of a galaxy, authors gener-
ally use scaledHα emission as a proxy for the thermal emission and, after correcting for
extinction effects due to line of sight dust, subtract it from the total radio intensity maps
(e.g. see Heesen et al. 2014). There are two main problems that could arise from this
procedure: 1) the extinction estimate used to correct for the galactic foreground can
be very uncertain, especially in regions at low galactic latitude (Schlegel et al., 1998;
Schlafly and Finkbeiner, 2011) and 2) applying a single ‘blanket’ correction for the en-
tire galaxy does not capture any differential extinction that may be occurring within
the galaxy itself.
In our fitting procedure, we do not make any assumptions about extinction along the
line of sight. Instead we use the thermal model derived from an Hα map that has
not been corrected for extinction as a lower limit for the thermal emission component.
As we expect our radio observations to be largely free from any extinction effects, by
comparing our recovered thermal emission to the thermal model, we can estimate the
reddening along various lines of sight to NGC1569. From the Cardelli et al. (1989)
extinction curves we assume AHα = 2.54×E(B−V ), which we combine with Pogsons
relation to find:
E(B−V ) =
(−2.5
2.54
)
log10
(
SHα
ST
)
[mag] , (3.14)
where SHα is the flux density measured from the thermal model at 1GHz (see Figure
3.3) and ST is the thermal flux density recovered by our fitting procedure at 1GHz (see
Figure 3.7a).
We present the resolved reddening properties in Figure 3.9a. There appears to be sig-
nificant variation across NGC1569’s main disk, with the recovered E(B−V ) ranging
from as high as ≈ 0.8mag in the main star forming regions to ≈ 0.1mag in some of the
more diffuse areas. It should be noted however that the uncertainties on the reddening
can be quite large, as shown in Figure 3.9b. We also find that regions which are ob-
served to be bright in Hα emission tend to also be more reddened, which makes sense
as star–formation is observed to occur in dusty obscured environments (e.g. Kennicutt
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FIGURE 3.9: The top panel shows how the estimated reddening, E(B−V ), varies across
NGC1569’s main disk with overlaid Spitzer 24µm contours from Bendo et al. (2012).
The contours start at 0.36MJy sr−1 and increase in factors of 2. The bottom panel shows
the thermal emission inferred from the Hα map at 1GHz (Figure 3.3) plotted against
the recovered reddening.
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and Evans, 2012) . In Figure 3.9a we have plotted Spitzer 24µm contours from Bendo
et al. (2012). The reddening distribution we recover from the radio maps closely fol-
lows the warm dust traced by the 24µm emission, and indicates that the variation we
are observing is due to internal extinction within NGC1569 itself.
The reddening distribution matches up well with other literature extinction measure-
ments. For the main star forming region (Waller–2; Waller 1991), we find that E(B−
V ) = 0.76+0.18−0.24 mag. This agrees well with literature measurements from the Balmer
decrement method, which finds E(B−V )≈ 0.75mag (Devost et al., 1997; Relan˜o et al.,
2006). Towards the secondary peak in star formation (Waller–7; Waller 1991) we find
E(B−V ) = 0.25+0.26−0.25 mag. This is smaller than those found in the literature, as at a sim-
ilar resolution to this study, Relan˜o et al. (2006) find E(B−V ) ≈ 0.6mag and a higher
resolution study by Devost et al. (1997) finds E(B−V ) ≈ 1.0mag. Closer inspection of
the posterior probability distributions for this tile reveals that the thermal emission is
poorly constrained at this location, and that differences in the uv–plane sampling are
primarily responsible for the significant difference (see Section 3.3.3). We also find that
the most likely value for the reddening from the fitting procedure can be negative in
tiles where the thermal fraction is low. This is primarily due to the poorer constraints
on the thermal emission in these regions of the main disk and are accompanied with
larger uncertainties. In order to obtain more precise reddening estimates, longer obser-
vations, that have been corrected for missing short spacings, are required to improve
constraints on the thermal emission component.
We apply Equation 3.14 to the integrated thermal properties determined from our fit-
ting procedure to find the average reddening across NGC1569’s main disk. We find
an average reddening E(B−V ) = 0.49±0.05mag, which is in excellent agreement with
both Burstein and Heiles (1982) and Israel (1988) who find E(B−V ) ≈ 0.5mag. These
studies assume that all of the observed reddening is due to the galactic foreground,
however Figure 3.9a shows that there must be significant internal extinction contribut-
ing to the overall reddening. Therefore these authors may be over–estimating the galac-
tic foreground extinction.
We attempt to separate the reddening due to galactic foreground extinction, EF(B−V ),
and the reddening due to internal extinction, EI(B−V ), however we stress that the red-
dening uncertainties are quite large (see Figure 3.9b) and hence these results should be
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regarded as tentative. We estimate the reddening due to the galactic foreground by tak-
ing the median reddening across NGC1569’s main disk. This is motivated as we would
expect a uniform reddening correction to exist across the entirety of the main disk for
the foreground extinction, and an average over the main disk is biased upwards due to
significant reddening in the bright, compact star–forming regions. The median recov-
ered reddening is E(B−V ) = 0.33mag, which is less than E(B−V )≈ 0.5mag found by
Burstein and Heiles (1982) and Israel (1988) or the E(B−V )≈ 0.6mag found by Schlafly
and Finkbeiner (2011). This is possibly due to the Burstein and Heiles (1982) measure-
ment being averaged over a large area of the sky (0.6 deg2), where significant variations
on scales of ∼100 pc could occur (e.g. see the dust maps from Schlegel et al. 1998), and
the Israel (1988) measurement was made by analysing the integrated properties over
the entire galaxy, not taking into account any small scale variations. If we assume the
foreground reddening is EF(B−V ) = 0.3mag, we see variations due to internal extinc-
tion which can be as large as EI(B−V ) ≈ 0.5mag. This reflects the internal extinction
corrections that are measured for larger spiral galaxies (Kennicutt, 1998; James et al.,
2005), suggesting that the star–formation processes may be similar in this region of
NGC1569.
3.6.2 Equipartition Magnetic Field Strengths
The distribution of non–thermal radio continuum emission from a typical galaxy is
closely related to its underlying magnetic field strength, as CRe radiate non–thermal
radio emission in the presence of magnetic fields (Rybicki and Lightman, 1979; Beck
et al., 1996; Longair, 2011). In principle, magnetic field strengths can be determined
from radio observations accompanied with γ–ray or X–ray observations to gain addi-
tional information on the number density of CRe that are responsible for the observed
radio continuum emission. However, as these observations are not widely available,
an assumption about the relation between CRe and magnetic field strength has to be
made (Beck and Krause, 2005). The most commonly applied approach is to assume that
the total energy densities of the cosmic rays and the magnetic fields are approximately
equal. This is motivated as the cosmic rays in a galaxy are strongly coupled to the mag-
netic fields, and exchange energy until they reach equilibrium (Beck and Krause, 2005).
Although equipartition assumptions do not strictly apply to starburst galaxies, Kepley
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et al. (2010) argue that the magnetic fields derived for NGC1569 via equipartition as-
sumptions reflect the true magnetic field strengths, based on work by Thompson et al.
(2006).
We apply the revised equipartition magnetic field equations from Beck and Krause
(2005) to obtain estimates of the resolved magnetic field strengths. This equation is
derived by computing the energy density bound up within the magnetic fields and
balancing it with the cosmic ray energy density. The energetics of the cosmic rays are
usually dominated by the more massive cosmic ray protons inside a galactic disk. As
we do not detect any emission from these charged particles, we estimate the cosmic
ray proton energy density from the CRe energy density that is inferred from the radio
observations. This is accomplished in practice by assuming a ratio of the number den-
sities of cosmic ray protons to electrons, K, at a particular energy. Further details of the
basis of the equation can be found in an analogous calculation of the minimum energy
magnetic field strength, which we present in Chapter 4.
For NGC1569, we assume that the ratio of the CR electron to proton number densi-
ties is K = 100 (Beck and Krause, 2005), that NGC1569 has a non–thermal emission
scale height of 0.4 kpc (Banerjee et al., 2011; Elmegreen and Hunter, 2015) and that
NGC1569 is at an inclination of 60◦ (Jarrett et al., 2003). We assume the value of K = 100
as this roughly corresponds to that directly observed in particle detection experiments
on Earth at∼GeV energies (Beck and Krause, 2005; Hu, 2009). However, the cosmic ray
transport in NGC1569 is not necessarily the same as in the Milky Way, as indicated by
the steeper spectral index observed for the Milky Way (α ≈−0.75, Bennett et al., 2003)
compared to that observed in NGC1569 α ≈ −0.5. If we assume that the cosmic rays
in NGC1569 have not yet undergone significant losses at ∼GHz emitting frequencies
(which may be more physically reasonable for this system), the ratio of number den-
sities reduces to K ≈ 40 (see Chapter 4) and the recovered equipartition magnetic field
strengths reduce by ∼ 25%. We further assume that the magnetic fields are predomi-
nantly randomly orientated, as no ordered magnetic fields have been observed in deep
polarization studies of the main disk (Kepley et al., 2010). Finally, as equipartition
magnetic field strength from the revised equations in Beck and Krause (2005) cannot
be determined when α ≥ −0.5 (due to a diverging integral), we fix NGC1569’s spec-
tral index to the average over all of the fitted tiles (α = −0.53). This is a reasonable
assumption to make as NGC1569’s spectral index does not appear to vary much across
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FIGURE 3.10: Recovered equipartition magnetic field strengths, in µG, assuming a
non–thermal emission scale height of 0.4 kpc. The hexagonal pixels are the same as
those in Figure 3.7.
the main disk. Furthermore, this assumption enables a straight–forward comparison
of the recovered magnetic field strengths with the literature. We present a map of the
recovered equipartition magnetic field strengths in Figure 3.10.
The spatial distribution of the recovered equipartition magnetic fields is effectively
identical to the recovered non–thermal emission, with a peak towards the main star
forming region and another cospatial with the SNRNGC1569-38 (Chomiuk andWilcots,
2009). This is because, with a constant non–thermal spectral index, the derived equipar-
tition magnetic field strength is effectively proportional to the recovered non–thermal
flux density:
Beq ∝
(
(K +1)Fν
l
) 1
(3−α)
, (3.15)
where Beq is the equipartition magnetic field strength, K is the assumed ratio of number
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densities of cosmic ray protons to electrons, Fν is the recovered non–thermal flux den-
sity at frequency ν , α is the non–thermal spectral index and l is the path length through
the non–thermal emitting medium.
The recovered equipartition magnetic field strengths are largest in the region of major
star formation and in the SNR NGC1569-38, where it reaches 37.9+2.8−2.3µG and 37.4±
0.4 µG respectively. The magnetic fields are weakest in more diffuse regions of the
main disk, with the lowest magnetic field strength measured being 25.5+0.6−0.7µG. Av-
eraged over the entire main disk, we find an equipartition magnetic field strength of
32.1±0.3 µG. We emphasize that the quoted uncertainties are derived from the uncer-
tainties on the non–thermal normalisation only, so the true uncertainties are likely to be
much larger. Furthermore, as with most conclusions drawn from high–resolution in-
terferometric observations, these magnetic field strengths should formally be regarded
as lower limits due to missing flux. However, as the recovered magnetic field strength
weakly depends upon the recovered flux (see Equation 3.15), we expect this to have a
small effect on the recovered magnetic fields.
The recovered magnetic field strengths are in good agreement with those found by Ke-
pley et al. (2010). In the peak associated with the main star forming region, Kepley et al.
(2010) find a magnetic field strength of 38µG compared to the 37.9+2.8−2.3µG found in this
study. However, these measurements are much larger than those found in other post–
starburst dwarf galaxies, although this is probably related to the assumed disk scale
height. Assuming a disk scale height of 1 kpc for example will reduce the recovered
magnetic field strengths by 33% (see Equation 3.15). Chyz˙y et al. (2016) assume a disk
scale height of 1 kpc whilst studying the post starburst dwarf irregular IC 10. They find
that the peak magnetic field strengths in regions of on–going star–formation are as high
as 29 µG. We obtain a very similar magnetic field strength if we assume the same scale
height (29.2+2.2−1.6µG), although it should be noted that Basu et al. (2017) find from their
SED analysis that these regions in IC 10 can be modelled as being dominated by ther-
mal emission, meaning the uncertainty in the Chyz˙y et al. (2016) result could be large.
Regardless, the recovered magnetic field strengths are much larger than that found in
other dwarf galaxies (Chyz˙y et al., 2011; Roychowdhury and Chengalur, 2012) and in
larger Magellanic–type galaxies (Jurusik et al., 2014). This is possibly due to either the
large number of SNR occurring after the starburst, generating and maintaining turbu-
lence which amplifies the magnetic field strength via the small scale dynamo (Chyz˙y
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et al., 2011, 2016), or because of the fact that this resolved study is focused on high
surface brightness emission whereas the older literature studies are mainly based on
emission integrated over the entire galaxy, or a combination of the two.
Although our recovered magnetic field strengths likely underestimate the true mag-
netic field strength due to missing flux, it is unlikely that it is significantly affecting our
results as the equipartition magnetic field strengths vary weakly with recovered flux
(see Equation 3.15). If we are missing 30% of the flux due to missing short spacings,
our recovered equipartition fields will only underestimate the true equipartition mag-
netic field strengths by ∼ 10%. We find that the magnetic field strengths are similar to
those found in turbulence dominated spiral arms and central regions in normal galax-
ies, where the magnetic field strength is ≈ 20−30 µG (Basu and Roy, 2013; Beck, 2015).
This suggests that the relativistic environment in NGC1569’s main disk could be simi-
lar to star–forming regions found in the spiral arms of normal star–forming galaxies. It
is important to note that there are many assumptions that go into estimating equiparti-
tion magnetic field strengths, each of which have large associated uncertainties. There-
fore, the estimates reported here should be interpreted at an order of magnitude level
only.
3.7 Conclusions
We adopt a Bayesian methodology to separate the thermal and non–thermal radio con-
tinuum emission components from VLA maps spanning a broad frequency range on a
resolved basis. In our fitting procedure, we include prior information about the thermal
normalisation extracted from literature Hα maps. Our main conclusions are:
1. On an integrated basis, we recover 28.1+2.8−3.1 mJy thermal radio continuum emis-
sion and 81.0+2.9−2.6 mJy non–thermal radio continuum emission at 1GHz, although
these values should be treated as lower limits due to the interferometric nature
of the observations. We estimate that we are resolving out ≈ 30% of the main
disk flux density at all observed frequencies, hence the relative spectral prop-
erties (thermal fraction and non–thermal spectral index) are preserved. These
measurements correspond to a high thermal fraction of 0.26+0.02−0.03 at 1GHz, which
reflects what is found in other studies of dwarf galaxies. However, if the entire
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galaxy is considered, this fraction should be treated as an upper limit. It is likely
to decrease slightly if the halo, which is dominated by non–thermal emission, is
included.
2. On a resolved basis, we find that the recovered thermal emission closely follows
the structure of the prior Hα map and is consistent with the separation carried
out by Lisenfeld et al. (2004). There are two main peaks in the thermal distri-
bution, which both match up with known HII regions. We recover less thermal
emission in the Western peak than previous measurements, which is likely due
to differences in the sampling of the uv–plane between observations. The recov-
ered non–thermal emission is more diffuse than the recovered thermal emission
and is also generally brighter. The non–thermal emission consists of three emis-
sion peaks, two of which line up with known regions of current star formation
and one corresponding with the known SNR NGC1569-38. The resolved thermal
fraction is ≈ 15% across most of the main disk, and increases to ≈ 50% in the
region of major star formation.
3. The resolved spectral indices are generally between α =−0.4 and −0.7 and tend
to be flatter in regions of active star formation. Within uncertainties, the re-
solved non–thermal spectral index does not appear to vary significantly across
NGC1569’s main disk. The average non–thermal spectral index across the main
disk is α =−0.53±0.02. This spectral index is shallower than that found for nor-
mal spiral galaxies, and closely reflects the injection index found in young SNR.
This indicates that the CRe population producing the non–thermal emission is
young and probably originates from the recent starburst phase the galaxy has
undergone.
4. By comparing the prior Hα map that has not been corrected for extinction with
our recovered thermal emission map, we estimate the reddening along the line of
sight to NGC1569. Integrated over the main disk we find that the overall redden-
ing is E(B−V ) = 0.49±0.05mag. This is in excellent agreement with the galactic
foreground estimates from the literature. However, variations in the reddening
across NGC1569’s main disk indicate that internal extinction is significantly con-
tributing to this estimate. By taking the median reddening across the main disk,
we estimate that the reddening due to the galactic foreground is EF(B−V )≈ 0.3,
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with internal extinction contributing on average EI(B−V )≈ 0.2. On a resolved ba-
sis however, the variations in internal reddening can be as large as EI(B−V )≈ 0.5,
which is similar to that found in larger spiral galaxies.
5. Using the recovered non–thermal emission characteristics, we derive estimates
for the equipartition magnetic field strengths. Assuming a scale height of 0.4 kpc,
we find that our recovered equipartition magnetic field strengths vary between
25µG to 38µG across the main disk. Our recovered magnetic field strengths are
similar to those found in the post–starburst dwarf irregular galaxy, IC 10, but
are in general larger than those found for dwarf galaxies. These magnetic field
strengths are similar to those found in the spiral arms and central regions of nor-
mal spiral galaxies, indicating that the relativistic ISM may be similar in both.
Future studies applying the presented separation procedure should ideally use maps
that have been corrected with single dish observations. Not only would this improve
the constraints on the fitted parameters by reducing the scatter in the galaxy SED, it
would also greatly simplify the interpretation of the recovered fit parameters.
Chapter 4
High–Resolution observations of the
SNR NGC1569–38
4.1 Introduction and Motivation
As discussed in Chapter 1, SNR are currently thought to be the primary source of cos-
mic rays in normal star–forming galaxies (H.E.S.S. Collaboration et al., 2018). In SNR
shock fronts, CRe are accelerated through the DSAmechanism (see Drury 1983 for a re-
view) and released into the ISM, where they interact with interstellar magnetic fields to
produce observed diffuse non–thermal radio continuum emission (Rybicki and Light-
man, 1979). As the observed supernova explosion rate is closely related to a galaxy’s
recent star formation history, it comes as no surprise that the observed non–thermal ra-
dio continuum emission is closely correlated with other star–formation tracers (Heesen
et al., 2014; Tabatabaei et al., 2017). However, the physics behind this relationship are
complex (e.g. Lacki et al., 2010) and depend on the initial energy spectrum of the CRe
that are injected into the ISM, subsequent transportation away from their sites of accel-
eration where the CRe experience various energy gains and losses, and their eventual
escape from the galaxy. Galactic CRe transport has been analysed at great depth in the
literature (e.g. Strong et al., 2007) and clues on how CRe escape galaxy disks have been
found in radio observations of nearby galaxy haloes (Heesen et al., 2018a,b). However,
how the CRe escape from their sites of acceleration remains a mystery, which can be
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rectified through detailed studies of galactic and extra–galactic SNR along with their
surrounding environments.
Whilst studying the resolved radio–continuum properties of NGC1569 (see Chapter
3), we noticed that the compact source located towards the south–east of NGC1569’s
main disk possesses an unusual radio spectrum that warranted further study (see Fig-
ure 4.4). This source matched spatially to the well studied SNRNGC1569–38 (Chomiuk
and Wilcots, 2009), and has been shown in the literature to be a compact non–thermal
source (Greve et al., 2002) with associated X–ray emission (Martin et al., 2002) and in-
frared [FeII] line emission (Labrie and Pritchet, 2006). Furthermore, a shell–like mor-
phology is visible in Hubble optical [OIII] and [SII] maps (Shopbell et al., 2000), ce-
menting NGC1569–38’s status as a bona fide SNR.
NGC1569 was also observed as part of the LeMMINGs deep survey (Baldi et al., 2018),
providing complementary high–resolution radio continuumobservations to the already
discussed VLA observations (see Chapter 3). In this chapter, we analyse the high–
resolution radio continuum properties and provide amore in depth analysis of its radio
spectrum as observed in the VLA observations.
This chapter is structured as follows; in Section 4.2 we describe our observations, data
reduction and imaging method; in Section 4.3 we present the results from our high–
resolution LeMMINGs observations and revisit the VLA observations of NGC1569–38;
in Section 4.4 we estimate NGC1569–38’s age and expansion velocity, present deeper
analysis of its radio SED and analyse its minimum energy magnetic field strength. Fi-
nally we present our conclusions in Section 4.5.
4.2 Observations and Data Reduction
NGC1569 was observed at 1.5GHz (L–Band) with e–MERLIN as part of LeMMINGs
(Westcott et al., 2017; Williams et al., 2017; Baldi et al., 2018), an e–MERLIN legacy
project. All antennas, including the 76m Lovell telescope, were available for the full
duration of the 9–hr observation, taken on 2015 April 25. The total 512MHz band-
width was split into 8 IFs (intermediate frequencies), each with 128 individual chan-
nels of bandwidth 0.5MHz. The primary flux calibrator, 3C286, was used to set the
flux scale; the point–like source, OQ208, was used to determine the passbands and
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FIGURE 4.1: Observed u–v visibillity distribution for the e–MERLIN observation of
NGC1569.
relative antenna gains, and J0449+6332 was used to determine the complex gains to
apply to NGC1569. The observations started with alternating scans of NGC1569 and
0449+6332, spending 7min on NGC1569 and 3min on 0449+6332 for each iteration, re-
sulting in 4.9 hr total time on source. We present the observed uv–plane for NGC1569
in Figure 4.1. The observation finished with a 45–min scan of 3C286 and a 30–min scan
of OQ208.
Before we carried out any calibration, we first used SERPent (Peck and Fenech, 2013;
Argo, 2015) with default settings to remove any obvious radio frequency interference
(RFI). We conducted further manual flagging to remove any other obvious RFI from
the data that SERPent had missed using the AIPS task IBLED. In total, we estimate that we
flagged ∼ 20% of the data taken of NGC1569.
The calibration and data reduction were carried out using AIPS1, following the standard
calibration procedure detailed in the e–MERLIN cookbook2. After the calibration, we
1AIPS, the Astronomical Image Processing Software, is free software available from the NRAO.
2Available at: http://www.e-merlin.ac.uk/data_red/tools/e-merlin-cookbook_V3.0_Feb2015.pdf
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FIGURE 4.2: Naturally weighted e–MERLIN map of NGC1569. The blue contours are
set to 5, 7, 10 and 20 times the 18 µJy beam−1 noise level and highlight the observed
compact sources withinNGC1569. The black contours correspond to the VLAA–array
image presented in Chomiuk and Wilcots (2009) and are set at 3, 6, 12, 24 48, 96, 192
times their 26 µJy beam−1 noise level. We have labelled the position of NGC1569–38
in red.
flagged the first and last 15 channels in each IF as they form the least sensitive areas of
the passband and contribute mostly noise (these flagged channels are included in the
∼ 20% data loss mentioned earlier). We then carried out several rounds of phase–only
self–calibration on the NGC1569 field to improve the quality of the final maps, using
the bright background sources NVSS J042932+645627 and NVSS 042952+644251 to aid
calibration. To further improve sensitivity, the calibrated u–v data were weighted to
enhance the contribution from telescopeswith a larger collecting area, using the scheme
recommended in the e–MERLIN cookbook.
We imaged NGC1569 with the AIPS task IMAGR using the Clark CLEAN deconvolution
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algorithm (Clark, 1980). During imaging, we used a natural weighting scheme to max-
imise sensitivity to any extended structure (the e–MERLIN array is sensitive to struc-
tures smaller than ∼ 2′′, as set by the shortest baseline measured) and we placed outlier
fields on the bright background sources, NVSS J042932+645627 andNVSS 042952+644251
to account for their contaminating sidelobes. This weighting scheme resulted in a
0′′.53 × 0′′.22 synthesized beam. Following the Gaussian parameterisation of the e–
MERLIN primary beam (including the Lovell telescope) presented in the e–MERLIN
technical capabilities, we find a primary beam attenuation correction factor at the lo-
cation of NGC1569–38 of 1.002 which we apply to all presented flux density measure-
ments of the SNR. Our final maps of NGC1569 reach a noise level of 18 µJy beam−1. We
present the resulting final map in Figure 4.2.
4.3 Results
4.3.1 High–Resolution e–MERLIN Observations Of NGC1569–38
NGC1569–38 is resolved in our high–resolution e–MERLIN observation, and has an
elongated near Gaussian shape (see Figure 4.3). We measure the apparent size and in-
tegrated flux density of the compact source by fitting a 2 dimensional Gaussian function
using the AIPS task IMFIT and present the fitted parameters in Table 4.1. The presented
uncertainties are those returned by IMFIT, apart from the integrated and peak flux den-
sities, where we have combined the returned uncertainty in quadrature with a conser-
vative 10% uncertainty in the absolute flux scale. As NGC1569–38 is smaller than the
largest resolvable angular size of ∼ 2” for e–MERLIN at 1.5GHz (see e–MERLIN tech-
nical capabilities), we are confident that we are recovering all of the emission from the
SNR, and that the measured integrated flux density is an accurate representation of the
true integrated flux density at 1.5GHz.
We directly compare our observation of NGC1569–38 with earlier MERLIN observa-
tions presented in Greve et al. (2002). There is very good positional agreement between
NGC1569–38 and the corresponding source M–6 (as the SNR is labelled in their paper),
and the sources appear (by eye) to be of similar angular size. We observe however
a slightly different morphology with our presented e–MERLIN observations. This is
most likely due to differences in the sampling of the uv–plane. Our observation is
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FIGURE 4.3: Zoom in of the 1.5GHz e–MERLIN detection of NGC1569–38. The white
contours correspond to the VLA A–array map presented in Chomiuk and Wilcots
(2009). The black circle represents the aperture that we integrate over when study-
ing the flux properties from lower resolution VLA maps in Section 4.3.2. We show the
0.′′46×0.′′21 e–MERLIN synthesized beam in the bottom left of the map.
short, resulting in an elliptical synthesized beam, whereas theirs was taken over a 36 hr
time period, resulting in a circular beam. Furthermore, it is possible that Greve et al.
(2002) used a different weighting scheme during imaging, which could further affect
how NGC1569–38 appears.
Assuming that NGC1569 is located at a distance of 3.36± 0.2Mpc (Grocholski et al.,
2008), we find that NGC1569–38 has a diameter equal to 13±1pc. This is a factor of 2
smaller than the∼ 26pc found by scaling the measurement by Greve et al. (2002) to our
assumed distance. The source of this difference is unknown as it is not discussed how
Greve et al. (2002) measure the diameter of M–6, but it is plausible that the difference
may be due to mixing up radius and diameter. Similarly, it is unclear how Greve et al.
(2002) measure NGC1569–38’s integrated flux density. They obtain a total flux density
equal to 1.54±3mJywhich we are consistent with, within their large uncertainty range.
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TABLE 4.1: Fitted parameters from IMFIT, based upon 1.5GHz e–MERLIN observa-
tions of NGC1569–38.
Property Recovered Value
α (hh mm ss) 04 30 54.238
δ (◦ ′ ′′) +64 50 43.17
Major Axis (FWHM) 1.05±0.06 arcsec
Minor Axis (FWHM) 0.60±0.05 arcsec
Position Angle 38.2±6.5deg
Peak Flux Density 0.422±0.047mJybeam−1
Integrated Flux Density 3.12±0.36mJy
Note: The right ascension and declination correspond to the centre of the SNR. The
presented major and minor axis measurements have been deconvolved for the effect
of the synthesized beam.
Our measured integrated flux density is however significantly smaller than the 4.67±
0.08mJy found using the VLA in A–configuration by Chomiuk andWilcots (2009). This
is unlikely to be due to missing flux from NGC1569–38, as the SNR is much smaller
than the largest angular scale measurable by e–MERLIN at 1.5GHz. Instead it is more
likely due to their lower resolution synthesized beam (1′′.4 × 1′′.4) including additional
emission from the diffuse ISM surrounding the SNR, which we resolve out with the
presented e–MERLIN observation. The VLA observing at 1.5GHz in A–configuration
is sensitive to emission on angular scales smaller than ∼ 35′′, whereas e–MERLIN is
only sensitive to emission on angular scales smaller than ∼ 2′′. This result reveals that
25 to 40% of the emission attributed to NGC1569–38 by Chomiuk and Wilcots (2009)
may be due to radio continuum emission originating from the diffuse ISM surrounding
NGC1569–38. This result emphasizes the requirement for high spatial resolutions when
studying extra–galactic SNR.
4.3.2 Low–ResolutionVLAObservations ofNGC1569–38AndThe Surround-
ing ISM
To further analyse the combined radio properties of NGC1569–38 and the surrounding
ISM, we use the VLA observations presented in Chapter 3 (Westcott et al., 2018) to
obtain a radio SED for analysis. These observations are at a much lower resolution
than the e–MERLIN observation (with a synthesized beam equal to 6.3” x 6.3”) and
are sensitive to emission on larger angular scales (as large as ∼1’). As demonstrated
earlier, we expect that the surrounding ISM plays a more dominant role in the observed
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TABLE 4.2: NGC1569–38 Flux Densities measured by the VLA
Frequency Flux Density Frequency Flux Density
(GHz) (mJy) (GHz) (mJy)
1.26 7.40±0.34 7.40 3.49±0.17
1.78 6.24±0.20 8.50 2.63±0.15
2.50 5.11±0.15 9.50 2.28±0.15
3.50 4.03±0.14 33.80 0.59±0.20
5.00 4.18±0.16 1.0T * 0.34±0.11
Note:* corresponds to the predicted thermal emission estimated from the Hα map
presented in Hunter and Elmegreen (2004).
radio properties at lower resolutions. Although we do not have high spatial resolution,
the maps densely sample the 1–34GHz range enabling detailed study of the region’s
combined (SNR + ISM) spectral properties.
We measure the flux density of NGC1569–38 and the surrounding ISM from the VLA
maps by integrating the emission found within an aperture of diameter 10′′.8 centred
on the co–ordinates of NGC1569–38 (which is represented by the black circle in Figure
4.3). We present the measured flux densities at each frequency from this analysis in
Table 4.2, and plot them in Figure 4.4. We have corrected the presented measurements
for the effects of primary beam attenuation at each observed frequency. We calculate
the associated uncertainties by adding in quadrature the uncertainty in the flux scale,
the variability of the primary flux calibrators (Perley and Butler, 2017), the uncertainty
in the primary beam correction3 and the uncertainty due to map noise. Normally the
total uncertainty is ∼ 5% apart from the 33.8GHz observations where the uncertainty
reaches ∼ 34%. This is primarily due to the fact that NGC1569–38 lies towards the
edge of the primary beam at 33.8GHz (at 30% its maximum value) and the map noise
is significantly enhanced at this distance from the pointing centre. We also note that the
measurements at 5.0 and 7.4GHz appear enhanced by ∼ 20% compared to the obser-
vations at other frequencies. The source of this offset could not be identified, however
it is likely to be due to a calibration issue as both of these maps were based on the same
VLA observation and both have the same offset. As the source of the offset could not
be identified, we include these datapoints in the rest of the analysis, but we also note
that our results do not change significantly if we ignore them.
3See https://library.nrao.edu/public/memos/evla/EVLAM_195.pdf
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FIGURE 4.4: Observed radio SED of NGC1569–38 and its surrounding ISM. The black
datapoints correspond to the observations presented in Table 4.2, and the red line cor-
responds to a power–law fit to the data.
The observed datapoints appear to be distributed according to a power–law, but devi-
ate at frequencies > 10GHz. This is illustrated if we fit a power–law of the form:
Sν = K
(
ν
νo
)α
, (4.1)
to the datapoints with frequencies lower than 10GHz. In Equation 4.1, K is the nor-
malisation at reference frequency νo (taken to be 1GHz) and α is the observed spectral
index. From a least squares fitting procedure, we determine K = 8.48± 0.64mJy and
α =−0.54±0.06. It is immediately obvious from the fit that NGC1569–38 only accounts
for 38–55% of the observed emission at 1.5GHz and shows that there is significant con-
tamination from the surrounding ISM. The relatively shallow observed spectral index
indicates that that the observed radio continuum emission is non–thermal in origin and
reflects what is typically observed in galactic and extra–galactic SNR (Urosˇevic´ et al.,
2005; Green, 2014). The 33.8GHz datapoint falls lower than expected for the simple
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power–law model, which is an indication that CRe loss processes are preferentially af-
fecting the higher energy electrons. The uncertainties on this datapoint are however
large, but the deviation is still significant at a 3.5σ level. It should be noted that the
following analysis critically depends upon the validity of the 33.8GHz datapoint, as it
is the only datapoint that exhibits a significant deviation from the fitted powerlaw. The
uncertainties associated with this datapoint are already large, but could be significantly
larger if the difference between on–source and off–source uncertainty are taken into ac-
count (Harwood et al., 2013). It is therefore likely that we are underestimating the un-
certainties associatedwith this point, which greatly reduces the significance of the devi-
ation. Furthermore, we did not apply an opacity correction whilst calibrating the data,
although inspecting the VLA weather summary for these observations indicates that
the zenith opacity is small at the time the Ka observation was made (τ ≈ 0.03Nepers).
NGC1569 was located a low elevation during the Ka observations, resulting in a larger
opacity correction than that at the zenith angle. Taking this correction into account re-
sults in a∼ 5% increase to the flux scale, which also slightly reduces the deviation from
the fitted powerlaw. To obtain better constraints on the existance of a possible break
associated with NGC1569–38, further high frequency (> 10GHz) radio observations
that are centred on the SNR (to reduce the impact of the primary beam) are required.
Although the observed deviation could simply be due to observational uncertainty, we
will continue with our analysis as we can still learn about how a SNR could in the-
ory possess a SED with a spectral break. We present further in depth modelling of the
observed SED in Section 4.4.4.
4.4 Discussion
4.4.1 Estimating NGC1569–38’s age and expansion velocity
As we have measured the diameter of NGC1569–38 with the presented e–MERLIN
observations, we can derive tentative estimates of the SNR age and expansion velocity
by using the analytic models presented in Truelove and McKee (1999). We conduct
a Monte–Carlo simulation, where we generate models for how the SNR radius and
expansion velocity evolve with time, assuming a variety of initial explosion conditions
(the explosion kinetic energy, the ejected mass, the ambient particle density and the
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ejecta power–law index). We then compare these generated models to the observed
diameter (13±1pc) to constrain how the SNR age and expansion velocity.
We generate 10,000 SNR expansion models by drawing 10,000 samples from distribu-
tions that encompass plausible explosion initial conditions and applying the analytic
equations from Truelove and McKee (1999). We assume that the explosion initial con-
ditions can be drawn from a uniform distribution in log space between 1–100M⊙ for
the ejected mass and between 0.1–10 cm−3 for the ambient particle number density. For
the initial kinetic energy, we draw the samples from a base–10 lognormal distribution,
centred on 1051 erg (Janka, 2012) with σ = 1.0 (i.e. 1 dex). We further assume that the
ejecta power–law index can be integer values between n = 7−12 (which is relevant for
Type II SNe progenitors; Chevalier 1982) and that the SNR is expanding into a uni-
form medium. We present the distributions resulting from this Monte–Carlo analysis
in Figure 4.5.
We find that the distribution summarising the constraint on the SNR age follows a
base–10 log–normal distribution, with a median age equal to 4000 yr and with a stan-
dard deviation σt = 0.5dex (the 1σt range is 1200–13500 yr). The distribution sum-
marising the constraint on the expansion velocity similarly follows a base–10 log–
normal distribution with a median velocity equal to 960 kms−1 and a standard devi-
ation σv = 0.54dex (1σv range is 275–3300 kms
−1). From the SNR’s size, it is likely to be
young and just entering the Sedov–Taylor phase of expansion and is still in the process
of accelerating CRe.
The current constraints are weak and permit a large range of SNR ages and expansion
velocities. The constraints can be improvedwith further observations of NGC1569–38’s
expansion velocity. Deep X–ray spectroscopy could shed light on the mechanisms pro-
ducing the observed emission (Martin et al., 2002), and by observing the non–thermal
properties, place further constraints on the expansion velocity (Allen et al., 2015). Ad-
ditionally, the expansion velocity could be directly measured using multi–epoch VLBI
observations with a long enough time baseline (Fenech et al., 2008).
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FIGURE 4.5: Distributions resulting from the Monte–Carlo simulations used to de-
termine NGC1569–38’s age and expansion velocity. The top plot shows age and the
bottom plot shows expansion velocity.
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4.4.2 Can The Observed Break Be Attributed To NGC1569–38?
Broken power–law radio spectra have recently been observed in integrated studies of
both Galactic (Xiao et al., 2008; Pivato et al., 2013; Onic´ et al., 2017; Loru et al., 2018) and
extra–galactic (Crawford et al., 2008; Bozzetto et al., 2010; de Horta et al., 2012) SNR,
where the spectral breaks are found between 1.5 and 6GHz (Xiao et al., 2008; Pivato
et al., 2013). In previous studies, the break is typically attributed to CRe losses, pri-
marily due to a combination of synchrotron emission and Inverse Compton scattering
(Pivato et al., 2013); however some authors attribute the break to observational bias
(Bozzetto et al., 2010; Urosˇevic´, 2014). Furthermore, breaks are only expected in very
evolved SNR, where the accelerated CRe have had enough time to undergo radiative
losses (Urosˇevic´, 2014). Other than radiative losses and Inverse Compton scattering,
CRe escape with an energy dependent diffusion coefficient can also produce a break
towards high frequencies. Here we analyse these two scenarios to see whether the
observed break can be attributed to NGC1569–38 itself.
Is The Observed Break Due To A Combination Of Radiative Losses And Inverse
Compton Scattering?
To visualize how radiative losses and Inverse Compton scattering can produce a break
in the observed radio SED, we need to think about how cosmic rays can escape from
the shock region in the DSA process. Cosmic rays gain energy whenever they are able
to completely cross the contact discontinuity in a shockwave. On either side of the
shock, the Cosmic rays undergo a random walk, where they scatter off magnetic field
inhomogeneities. Upstream of the shock (outside the SNR), the accelerated Cosmic
rays can only escape the shock front if they can diffuse away at a velocity larger than
the shock velocity. At early times the shock velocity can be as high as ∼ 10,000kms−1,
so it is likely that all accelerated Cosmic rays will always be advected back across the
shockfront. Downstream however (inside the SNR) it is possible for the accelerated
Cosmic rays to be advected away from the shock front into the SNR interior, where
they can no longer be accelerated. These Cosmic rays will remain trapped until the
shockfront has slowed down enough to facilitate their diffusion into the surrounding
interstellar medium. At early times we would therefore expect all of Cosmic rays that
have been accelerated by the SNR shock front to be foundwithin the SNR interior. Here
they undergo adiabatic losses due to the SNR expansion and the CRe will also undergo
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radiative losses, due to interaction with magnetic fields found within the SNR, and
potentially produce a break in the observed non–thermal radio SED.
If the cosmic ray acceleration is constant over the entire age of the SNR (which is a rea-
sonable assumption if the density profile of the medium the SNR is expanding into is
∝ r−2; Vink 2008), then the observed non–thermal radio continuum emission will take
the form of a broken power–law, analogous to that derived in Heavens and Meisen-
heimer (1987) and Urosˇevic´ (2014). At low frequencies (∼GHz), the observed spectral
index α reflects the injection spectrum, but at higher frequencies it is steepened by
αHE = α−0.5. The break can be interpreted as the superposition of many different CRe
populations that are each in various stages of energy loss inside the strong magnetic
fields. The observed break frequency then approximately corresponds to the oldest
CRe population that has been advected into the SNR interior but has not yet lost all of
its energy due to adiabatic losses.
To calculate whether a break can form at GHz frequencies due to radiative losses, we
construct a simple model to predict where we would expect to observe a break as a
function of SNR age. The location of the break frequency is dictated by the magnetic
field strength the CRe population can interact with and the timescale over which they
can interact:
νbreak = 1.12×106
(
t
Myr
)−2(
B
µG
)−3
GHz. (4.2)
(Equation 4.2 has been adapted from Beck and Krause 2005). In our simple model,
we assume that a CRe population can only undergo radiative losses over the adiabatic
timescale at the time at which they were advected into the SNR interior. We choose
the adiabatic timescale as our ‘ageing’ time, as after this timescale the CRe will have
lost their energy to the expansion of the SNR and will no longer be dominating the
observed radio continuum properties.
First, we need to generate a model for how the magnetic field strength the accelerated
CRe ‘see’ varies as the SNR expands into the surrounding ISM. The magnetic field
strength immediately behind a shock front is expected to be related to the shock speed
through:
Bd ∝
√
ρoV 3s , (4.3)
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where Bd is the downstream (SNR interior) magnetic field strength and ρo is the am-
bient density of the ISM. This dependence is found from analysis of magnetic field
amplification in non–linear DSA theory (Bell, 2004), and evidence for this dependence
has been found frommeasuring the widths of synchrotron X–ray filaments at the outer
shocks of galactic SNR (Vo¨lk et al., 2005; Vink, 2006, 2008). We estimate the constant
of proportionality by fitting a line to the compilation of magnetic field strengths, mea-
sured from the widths of X–ray filaments, and ambient particle densities presented in
Vink (2006):
Bd ≈ 4×10−10
( no
cm−3
)0.5( Vs
kms−1
)1.5
G, (4.4)
where no is the ambient particle density in the surrounding ISM. It is important to note
that this magnetic field strength only corresponds to that found near the outer shock,
and may not be representative of the magnetic field strengths found within the SNR
where turbulence may enhance the magnetic field further (e.g., Ji et al., 2016). Typ-
ically the magnetic field strengths measured from radio observations are a factor of
∼ 10 larger than those measured from the widths of X–ray filaments (Vink and Laming,
2003; Vink, 2006; Reynolds et al., 2012), which provides evidence for this interpreta-
tion. Therefore, to estimate the magnetic fields within the SNR interior that the radio
emitting CRe are interacting with, we simply multiply Equation 4.4 by a factor of 10.
We combine Equation 4.4 with the analytic solutions for how the shock velocity varies
with time from Truelove and McKee (1999) to create a rough model for how the SNR
magnetic field strength varies with time.
Next we need to estimate how the adiabatic loss timescale varies as the SNR expands.
From Longair (2011), the energy loss rate due to adiabatic losses for a relativistic gas is
given by:
dE
dt
=−1
3
(∇ ·v)E, (4.5)
where v is the velocity distribution of the gas. If we assume that the SNR can be mod-
eled as a uniformly expanding sphere, the velocity distribution is given through:
v= vo
r
R
rˆ, (4.6)
where vo is the expansion velocity of the edge of the sphere, R is the radius of the sphere
and rˆ is a unit vector pointing in the radial direction. The adiabatic loss timescale is then
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given by:
τad(t) =
R(t)
Vs(t)
, (4.7)
where R(t) describes how the SNR radius changes with time and Vs(t) describes how
the SNR shock velocity changes with time. Again, analytical solutions for R(t) andVs(t)
can readily be found in Truelove and McKee (1999).
As we are assuming that the break frequency forms over the adiabatic loss timescale,
the instantaneous magnetic field strength predicted by Equation 4.4 may vary signifi-
cantly over this time period, especially at early times in the SNR expansion. The break
frequency should then be determined from the adiabatic loss timescale and the aver-
age magnetic field strength over this time period. The average magnetic field strength
‘seen’ by the radio emitting CRe as a function of SNR age is then given by:
〈B〉(t) = 10×
∫ t
tmin
Bd(t
′)dt ′
τad(tmin)
, (4.8)
where τad is the adiabatic loss timescale and tmin is the minimum limit for in integration,
found by solving:
t = tmin + τad(tmin). (4.9)
We plot Equation 4.8 for an example SNR in Figure 4.6.
Our simple model derived from the X–ray emission predicts that the break frequency
should lie in the X–ray regime, which is promising as breaks in non–thermal X–ray
spectra are typically observed in X–ray studies of galactic SNR (Reynolds, 2008). If we
multiply the magnetic field strength by a factor of 10 to account for the radio emitting
CRe, we find that the break frequency is predicted to be found in the ∼ µm regime, i.e.
we should observe a pure power–law SED at GHz frequencies. To produce a break at
10GHz, we require the magnetic field strength to be a factor of 10 higher still (of order
10mG, see Figure 4.6). Magnetic fields of this strength are not observed in evolved SNR
(Reynolds, 2008), therefore the observed break cannot be attributed to radiative losses
within NGC1569–38 itself.
The contribution of Inverse Compton scattering to radiative synchrotron losses can be
estimated by computing the ratio of their energy densities. For amagnetic field strength
equal to 200µG and a radiation energy density equal to that of the CMB (≈ 10−13 Jm−3),
we find a ratio equal to 7×10−4. In the solar neighbourhood, the CMB is the dominant
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FIGURE 4.6: Plot showing the predicted average magnetic field strength as a func-
tion of time for an example SNR. The blue dashed line corresponds to a SNR with
ejecta mass Me j = 30M⊙, an explosion energy equal to 1044 J expanding into a ambi-
ent particle density no = 1 cm
−3 with a power–law ejecta density profile, n = 7, and
was constructed using the X–ray data from Vink (2006). The blue line represents the
observed magnetic field strength experienced by the radio emitting CRe (which is the
X–ray model multiplied by a factor of 10; Vink and Laming 2003; Reynolds et al. 2012).
The red line corresponds to the magnetic field strength required to produce a break at
10GHz due to radiative losses only.
photon field (e.g., Vernetto and Lipari, 2016) and we would expect the energy denstiy
to not vary by more than a factor of a few if the emission from dust and starlight is
included. This indicates that Inverse Compton scattering is not playing a large role in
producing the observed break. We would require the radiation field energy density
to be ∼ 104 times larger to be able to bring our simple model in line with a break at
10GHz. It is therefore very unlikely that Inverse Compton scattering can be invoked
to explain the magnetic field discrepancy between our predicted model and observed
break.
Our current model does not take into account stages of SNR evolution past the Sedov–
Taylor phase, which could affect whether a break is observed at∼GHz frequencies. For
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example, once the SNR has swept up a mass comparable to the ejecta mass, it enters
the snowplow phase (Draine, 2011; Longair, 2011). Here the expansion velocity signif-
icantly slows down and we would expect from Equation 4.7 a much longer adiabatic
loss timescale. The CRe that have been advected into the SNR interior would then have
much longer to interact with magnetic fields and could produce an observable break at
GHz frequencies. As NGC1569–38 is bright in the low–resolution VLA observations,
it is likely to be young, hence we would not expect radiative losses to produce the
observed break.
Is The Observed Break Due To Energy Dependent Particle Escape?
An alternative explanation for the observed break involves the preferential escape of
higher energy CRe over lower energy CRe upstream of the shock during the DSA ac-
celeration process. To see how this could produce a break, we relax the assumption that
the accelerated particles will always return to the shock in the upstream medium.
The probability that the particle remains in the shock region after an entire cycle is
given by:
P = PupPdown, (4.10)
where Pup is the probability that the particle remains after diffusing into the upstream
medium and Pdown is the probability that the particle is not advected into the SNR
interior in the downstream medium. If we continue working through the test particle
derivation of DSA (see Section 1.2.2), we arrive at the integral particle number density:
N(> E) = No
(
E
Eo
) lnP
lnξ
, (4.11)
where No is the total number of particles at energy Eo and ξ is the fractional energy gain
during a single cycle. After substituting Equation 4.10 into Equation 4.11 and noting
that for strong shocks:
lnPdown
lnξ
≈−1, (4.12)
we find that the exponent becomes:
lnP
lnξ
≈−1+ lnPup
lnξ
. (4.13)
Chapter 4. High resolution observations of NGC1569–38 162
As Pup is always between 0 and 1, the second term will be either 0 or negative and
always result in a steepening of the accelerated particle energy spectrum.
We now turn our attention to how an accelerated particle could escape upstream of the
shock front. Here we assume that if a particle is diffusing away from the shock front at
a larger speed than the shock velocity, it has a chance to escape upstream of the shock.
This condition is met if:
VD cos(θ)≥VS, (4.14)
where VD is the average speed at which a particle diffuses, VS is the shock speed and θ
is the angle between the direction the particle is diffusing in and the direction that the
shock is travelling in. We define the critial angle for escape as:
θc = cos
−1
(
VS
VD
)
, (4.15)
where VD ≥ VS. θC corresponds to the largest angle between the particle direction and
the shock direction a particle can diffuse and still escape the shock. If we assume that
the particles are diffusing isotropically in the upstream medium, the probability that a
particle escapes is found by calculating the solid angle subtended by angle θc divided
by the solid angle of a sphere (4pi):
Pesc =
∫ 2pi
0
∫ θc
0 cos(θ)dθ dφ
4pi
=
1
2
sin(θc). (4.16)
If we substitute Equation 4.15 into 4.16, we find:
Pesc =


1
2
√
1−
(
VS
VD
)2
, VD >VS
0, VD ≤VS.
(4.17)
The probability that a particle remains within the shock front is simply Prem = 1−Pesc,
which we plot in Figure 4.7. The probability that a particle remains in the shock is 1,
until the diffusion speed is equal to the shock speed. After this point, the probability of
remaining sharply drops towards 0.5.
Finally, we relate the diffusion velocity to the diffusing particle’s energy. The particles
that have been accelerated to a powerlaw energy distribution are ultra–relativistic, and
so each travel at ≈ c. Instead of streaming away from the source at this velocity, the
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FIGURE 4.7: Plot showing how the probability a particle remains in the upstream re-
gion of the shock, Prem, changes as a function of diffusion velocity. The vertical dashed
line corresponds to the point at which the diffusion velocity is equal to the shock ve-
locity.
accelerated particles undergo a random walk where they scatter off magnetic inhomo-
geneities that are on a comparable size scale to the accelerated particle’s gyroradius.
The complicated physics involved can be summarised by an isotropic diffusion coeffi-
cient in 3 spatial dimensions, given by:
D =
〈
∆r2
〉
6t
, (4.18)
where
〈
∆r2
〉
is the average squared particle displacement after time t. We can relate
the average squared particle displacement to the diffusion velocity by considering the
definition of
〈
∆r2
〉
: 〈
∆r2
〉
=
1
N
i
∑
N=0
[Ri(t)−Ri(0)]2 . (4.19)
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Here N is the total number of particles that are undergoing diffusion and Ri(t) is the i’th
particle position at time t. The particle’s position at time t can be found through:
Ri(t) = Ri(0)+Vi t, (4.20)
whereVi is the velocity required for the particle to travel in a straight line from position
Ri(0) to Ri(t) in time t. If a particle is free streaming with no scattering events, this
velocity is ≈ c. Substituting Equation 4.20 into 4.19 we find:
〈
∆r2
〉
=
1
N
i
∑
N=0
V 2i t
2 =
〈
V 2
〉
t2. (4.21)
We now define the diffusion velocity asV 2D =
〈
V 2
〉
and find that the diffusion coefficient
is related to the diffusion velocity through:
D =
V 2D t
6
. (4.22)
If the diffusion coefficient is independent of energy, then we would expect all accel-
erated particles to diffuse away from the shock at the same velocity. In this case, we
would not observe a break as all particles will either always return to the shock, pre-
serving the classical DSA energy spectrum, or all will escape the shock, reducing the
observable radio emission equally at all frequencies.
For a break to form we require that the diffusion coefficient for the upstream medium
depends upon the accelerated particle energy. In this case, some accelerated particles
will be free to escape the shock front upstream whereas the others will be confined to
the shock region or SNR interior. The energy dependence of the diffusion coefficient in
the ISM is frequently parameterised as a power–law:
D(E) = κEµ , (4.23)
(Mulcahy et al., 2016; Heesen et al., 2018b). µ is poorly constrained by current obser-
vations, with literature estimates varying between 0 (i.e. no energy dependence) and
0.6 (Schlickeiser, 2002; Shalchi and Schlickeiser, 2005; Trotta et al., 2011; Mulcahy et al.,
2016). As µ is generally observed to be positive, we expect that higher energy CRe will
diffuse faster than lower energy CRe, and therefore that a break should form towards
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higher energies (frequencies). Assuming that the time the particles have been diffusing
for at all energies is the same, we find:
VD ∝ E
µ
2 . (4.24)
We relate 4.24 to the shock velocity by supposing that CRe with energy ES are diffusing
at the shock velocity. We can then express the diffusion velocity in terms of the shock
velocity through:
VD =VS
(
E
ES
) µ
2
. (4.25)
From this assumed parameterisation, we can derive the differential energy spectrum.
For energies E ≤ ES:
dN
dE
=
No
Eo
(
E
Eo
) ln(Pdown)
ln(ξ )
−1
, (4.26)
and for energies E > ES:
dN
dE
=
(
µψ
4ESln(ξ )Pup
(
E
ES
)−(µ+1)
ln
(
E
Eo
)
− ln(PupPdown)
E ln(ξ )
)
No
(
E
Eo
) ln(PupPdown)
ln(ξ )
, (4.27)
In Equations 4.26 and 4.27:
ψ =


√
1−
(
E
ES
)−µ
−1
, (4.28)
Pdown = 1−
VS
c
, (4.29)
and:
ξ = 1+
VS
c
. (4.30)
We plot the integrated and differential particles spectra in Figure 4.8. The spectra show
the familiar test particle DSA result for strong shocks at energies≤ ES, but dramatically
steepens at energies > ES. We investigate how much the differential energy spectrum
steepens by taking the limit of Equation 4.27, assuming that E >> ES. We find that the
exponent tends towards:
dN
dE
∝ E
−ln(2)c
VS
−2
. (4.31)
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FIGURE 4.8: Top: Predicted integrated particle energy spectrum, assuming that par-
ticles can escape upstream of the shock at energies E > ES. Bottom: Corresponding
differential energy spectrum for the integrated energy spectrum. The normalisation
on the y–axis is arbitrary as it depends upon the number of accelerated particles. The
x–axis is expressed in terms of the energy normalised to that at the shock speed, ES.
The vertical line corresponds to ES.
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At high energies, the exponent is closely linked to the shock speed VS, with slower
shocks producing steeper breaks. For example, a shock with an expansion velocity
equal to 1000kms−1 will produce an exponent equal to ≈−210 when E >> ES. As this
dropoff is steep and sudden, we would expect an exponential dropoff in the observed
radio SED, not dissimilar to that seen in the Jaffe and Perola (1973) spectral ageing
model.
As we have shown that particle escape with an energy dependent diffusion coefficient
can produce a break in the observed radio SED, it is important to ask when during the
SNR lifetime is this mechanism relevant? To determine this, it is useful to estimate the
typical diffusion speed for accelerated particles that radiate at ∼ 10GHz. If we assume
that the upstream diffusion coefficient is not affected by the shock (test particle ap-
proximation), we can use the measured diffusion coefficient measurements from large
scale observations of nearby galaxies as an approximation for the upstream diffusion
coefficient. From Mulcahy et al. (2016), for M51 the diffusion coefficient is estimated
to be 6.6× 1028 cm2s−1 at an observing frequency of 151MHz. Assuming a magnetic
field strength equal to 10 µG, this emission originates from CRe with energy ≈ 1GeV.
At 10GHz, the emission originates from CRe with energy ≈ 8GeV, so we would expect
the diffusion coefficient to scale to 1.2× 1029 cm2s−1, assuming µ = 0.3 (Schlickeiser,
2002). Using Equation 4.22 and assuming t is equal to the synchrotron loss timescale
at 10GHz, we estimate that average diffusion speed at 8GeV is ≈ 500kms−1. This es-
timate indicates that a break due to particle escape will only be observable in evolved
SNR which are approaching the fade out stage of their evolution (Draine, 2011; Lon-
gair, 2011). For a star–forming environment, the diffusion coefficient is expected to be
much smaller due to turbulence from the star–forming event (Heesen et al., 2018b), and
hence wewould expect the diffusion velocity to be even smaller. Therefore it is unlikely
that a break from this mechanism will be observable in any extra–galactic SNR, as SNR
near their fade–out stage of evolution are typically too faint to be observed with current
instruments. Although the observed break cannot be explained as being due to particle
escape, these calculations yield useful insight as to when CRe are able to escape from
their sites of acceleration into the surrounding ISM.
From this analysis, we find that NGC1569–38 likely does not contribute to the observed
break. Instead we expect its radio SED to be accurately described by a power–law
at radio frequencies, which is measured to have a flux density of 3.12± 0.36mJy at
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1.5GHz. We will assume this to be the case whilst carrying out detailed modeling the
observed SED derived, from the VLA observations, in Section 4.4.4.
4.4.3 Can TheObserved Break BeAttributed To The ISMSurroundingNGC1569–
38?
Aswe have shown above, the observed break is unlikely to originate fromNGC1569–38
itself. As the background emission accounts for up to ∼ 60% of the emission observed
in the low–resolution VLA maps, it is plausible that this emission is driving the ob-
served break. If this is the case, the CRe responsible for the background non–thermal
emission were accelerated in earlier SNe explosions, which have diffused into the ISM
surrounding NGC1569–38 whilst undergoing various loss processes. These loss pro-
cesses modify the CRe energy spectrum to depart from their initial injection spectrum
(N(E)∝ E−2). The observed break is then due to the accumulation of all of the CRe pop-
ulations that are found within the vicinity of NGC1569–38, each of which is in various
stages of loss.
The key process that can produce a break with the required characteristics is the syn-
chrotron emission mechanism (Longair, 2011). It is also possible that a break can form
if particles escape the galaxy through energy dependent diffusion, however a break
that is formed this way is too gradual to explain the observed break due to the weak
observed energy dependence and superposition of many CRe populations (Lisenfeld
et al., 2004). We do not consider mechanisms that can flatten the CRe energy spectrum
at lower energies (such as bremsstrahlung losses; Longair, 2011) as the low frequency
spectral index is observed to be close to the expected injection index (α ≈ −0.5). If we
assume that the SNe rate remains constant and that the time between SNe explosions
(that accelerate the CRe) is much shorter than the loss timescale, the observed break
can be interpreted according to two different scenarios, depending upon the duration
of the burst of star–formation responsible for the accelerated CRe.
If the duration of the burst is shorter than or comparable to the loss timescale added
to the average main sequence lifetime of the massive stars that accelerated the CRe,
the break should be interpreted as having time dependent behaviour. The interpre-
tation is then that the break corresponds to the first population of CRe, which were
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injected when the first massive stars (≥ 8M⊙) that formed during the last burst of star–
formation, exploded as SNe. The oldest CRe population has experienced significant
losses and is combined with many newer CRe populations (that were injected by more
recent SNe) to form the break. We obtain a break with the same form to that found
for the constant acceleration case (Equation 4.34; Heavens and Meisenheimer, 1987)
if the star formation rate starts suddenly and remains constant for the duration of the
burst. Assuming that the average magnetic field strength in NGC1569 is ≈ 34 µG (Ke-
pley et al., 2010; Westcott et al., 2018), we find that the break frequency corresponds
to CRe that were accelerated ∼ 2Myr ago. Further assuming that the main sequence
lifetime for a massive star that will explode as a SNe is typically ≈ 30Myr, we find that
the break would correspond with a recent starburst phase that started ≈ 32Myr ago.
From the CMD analysis by McQuinn et al. (2010), we find that the most recent star-
burst phase started ≈ 100Myr ago, which is discrepant although not inconsistent if we
take into account the large uncertainties associated their method for isolating the star
formation history (≈ 0.25dex; Dolphin, 2002). Therefore it is plausible that the break
could originate from CRe that were accelerated during the last burst of star–formation.
Alternatively, if the duration of the star–formation burst is much longer than the loss
timescale, then the break may be due to the system reaching a steady state, where the
CRe injection is balanced by the loss mechanisms. As we are looking at a small resolved
section of NGC1569. The CRe are likely to have originated from nearby SNe. If we
apply the SPINNAKER steady state diffusion model from Heesen et al. (2016, 2018a),
we find that with an energy independent diffusion coefficient equal to 1028 cm2s−1 and
an assumed magnetic field strength equal to 34 µG, we would expect to find a break at
≈ 10GHz if the region we are analysing is≈1 kpc from the CRe injection site (see Figure
4.9). At the assumed distance of 3.36Mpc, NGC1569’s main star–forming region is
≈ 1kpc away from NGC1569–38. It is plausible that the break originates from CRe that
have been accelerated in this region of NGC1569 and have diffused towards NGC1569–
38 if the star formation in this region has been constant for >> 30Myr.
From this analysis, it is certainly plausible that the break may originate from the ISM
surrounding NGC1569–38, rather than NGC1569–38 itself. Additional galaxy–wide
simulations should be employed to further understand how similar breaks could be
formed from the combination of CRe transport and energy loss, and how these pro-
cesses may vary within a given galaxy.
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FIGURE 4.9: Results from the SPINNAKER steady state diffusion model presented
in Heesen et al. (2016, 2018a) for an energy independent diffusion coefficient equal
to 1028 cm2s−1 and an ISM magnetic field strength equal to 34µG. Each of the lines
corresponds to the observable radio continuum emission at a particular frequency as
a function of radius from the injection location. The profiles are narrower at higher
frequencies as the corresponding CRe have a short lifetime due to radiative losses.
This plot was supplied by Volker Heesen (private communication).
4.4.4 Model Fitting And Comparison
The observations of a break in the low–resolution VLA photometry (see Figure 4.4)
combined with the fact that NGC1569–38 only accounts for ≈40% of the total radio
continuum emission at 1.5GHz warrants more detailed modeling of the observed SED.
Here we use the Markov–Chain Monte–Carlo (MCMC) fitting procedure detailed in
Chapter 3 to fit 4 different models to the dataset presented in Table 4.2 in order to
constrain the radio properties of NGC1569–38 and its surrounding ISM.
The first model we consider consists of an optically thin thermal component with a
power–law non–thermal component:
Sν = A
(
ν
νo
)−0.1
+B
(
ν
νo
)α
. (4.32)
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Here A is the thermal flux density normalisation at a reference frequency, νo (which
is taken to be 1GHz), B is the non–thermal normalisation at the reference frequency
and α is the non–thermal spectral index. This model is the simplest that we consider,
and assumes that the underlying CRe populations responsible for the observed radio
emission have indistinguishable characteristics from one another (i.e. the CRe from
NGC1569–38 and the background ISM have the same power–law index). This model
represents the case that neither CRe population has experienced any losses and does
not feature a break in the observed SED.
The second model we consider is effectively the same as the first, except we assume
that the CRe population from NGC1569–38 can be distinguished from the surrounding
ISM. Here we assume (as discussed earlier) that the radio SED for NGC1569–38 can be
described by a power–law with spectral index α =−0.5:
Sν = A
(
ν
νo
)−0.1
+B
(
ν
νo
)α
+C
(
ν
νSNR
)−0.5
. (4.33)
HereC corresponds to the integrated flux density measured from the e–MERLIN maps
at the observed frequency, νSNR (1.5GHz). We assume for simplicity that the SNR has a
non–thermal spectral index equal to that predicted from test particle DSA with strong
shocks. Similarly to the first model we considered, this model cannot produce a sharp
downwards break in the observed SED.
The third model we consider consists of an optically thin thermal component with a
broken power–law non–thermal component:
Sν = A
(
ν
νo
)−0.1
+


B
(
ν
νo
)α
ν ≤ νb
B
(
νb
νo
)0.5(
ν
νo
)α−0.5
ν > νb
. (4.34)
A, B, νo and α are the same as in Equations 4.32 and 4.33, and νb represents the break
frequency. In this model, we are assuming that either the SNR or the background ISM
is dominating the observed radio continuum emission. In the dominating source, parti-
cle acceleration is ongoing and the CRe experience significant synchrotron and Inverse
Compton losses as they diffuse away from the shock fronts where they were initially
accelerated (Heavens and Meisenheimer, 1987; Urosˇevic´, 2014). Although this model
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is not physically likely given the high–resolution observations of NGC1569–38’s inte-
grated flux density (contributing ∼ 40% to the observed total emission), we include it
for completeness.
The fourth model we consider is the broken power–law model with an additional
power–law component for NGC1569–38:
Sν = A
(
ν
νo
)−0.1
+


B
(
ν
νo
)α
ν ≤ νb
B
(
νb
νo
)0.5(
ν
νo
)α−0.5
ν > νb

+C
(
ν
νSNR
)−0.5
. (4.35)
This model is the most physically motivated and captures the assumption that the SNR
is young and does not have an associated break. In this model the break originates from
the background ISM, where CRe that were accelerated elsewhere in NGC1569 have
diffused into the vicinity of NGC1569–38 whilst undergoing synchrotron and Inverse
Compton losses.
We fit the 4 models using the MCMC fitting procedure described in Chapter 3, where
we assume physically motivated priors for each of the fitted parameters: A, B, α , νb and
C (see Chapter 3 for details). For the thermal normalisation A, we construct a prior from
the Hα map presented in Hunter and Elmegreen (2004). Following Chapter 3, we treat
the Hα map as a radio observation and ‘image’ the data using the same uv–distribution
the radio observations sample. We then measure the Hα flux using the same method
that was used for the radio data, and finally convert the observed Hα emission to a
thermal radio continuum flux density using the equations from Deeg et al. (1997). For
the uncertainties on this measurement, we add in quadrature a 20% systematic uncer-
tainty in the flux scale (Hunter and Elmegreen, 2004), a 20% uncertainty associatedwith
the Hα isolation method (Vilella-Rojo et al., 2015), a 1% uncertainty on the [NII] contri-
bution and the photometric uncertainty from the map itself. This procedure results in a
measurement of the thermal radio continuum normalisation equal to AHα = 0.34±0.11
at 1GHz. As we do not correct the Hα maps a priori for galactic foreground extinction
or internal attenuation, we interpret the thermal measurement as a lower limit for the
true thermal normalisation at 1GHz. In ourmodelling we therefore use a uniform prior
that is tapered towards lower values for the thermal normalisation, as shown in Chap-
ter 3 (Westcott et al., 2018). For the non–thermal normalisation B, we assume a uniform
prior, which cannot take negative values and for the non–thermal spectral index α we
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assume the prior takes the form of a broad Gaussian distribution with a mean equal to
−0.8 and a standard deviation equal to 0.4. So far, all of the above priors are the same
as were defined in Chapter 3, we now describe the new assumed priors for the extra
parameters.
For the break frequency, νb, we assume the prior takes the form of a log–normal dis-
tribution centred on 10GHz (µν = 23.03) with a standard deviation equal to 1 dex
(σν = 2.3):
J(νb,µν ,σν) =
1
νb
√
2piσ2ν
exp
[−(ln(νb)−µν)2
2σ2ν
]
. (4.36)
Finally, for the SNR normalisation, C, we assume the prior takes the form of a normal
distribution with a mean µC = 3.12mJy and a standard deviation equal to σC = 0.36mJy,
as motivated by the integrated flux density measured in the e–MERLIN observations:
K(C,µC,σC) =
1√
2piσ2C
exp
[−(C−µC)2
2σ2C
]
. (4.37)
We combine these new priors with the priors for A, B and α to compute the total prior
distribution for use in the fitting procedure. We plot the best fitting models and cor-
responding posterior distributions from this procedure in Figures 4.10 and 4.12 and
present the obtained parameter constraints for each model in Table 4.3.
From the model fits we find that parameter constraints are similar for both the models
with the SNR included in the modelling and for those without the SNR. The thermal
normalisation at 1GHz is reliably found at ∼ 0.37mJy and the non–thermal normalisa-
tion at 1GHz is either ∼ 8mJy for the models without the SNR and ∼ 4.4mJy for the
models with the SNR. The non–thermal spectral index is observed to be steeper in the
single power–law models α ≈ −0.6 than in the broken power–law models α ≈ −0.54.
These relatively shallow spectral indices correspond to those expected for a freshly ac-
celerated CRe population (Longair, 2011) and is similar to that observed in Galactic
SNR (Green, 2014). The SNR normalisation is recovered to be ≈ 3mJy which is con-
sistent with the e–MERLIN observations; the break frequency is consistently found in
both broken power–law models at ∼ 7GHz.
From inspecting the model fits, it is apparent that the constraint on the thermal normal-
isation is very similar to the constraint recovered from the Hα map from Hunter and
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Elmegreen (2004). The lower limit is similar to the Gaussian taper, indicating that the
prior is driving the fit on the thermal normalisation. The recovered non–thermal nor-
malisation is generally well constrained and appears roughly Gaussian in all fits, and
does not appear to be affected much by the thermal prior (especially when a SNR com-
ponent is included). This is due to the fact that the thermal emission plays a small role
in the region’s SED. In all cases the constraints on the non–thermal normalisation and
non–thermal spectral index are narrower than the assumed prior, indicating that the fit
is driven by the data. The SNR normalisation factor (where included) typically follows
the assumed prior, indicating that we cannot gain any additional constraints on this
parameter from the current observations. Finally, the break frequency appears well
constrained by the observations, although there appears to be an extension towards
higher break frequencies in both broken power–law models. This appears to be due
to the assumed prior on the break frequency. We check this is the case by re–running
the fits with only the priors. We find that the thermal and non–thermal normalisa-
tions are unconstrained in the absence of data, the non–thermal spectral index reflects
the prior, the SNR normalisation reflects the Gaussian prior and the break frequency
is constrained by the prior to 8.38+75.61−7.79 GHz. This result shows that the observations
are effectively constraining the lower–limit to the break frequency, but the upper–limit
may be influenced by the assumed prior. In future fits, it will be nessesary to broaden
the prior distribution on the break frequency and take extra care to ensure we are not
biasing our interpretation of the data with our assumed priors.
Before we interpret these constraints, we first need to compare themodels to findwhich
one provides the best fit to the observed data.
Model Comparison
Following our model fitting, wewould like to knowwhichmodel best describes the ob-
served data. We can answer this question within the Bayesian framework by adapting
Equation 3.3 to ask ‘What is the probability that the assumed model is correct, given
the observed data?’:
P(M|D) = P(D|M)P(M)
P(D)
. (4.38)
In Equation 4.38, P(D|M) is the Bayesian evidence (as seen earlier in Equation 3.4), P(M)
is the a prior probability that the model is correct and P(D) is the prior probability of
observing the data. We can eliminate P(D) by taking the ratio of Equation 4.38 with a
Chapter 4. High resolution observations of NGC1569–38 175
FIGURE 4.10: Best fit for the single power–law model fitted to NGC1569–38’s radio
SED. The top panel shows the best fitting single power–law non–thermal component
model and the bottom panel shows the corresponding posterior distribution from the
MCMCfitting procedure. In the top plot, the black points represent the low–resolution
VLA observations presented in Table 4.2 and the red point shows the thermal prior, as
determined from the Hα map. The red line corresponds to the best fitting thermal
component, the solid blue line corresponds to the best fitting non–thermal compo-
nent. The black line represents the total radio–continuum spectrum, i.e., the sum of all
components.
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FIGURE 4.11: Best fit for the power–law model with SNR component fitted to
NGC1569–38’s radio SED. The top panel shows the best fitting double power–law
non–thermal component model and the bottom panel shows the corresponding pos-
terior distribution from the MCMC fitting procedure. The lines represent the same
quantities as described in Figure 4.10, apart from the blue dashed line which repre-
sents the non–thermal contribution from from NGC1569–38.
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FIGURE 4.12: Best fit for the broken power–law model fitted to NGC1569–38’s radio
SED. The top panel shows the best fitting double power–law non–thermal component
model and the bottom panel shows the corresponding posterior distribution from the
MCMC fitting procedure. The lines represent the same quantities as described in Fig-
ure 4.10.
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FIGURE 4.13: Best fit for the broken power–law model with SNR component fitted
to NGC1569–38’s radio SED. The top panel shows the best fitting double power–law
non–thermal component model and the bottom panel shows the corresponding pos-
terior distribution from the MCMC fitting procedure. The lines represent the same
quantities as described in Figure 4.10, apart from the blue dashed line which repre-
sents the non–thermal contribution from from NGC1569–38.
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TABLE 4.3: Parameter Constraints From MCMC Fitting Procedure
Model Designation Model A B α C νb Bayesian Evidence
- - (mJy) (mJy) - (mJy) (GHz) (ln[P(D|M)])
M1 Single Power Law 0.39+0.28−0.15 8.20
+0.30
−0.32 −0.59+0.03−0.04 - - −23.98
M2 Single Power LawWith SNR 0.36+0.21−0.13 4.40
+0.52
−0.52 −0.66+0.06−0.08 3.13+0.36−0.36 - −24.43
M3 Broken Power Law 0.41+0.27−0.15 7.73
+0.32
−0.35 −0.52+0.04−0.04 - 7.22+0.62−0.67 −15.96
M4 Broken Power LawWith SNR 0.32+0.18−0.12 4.38
+0.52
−0.52 −0.56+0.07−0.07 2.94+0.37−0.35 7.03+1.41−1.20 −20.33
Note: The presented best fits correspond to the median of the samples obtained through MCMC fitting procedure and the upper and lower
bounds correspond to the 84th and 16th percentiles respectively.
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second model:
P(M1|D)
P(M2|D) =
P(D|M1)
P(D|M2)
P(M1)
P(M2)
= K
P(M1)
P(M2)
, (4.39)
where K is known as the Bayes’ factor. If we assume that the prior probabilities for
each model are identical, the ratio of the conditional probabilities that either model 1
or model 2 is correct given the observed data is equal to the ratio of their Bayesian
evidences (i.e. the Bayes’ factor).
The Bayesian evidence is calculated by marginalising the product of the likelihood and
prior distributions over all model parameters for a given model:
P(D|M) =
∫
P(D|θ ,M)P(θ |M)dθ . (4.40)
Although this integration is difficult to carry out, we can approximate it through the
use of the Parallel–Tempering Ensemble MCMC sampler (PTsampler) implemented in
the Python package EMCEE (Foreman-Mackey et al., 2013). This sampler operates in the
same way as the affine–invariant ensemble sampler presented by Goodman andWeare
(2010), however the PTsampler runs multiple samplers in parallel, each at a different
‘temperature’. A sampler at temperature T samples from the modified distribution:
Πβ = P(D|θ ,M)β P(θ |M), (4.41)
where
β =
1
T
. (4.42)
As the temperature gets higher, the likelihood becomes flatter and the walkers can ex-
plore a larger area of parameter space, until T → ∞ where the sampler will only see the
prior. During the simulation the walkers periodically swap temperatures so that ‘cool’
walkers can explore regions of parameter space that only ‘hot’ walkers can get to during
the finite simulation time. Not only is this sampler well suited for sampling complex
multi–modal posterior distributions, the Bayesian evidence can also be approximated
through thermodynamic integration.
Following Goggans and Chi (2004), the evidence integration at temperature T can be
written as:
Z(β ) =
∫
P(D|θ ,M)β P(θ |M)dθ . (4.43)
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TABLE 4.4: Bayes’ Factor comparison across each model
- M1 M2 M3 M4
M1 - 0.9 -16.0 -7.3
M2 -0.9 - -16.9 -8.2
M3 16.0 16.9 - 8.7
M4 7.3 8.2 -8.7 -
The rows correspond to the numerator when calculating the Bayes’ factor, and the
columns correspond to the denominator.
For β = 0 (T →∞), the integral is equal to 1 (as we are simply integrating the normalised
prior distribution). The quantity we are interested in is the case where β = 1, which
corresponds to the Bayesian evidence, P(D|M). Taking the natural logarithm of the left
hand side of Equation 4.43 and differentiating with respect to β yields:
d ln(Z(β ))
dβ
=
1
Z(β )
d Z(β )
dβ
=
∫
ln(P(D|θ ,M))P(D|θ ,M)β P(θ |M)dθ∫
P(D|θ ,M)β P(θ |M)dθ . (4.44)
The right hand side of Equation 4.44 is the expectation value of the log likelihood,
weighted by the modified distribution, Πβ , at a particular value of β :
d ln(Z(β ))
dβ
=< ln(P(D|θ ,M))>β . (4.45)
Finally, we integrate with respect to β to obtain the sought Bayesian evidence:
ln(P(D|M)) = ln(Z(1)) =
∫ 1
0
< ln(P(D|θ ,M))>β dβ . (4.46)
By running the PTsampler at many temperatures and by estimating the average log
likelihood at each temperature, the integral in Equation 4.46 can be approximated. For
each of the 4 models we analyse, we run the PTsampler with the NTEMPS parameter set
to 20 to approximate the Bayesian evidence for each model, which we present in Table
4.3.
We asses how each model compares to every other model by computing a table of the
quantity 2 ln(K) (where K is the Bayes’ factor) for each model pair, which we present in
Table 4.4. We use the table presented in Kass and Raftery (1995) to asses the strength
of the evidence. If this quantity is between 0 and 2, the evidence is not very strong for
model 1 overmodel 2, if it is between 2 and 6 there is positive evidence, if it is between 6
and 10 there is strong evidence and if it is greater than 10 there is very strong evidence.
Chapter 4. High resolution observations of NGC1569–38 182
From this model comparison analysis, we find that there is strong evidence for the
models including the broken power–law non–thermal component compared to the sin-
gle power–law models, with the broken power–law model without the SNR being the
most likely model. This result indicates that the break is likely a real feature of the data,
and is likely due to the background ISM based upon the physical arguments made
earlier. Although the broken power–law model with the SNR component is the more
physically justified model, the broken power–law model fits the data better. Further
high–resolution multi–frequency observations of NGC1569–38 are required to improve
the estimate of the spectral index of the SNR and improve our understanding of the
origin of the observed break.
4.4.5 Minimum Energy Magnetic Field Strength Estimation
Magnetic fields play a key role in accelerating cosmic rays to ultra–relativistic velocities
in SNR shock fronts through the DSAmechanism (Bell, 1978a,b). As the observed non–
thermal radio continuum emission is related to the local magnetic field strength, with
some assumptions we can infer the magnetic field strength required to produce the
observed emission. Through analysing the magnetic field strengths found within a
SNR, we can gain insight into both the DSA mechanism and where the observed large
scale radio continuum emission and magnetic fields originate.
The observed non–thermal radio continuum emission depends on the energy spectrum
of the underlying ultra–relativistic CRe population and the magnetic field that they are
interacting with. One set of assumptions that can be employed to extract the magnetic
field strength involves assuming that the cosmic rays and magnetic fields are arranged
in such a way as to minimize the total energy density. The magnetic field strength that
minimises the total energy is known as the minimum energy magnetic field strength.
It is important to note however that the minimum energy magnetic field strength does
not necessarily correspond to the actual magnetic field strength that the particles are
interacting with, instead it is the corresponding lower limit for the energy density that
has true physical value. The minimum energy magnetic field strength should be used
to estimate the true magnetic field strength to an order of magnitude accuracy only
(Longair, 2011). Having said that, different sources can still be compared if they are
subject to the same initial assumptions.
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To calculate the minimum energy magnetic field strength, we start by first calculating
the total energy density containedwithin the CRe, cosmic ray protons and themagnetic
field:
εtot =
∫
EN(E)e dE +
∫
EN(E)p dE +
B2
2µo
. (4.47)
Here N(E)e is the electron number density as a function of energy, N(E)p is the proton
number density as a function of energy and B is the magnetic field strength. We now
make the assumption that the electron energy spectrum takes the form N(E)e = κeE
−p
(i.e. the electrons have not yet undergone any losses, which, as shown earlier, is a
valid assumption for SNR), that the proton energy spectrum has the same form but is
multiplied by the ratio of the number densities K at energy E, i.e. K(E) =
N(E)p
N(E)e
, and
that we are only considering particles with energies between two limits, Emin and Emax.
The equation for the total energy density then changes to:
εtot =
∫ Emax
Emin
κeE
(1−p) dE +
∫ Emax
Emin
K(E)κeE
(1−p) dE +
B2
2µo
, (4.48)
Before we go any further, we will briefly investigate the form of K(E) and the values
we should assume for Emin and Emax.
From Bell (1978b), the energy spectrum for a charged particle species that has been
accelerated through the classical DSA mechanism is given by:
N(E) = No(p−1)
(
E2o +2EREo
) (p−1)
2 (E +ER)(E
2 +2EER)
−(p+1)
2 , (4.49)
where No is the total number of injected particles, Eo is the particle injection energy and
ER is the particle rest–mass energy. In the non–relativistic regime (E << ER), the energy
spectra is proportional to N(E) ∝ E
−(p+1)
2 . At energies comparable to the particle rest–
mass energy, the energy spectrum gradually steepens till the ultra–relativistic regime
(E >> ER), where N(E) ∝ E
−p (which gives rise to the assumed N(E) = κE−p depen-
dence). If we assume that the same number of protons and electrons are injected into
the shock, from Equation 4.49 we would expect the corresponding proton and electron
energy spectra to turn over at different points due to their different rest–mass energies.
We present an example proton and electron energy spectrum in the left panel of Figure
4.14 and K(E) for several assumed injection indices in the right panel.
We see from Figure 4.14 thatK(E) tends towards a constant value in the ultra–relativistic
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FIGURE 4.14: Top Panel: Energy spectra from Bell (1978b) for cosmic ray protons and
CRe assuming the total number of particles is the same. The red line corresponds
to the protons and the blue line corresponds to the electrons. We have plotted the
proton and electron rest mass energies as the vertical dashed lines (with the same
colour scheme). Bottom Panel: Plot showing how the ratio of the number densities of
protons to electrons changes with energy for various observed spectral indices. The
coloured vertical lines are the same as in the left panel, with the vertical black dashed
line corresponding to the lower limit assumed in the integration (Emin = 100mpc
2).
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regime. From Equation 4.49, we can calculate this constant value by assuming we are
considering ultra–relativistic energies (E >> ER) and that the particle rest–mass energy
is much larger than the injection energy (ER >> Eo). If these conditions are met, then
K(E) takes the form:
K(E)≈ k(p) =
(
mp
me
) (p−1)
2
, (4.50)
where mp and me are the masses of the proton and electron respectively. We can assume
that K(E) is a constant as long as we restrict our analysis to the ultra–relativistic part of
the electron and proton energy spectra. We will therefore let Emin = 100mpc
2 to ensure
we are considering the constant K(E) phase only (see the right panel of Figure 4.14).
For Emax we will assume that the maximum energy that is attained by the charged
particles is equal to the ‘knee’ energy that is observed in the cosmic ray proton energy
spectra on Earth (e.g. Bell, 2004; Eriksen et al., 2011; Thoudam et al., 2016), i.e. Emax ≈
1PeV.We again emphasise that we are only considering a particular energy range of the
proton and electron energy spectra, hence the retrievedmagnetic field strengths should
not be interpreted as the true magnetic field strength. Rather they should be used for
comparison purposes only with other sources under the same assumptions.
We now return to the expression for the total energy density, which takes the form:
εtot =
(1+ k(p))κe
(2− p)
[
E
(2−p)
max −E(2−p)min
]
+
B2
2µo
, (4.51)
where we have substituted in for K(E) and carried out the integration. For the special
case p = 2, we arrive at a slightly different form:
εtot = (1+ k(p))κe ln
(
Emax
Emin
)
+
B2
2µo
. (4.52)
We now relate the observed radio continuum properties to the energy spectrum nor-
malisation constant κe. For the assumed power–law electron energy spectrum where
the electrons are interactingwith a randomly orientatedmagnetic field, the synchrotron
emissivity is given in Longair (2011) as:
Jν(B) = c1 c2(p)c3(p)κeB
(1+p)
2 ν
(1−p)
2 , (4.53)
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where
c1 =
√
3e3
4piεomec
, (4.54)
c2(p) =
(
3e
2pim3ec
4
) (p−1)
2
, (4.55)
and
c3(p) =
√
pi
2
Γ
(
p
4
+ 19
12
)
Γ
(
p
4
− 1
12
)
Γ
(
p
4
+ 5
4
)
(p+1)Γ
(
p
4
+ 7
4
) . (4.56)
The synchrotron emissivity can be related to the observed source flux density (assum-
ing no absorption) through:
Sν =
∫
source
∫
l
Jν(B,r,α ,δ )dl dΩ, (4.57)
where l is the pathlength through the emitting material for a particular line of sight,
determined through right–ascension, α , and declination, δ . For a cylindrical geometry
which is uniformly filled, the flux density is:
Sν ≈ l Ωc1 c2(p)c3(p)κeB
(1+p)
2 ν
(1−p)
2 , (4.58)
where Ω is the observed source solid angle. From Equation 4.58, we identify that the
observed spectral index α is related to the injection index p through α = (1−p)
2
. Re–
arranging Equations 4.58 for κe and substituting into Equations 4.51 and 4.52 yields:
εtot =
(1+ k(1−2α))Sν B(α−1) ν−α
(1+2α) l Ωc1 c2(1−2α)c3(1−2α)
[
E
(1+2α)
max −E(1+2α)min
]
+
B2
2µo
, (4.59)
and for the case where α =−0.5 (p = 2):
εtot =
(1+ k(1−2α))Sν B(α−1) ν−α
l Ωc1 c2(1−2α)c3(1−2α) ln
(
Emax
Emin
)
+
B2
2µo
. (4.60)
From Equations 4.59 and 4.60, we can understand how the derived minimum energy
magnetic field strength is affected by our initial assumptions. To aid our intuition, we
plot Equation 4.59 as a function of B in Figure 4.15. We see that the energy density
in the Cosmic rays term (1st term; red line in Figure 4.15) is proportional to B(α−1)
and the energy density in the magnetic fields (2nd term; blue line) is proportional to
B2. If we raise the energy density in the cosmic rays (by for example, changing the
limits of integration), the red line will be translated vertically and the minimum energy
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FIGURE 4.15: Plot showing energy density as a function of magnetic field strength
for NGC1569–38. The red line corresponds to the energy density within the Cosmic
ray protons and electrons, the blue line corresponds to the energy density within the
magnetic field and the black line corresponds to the sum of the two. The black point
shows the location of the minimum energy magnetic field strength found using Equa-
tion 4.61.
magnetic field strength will move to a different value. Furthermore, as the cosmic
ray term depends upon the observed spectral index, steeper spectral indices result in
lower overall energy densities and a lower recovered minimum energy magnetic field
strength. The fact that the total energy density in the Cosmic rays is highly dependent
upon our initial assumptions illustrates the limitation in this approach to measure the
true magnetic field strength, and emphasises caution when interpretingmagnetic fields
that have been estimated in this way (or through the equipartition assumption).
Finally, we calculate the minimum energy magnetic field strength by differentiating
Equations 4.59 and 4.60 with respect to B and finding the function’s turning point. The
minimum energy magnetic field strength is given by:
Bmin =
(
µo(1+ k(1−2α))(1−α)Sνν−α
(1+2α)lΩc1 c2(1−2α)c3(1−2α)
[
E
(1+2α)
max −E(1+2α)min
]) 1(3−α)
, (4.61)
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or for the case α =−0.5 (p = 2):
Bmin =
(
µo(1+ k(1−2α))(1−α)Sνν−α
lΩc1 c2(1−2α)c3(1−2α) ln
(
Emax
Emin
)) 1
(3−α)
. (4.62)
Equation 4.61 is functionally very similar to theminimum energymagnetic field strength
derived in Beck and Krause (2005), however it is in SI units and the inclusion of the in-
tegration limits prevents the Cosmic ray energy diverging for spectral indices α ≥−0.5
(as they assume the upper limit for the integration is Emax = ∞).
We apply Equation 4.61 to NGC1569–38, where we assume that the SNR has a flux
density, Sν , and solid angle, Ω, equal to that measured in the presented e–MERLIN
observation. We also assume that the spectral index α is equal to that measured for the
single power law fit to the low–resolution SED (i.e. assuming no electron losses have
taken place). Finally, we calculate the pathlength through the SNR by assuming that the
SNR has an approximately spherical geometry. As Equation 4.61 has been calculated
for a cylindrical geometry, we calculate the effective pathlength by equating the volume
of the sphere with radius R to that of a cylinder with base area piR2 and length l:
piR2l =
4
3
piR3, (4.63)
therefore:
l =
4
3
R. (4.64)
From this analysis we calculate that NGC1569–38 has a minimum energy magnetic
field strength equal to Bmin = 220±20 µG and a corresponding lower–limit to the SNR
remnant energy equal to ESNR ≥ 3×1042 J. This number is∼ 1% of the canonical kinetic
energy associated with SNR expansion (1044 J; Reynolds 2008) and is a similar order of
magnitude to that that estimated for Cas A by Longair (2011).
As discussed earlier, the estimated magnetic field strength does not mean much by
itself as it cannot be interpreted as the true magnetic field strength. As the magnetic
field strength estimate strongly depends upon the initial assumptions, we calculate the
minimum magnetic field strengths for the SNR within the Green (2014) galactic and
Urosˇevic´ et al. (2005) extra–galactic SNR catalogues using the same assumptions as
for NGC1569–38. From these catalogues, we only consider SNR with reliable spectral
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FIGURE 4.16: Histogram of Bmin determined for the galactic SNR sample from Green
(2014) and the extra–galactic SNR sample fromUrosˇevic´ et al. (2005). The galactic sam-
ple is presented in blue, the extra–galactic sample is presented in green andNGC1569–
38 is presented in red.
index measurements, yielding a sample of 145 galactic and 100 extra–galactic SNR to
compare with NGC1569–38. For each of the SNR, we estimate the minimum energy
magnetic field strength using Equations 4.61 and 4.62. For the pathlength through the
emitting medium, we apply Equation 4.64 to the extra–galactic SNR, as the distances
to these objects are well known. For the galactic SNR we we use the empirical Σ–D
relationship presented in Pavlovic´ et al. (2013) to estimate the radius of the SNR, and
then use Equation 4.64 to estimate the path length through the emitting material. In
this work, we only consider their orthogonal fit, given by Σ = 10−13.4877D−4.8161. We
present a histogram summarising the results from this analysis in Figure 4.16.
From Figure 4.16, we see that the distribution of the SNR minimum energy magnetic
field strengths has a peak at ≈ 30 µG and a tail that extends towards higher magnetic
field strengths as large as ∼ 1mG. This trend is also seen in both the distributions for
the galactic and extra–galactic SNR if they are considered separately. It is apparent the
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NGC1569–38 has minimum magnetic magnetic field strength that is an order of mag-
nitude larger than that typically found for SNR. If the minimum energy magnetic field
strength can be interpreted as a proxy for the true magnetic field strength, then the dis-
tribution in Figure 4.16 could be interpreted as an evolutionary sequence, where young
SNR have high magnetic field strengths which quickly decrease as the SNR expands.
SNR spend the majority of their time in the Sedov–Taylor phase of expansion, which
would correspond to the peak in Figure 4.16. This interpretation would also explain
why we see more extra–galactic SNR at high minimum energy magnetic field strengths
as observationally we are probing a much larger volume so we increase our chances of
observing very young SN explosions. Furthermore, we are also observationally biased
to detect brighter SNR in an extra–galactic setting, whereas in our own galaxy lower
brightness SNR are more easily observed. From this interpretation, NGC1569–38 may
be a young SNR which is just about to enter the Sedov–Taylor phase of expansion.
4.5 Conclusions
Wepresent high–resolution e–MERLIN observations of the SNRNGC1569–38 at 1.5GHz
and present an analysis of the the radio SED of NGC1569–38 and its surrounding ISM
found from the lower–resolution VLA observations presented in Chapter 3. Our main
conclusions are as follows:
1. NGC1569–38 is resolved in the presented e–MERLIN observation with diameter
13±1pc and an integrated flux density equal to 3.12±0.36mJy at 1.5GHz. These
values are consistent with earlier MERLIN observations, however the observed
flux density is ∼ 50% smaller than that previously found in A–array VLA obser-
vations. The discrepancy is found to be due to diffuse contaminating emission
from the ISM surrounding NGC1569–38, which is resolved out by e–MERLIN.
2. We estimate NGC1569–38’s age and expansion velocity through comparison of
the SNR radius with analytic models presented in the literature. We find that for
physically justified explosion initial conditions, the SNR is constrained to be be-
tween 1000 and 13000 years old and is constrained to be expanding at a velocity
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between 300 and 3000 kms−1. These constraints can be improved upon with ad-
ditional VLBI observations of NGC1569–38 with a large enough time baseline or
with deep X–ray spectroscopy of the SNR.
3. We observe a break in the spectrum derived from the low–resolution VLA ob-
servations of NGC1569–38 and its surrounding ISM. We find that NGC1569–38
only contributes 40% of the total emission recovered in the analysed aperture at
1.5GHz, indicating that there is significant contamination from the background
ISM. We analyse the cases that the break is either due to radiative losses within
NGC1569–38 or due to particle escape with an energy dependent diffusion coef-
ficient. Neither of these possibilities can produce a break within the SNR itself so
we conclude that the break must be due to the background ISM.
4. We fit 4 models to the low–resolution VLA SED and find that the models with
a broken power–law non–thermal component best represent the data. In these
models, the non–thermal spectral index is constrained to values α ≈−0.54 which
is similar to the predicted injection spectrum for CRe. The break frequency is
constrained to νb ≈ 7GHz, which is interpreted as being due to radiative losses
from CRe that are diffusing through the background ISM.
5. We estimate NGC1569–38’s minimum energy magnetic field strength, and deter-
mine it to be Bmin = 220± 20 µG. This value is larger than that typically found
for galactic and extra–galactic SNR, which we interpret as NGC1569–38 being a
young SNR that is just entering the Sedov–Taylor phase of expansion. We find
that at least 1% of the canonical kinetic energy associated with SNe explosions
must go into accelerating cosmic rays and amplifying magnetic fields, which is
consistent with estimates for Cassiopeia A.
Further observations at frequencies higher than 10GHz are required to further improve
constraints on the shape of the break. In addition, high–frequency observations with
similar angular resolution and sensitivity to the presented e–MERLIN observation are
required to analyse the spectral behaviour of NGC1569–38 in more detail.
Chapter 5
Conclusions
Over the course of this thesis, we have studied the radio continuum emission originat-
ing from the two dIrr galaxies, IC 10 and NGC1569 over a range of spatial resolutions.
Our main results are as follows:
1. High–resolution radio continuum studies of nearby galaxies at linear resolutions
of ∼ 1pc are a valuable tool that can be used to identify the individual star–
formation products resulting from a recent star–formation event, whichwe demon-
strate through e–MERLIN observations of IC 10. We observe 11 compact sources
coincident with IC 10’s star–forming disk at 1.5GHz, 5 of which are also detected
at 5GHz. Through a multi–wavelength classification procedure, where we take
into account emission at X–ray, Hα and 70 µm as well as radio continuum emis-
sion at other frequencies, we classify 4 of the sources as HII regions belonging to
IC 10, 6 of the sources as contaminating background galaxies and 1 source that is
yet to be conclusively classified. We do not detect any SNR with our high reso-
lution obervations, which may either be due to their rarity, interferometric effects
or that we are observing IC 10 at a special time, where the SN explosions have not
yet followed the recent star–formation burst.
2. Most of the observed sources that are associated with IC 10 are classified as HII
regions, which indicates that the observed radio continuum emission from these
compact sources is predominantly thermal in origin. We convert this observed
thermal emission to a Lyman Continuum photon production rate, which we com-
pare to Starburst99 stellar synthesis models to estimate lower–limits for IC 10’s
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current star–formation rate. We find that the star–formation rate inferred from the
observed HII regions is SFRHII ≥ 0.01M⊙yr−1, which is approximately an order of
magnitude smaller than that found from Hα observations, SFRHα ≈ 0.08M⊙yr−1.
This result demonstrates that high–resolution radio–continuum studies of com-
pact HII regions in nearby galaxies can be used to place valuable constraints on
the current star–formation rate.
3. The high–resolution radio continuum observations can be used to remove the
contribution of contaminating background galaxies from the integrated spectrum
of the galaxy in question. For IC 10, we find this correction is small, resulting in a 4
% reduction at 1.5GHz and a 2% reduction at 4.85GHz. Although this correction
is small for IC 10, it could be considerably larger for fainter dwarf galaxies.
4. On larger linear scales of ∼ 10pc, the thermal and non–thermal emission compo-
nents can be effectively separated through the use of a Bayesian fitting procedure,
where the observed Hα emission is used as a proxy for the thermal emission
component. We demonstrate this procedures effectiveness by appplying it to ra-
dio continuum observations of NGC1569 that sample a broad frequency interval
(1–34GHz).
5. On a spatially resolved basis, we find that the thermal fraction in the major star–
forming regions of NGC1569 can approach values as large as ≈ 50% at 1GHz,
and on an integrated basis considering the main disk, this value drops to 25% .
Both of these thermal fractions are significantly larger than those typically found
in integrated studies of larger spiral galaxies, but reflects those found to charac-
terise other dwarf galaxies. We also find that the spatially resolved spectral in-
dices vary between α ≈−0.4 to −0.7 with a median value of α =−0.53. This me-
dian value reflects the injection spectrum expected if SNR are the primary source
of CRe. Together, these results indicate that NGC1569 has recently ended its star–
formation phase, which is in close agreement with the literature.
6. Once the radio–continuum emission components have been separated from the
total spectrum, the resulting maps can be used to further infer useful galaxy
properties. From the recovered thermal radio continuum maps, we estimate the
optical line of sight reddening to NGC1569 on a resolved basis. The average
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reddening is E(B−V ) ≈ 0.50mag, which is in excellent agreement with galac-
tic foreground estimates in the literature. There is however significant variation
in the reddening on a resolved basis, which indicates that extinction internal to
NGC1569 is significantly contributing to the observed average value.
7. We use the recovered non–thermal emission properties to infer equipartitionmag-
netic field strengths on a resolved basis. We derive equipartition magnetic field
strengths ranging from 25 µG in more quiescent regions to 38 µG in the main
star–forming regions found within NGC1569, with an average value of 32 µG.
These magnetic field strengths are considerably larger than those found in other
dwarf galaxies, and are more similar to the magnetic field strengths found in the
star–forming spiral arms of larger spiral galaxies.
8. From high–resolution e–MERLIN observations of the SNR NGC1569–38, we find
that previous literature measurements concerning its integrated flux density are
contaminated by emission originating from the surrounding ISM. Even compared
to VLA A–Array observations, this contamination can be as large as ≈ 50%. We
use these high–resolution observations to further constrain NGC1569–38’s age to
between 1000 and 13000 years old and constrain NGC1569–38’s expansion ve-
locity to be between 300 and 3000 kms−1. These constraints can be significantly
improved upon with additional VLBI observations of NGC1569–38 with a large
enough time baseline to observe the expansion of the SNR or with deep X–ray
spectroscopy.
9. From lower–resolution VLA observations of NGC1569, we observe a break in the
integrated non–thermal radio–continuum spectrum of NGC1569–38 at ≈ 7GHz.
By considering the cases that the break is due to radiative losseswithinNGC1569–
38 or particle escape with an energy dependent diffusion coefficent, we deter-
mine that the observed break is not due to NGC1569–38, but instead originates
from the ISM surrounding the SNR. These results have implications for the in-
terpretation of breaks associated with synchrotron losses in radio SEDs of young,
extra–galactic SNR in the literature.
10. We estimate NGC1569–38’s minimum energy magnetic field strength, and de-
termine it to be ≈ 220 µG. This value is large compared to known galactic and
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extra–galactic SNR, which we interpret as NGC1569–38 being a young SNR, that
is just entering the Sedov–Taylor phase of expansion.
These results lead us to the following picture for the relationship between radio–continuum
emission and star–formation. The observed thermal radio continuum emission pro-
vides a direct tracer of the current number of massive stars, which can be translated
to a star–formation rate. The thermal radio continuum emission is predominantly con-
fined to the individual HII regions surrounding these massive stars, which is where
the majority of free–free absorption occurs. When these massive stars end their lives
in SN explosions, they inject CRe with a power–law energy distribution, N(E) = κ E−p
(at least at radio continuum emitting energies), where p ≈ 2. These CRe then undergo
various loss processes (principally synchrotron and Inverse Compton losses) as they
diffuse away from their sites of acceleration. The observed high frequency radio con-
tinuum spectral index should be similar to the injection index if a star–forming burst
has recently occurred (e.g. in IC 10 or NGC1569), or steeper if there has been a signif-
icant time period since the last burst of star formation (in a dwarf galaxy case) or in
constant star–formation scenarios (such as those found in larger spiral galaxies).
So far, current radio continuum–star formation studies have focused on the ∼GHz
properties, which may be different to those found at lower frequencies, where an in-
creasing fraction of CRe may escape before losing all of their energy, and absorption
processes may become more important. These properties can be investigated with new
low–frequency instruments such as LOFAR or the MWA.
Chapter 6
Future Work
Following this thesis, there is huge scope for further research. Here we outline some of
the projects that we aim to complete in the near future.
6.1 Probing the Spatial and Spectral Variation of the Radio Con-
tinuum Star Formation Relation in Nearby Dwarf Galaxies
Aswe have shown in this thesis, the radio continuumproperties of normal star–forming
galaxies are very complex and still require a lot of work to fully understand. To further
improve our current understanding, we should start by analysing the radio–continuum
properties of nearby dwarf galaxies. Dwarf galaxies are the simplest extra–galactic
star–forming objects in the Universe, and therefore serve as a natural starting point
for further analysis. Additionally, dwarf galaxies are close analogues to individual
∼ kpc2 regions of larger spiral galaxies (e.g., Bigiel et al., 2010; Elmegreen and Hunter,
2015) and can significantly aid in interpreting the radio–continuum emission originat-
ing from these larger systems.
The monochromatic radio continuum properties at 5GHz have already been analysed
for the LITTLE THINGS sample of dwarf galaxies (Hunter et al., 2012) by Hindson et al.
(2018), yet the spectral properties at radio frequencies remain largely unknown. As we
have demonstrated in Chapter 3, there is a great deal of additional information that can
be retrieved by analysing the resolved radio spectral properties, such as the resolved
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TABLE 6.1: available Observations of the LITTLE THINGS dwarf galaxies from VLA
project code 14B–359.
Galaxy B–Array C–Array D–Array
NGC2366 L S L SCX SCXK
NGC3738 L S L SCX SCXK
NGC4214 L S L SCX CXK
DDO50 LS L SCX SCXK
Mrk 178 L S L SCX SCXK
Haro 29 L S L SCX SCXK
VIIZw403 L S L SCX SCXK
Note: The columns correspond to the various VLA array configurations and the letters
correspond to the observed wavebands. L corresponds to 1.5GHz, S corresponds to
3.0GHz, C corresponds to 5.0GHz, X corresponds to 10.0GHz and K corresponds to
22.25GHz.
thermal fraction, non–thermal spectral index, equipartition magnetic field strengths
and estimates of the optical reddening along the line of sight. By finding similarities
between these properties for the LITTLE THINGS sample, we can gain a more general
view of the radio–continuum properties of dwarf galaxies and its relationship to star–
formation.
A project analysing the spectral properties of dwarf galaxies using the same Bayesian
methodology as discussed in Chapter 3 requires a large number of radio continuum
observations at many different frequencies to be achievable. Fortunately, a lot of this
data has already been taken (VLA project code: 14B–359) and is in the process of be-
ing reduced. We present an overview of the current observations available for use in
this analysis in Table 6.1. Although this project already consists of a huge amount of
work, it has scope to combine additional radio–continuum observations as they become
available to determine additional properties, such as low–frequency LOFAR and VLA
P–band (330MHz) maps to constrain the importance of free–free absorption and CRe
escape, or higher frequency observations in the 10–50GHz range to search for AME in
these low–mass systems.
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6.2 Simulating the Radio–Continuum properties Originating
from an Individual Star–Formation Event
In order to fully interpret the results from the project described above, it is necessary to
also be able to model the radio continuum properties as a function of time for a single
star–formation event in a given environment. The thermal radio continuum proper-
ties are currently well understood (see Chapter 1) and can easily be predicted from the
number of massive stars that are in existence at any time. The non–thermal properties
on the other hand are much more complex and can only be completely predicted by
solving the diffusion loss equation for a given set of loss processes and diffusion mech-
anisms. The observed thermal and non–thermal radio continuum emission are pro-
duced at different times during the star–formation event, and persist for significantly
different timescales. If these properties can be effectively modelled, then the integrated
radio–continuum properties for entire star–forming galaxies could be estimated for a
given star–formation history, by linearly combining the effects of these star–formation
events at a particular time.
In the context of dwarf galaxies, the observed radio continuum emission effectively
originates from a single burst of recent star–formation (e.g., McQuinn et al., 2010)
which could be modelled in the discussed fashion. If this can be achieved, the observed
properties such as the shape of the non–thermal component and the thermal fraction
could then be used to constrain both the current star–formation rate and the recent
star–formation history in these simple systems. The results from this project could then
be applied to more complex star–forming galaxies to aid in interpreting their observed
radio continuum properties.
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6.3 Probing the Spatial and Spectral Variation of the Radio Con-
tinuum Star Formation relation in Nearby Spiral Galaxies
Although the dwarf galaxies are close analogues to the outer disk regions of larger spi-
ral galaxies, the latter are far more complex due to the individual CRe populations from
each star–formation event mixing together. Furthermore, the ordered large scale mag-
netic field component that is typically found in spiral galaxies (e.g. Beck, 2015) could
further complicate the diffusion of CRe in these systems. On a sufficiently resolved
basis however, we can limit our analysis to individual star–forming regions, allowing
the reliable separation of the thermal and non–thermal radio continuum emission com-
ponents. These recovered components could then used to improve current (or produce
new) radio–continuum star–formation rate calibrations.
As there are many individual star–forming regions in larger spiral galaxies, we can get
a much more general view of how star–formation occurs through resolved studies of
these larger systems. It would also be of interest to compare the results from the larger
spiral galaxies to the dwarf galaxies in order to see if there are significant differences
between the observed radio continuum properties. Similar to the dwarf galaxy project,
we would require a large number of radio continuum observations spanning a large
range of radio frequencies to reliably separate the thermal and non–thermal emission
components. Again a large number of these observations have already been taken,
which we summarise in Table 6.2. In addition to the VLA observations, we also have
access to low–frequency LOFAR data for a couple of the larger spirals, enabling the
study of free–free absorption and CRe escape on a resolved basis in these systems.
TABLE 6.2: available Observations of the Larger Spirals from VLA projects 16B–224
and 17B–121.
Galaxy A–Array B–Array C–Array D–Array LOFAR?
NGC925 PLS L SC LSC ✗
NGC2403 PLS L SC LSC ✓
NGC6946 PLS L SC LSC ✓
NGC7793 L S L SC LSC LSC ✗
Note: The columns correspond to the various VLA array configurations and the final
column corresponds to whether LOFAR observations are available for the galaxy. The
letters correspond to the observed wavebands. P corresponds to 330MHz, L
corresponds to 1.5GHz, S corresponds to 3.0GHz and C corresponds to 5.0GHz. The
LOFAR observations are taken at 150MHz.
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6.4 Analysing the Low–Frequency Behaviour for a Large Sam-
ple of Nearby Star–Forming Galaxies
Recently, Chyz˙y et al. (2018) demonstrated that free–free absorption does appear to sig-
nificantly alter the observed low–frequency radio continuum properties of a sample of
nearby star–forming galaxies, and showed statistically that the low frequency (50MHz
– 1.5GHz) radio spectral indices of star–forming galaxies are flatter than those mea-
sured at higher frequencies (1.3GHz – 5.0GHz). The observed low–frequency spec-
tral indices (αlow = −0.57± 0.01) are reasonably close to the injection index from SNR
(Green, 2014), yet the range over which this spectral index is calculated is too broad to
directly confirm this to be the case.
To more directly confirm that the low–frequency radio continuum spectra from star–
forming galaxies tends towards the injection index (or that other loss processes are
important at these low–frequencies, such as ionisation losses), one would need to com-
pare the low–frequency spectral indices over smaller frequency intervals. These spec-
tral indices could be recovered from ongoing or already existing large area sky surveys
such as the LOFAR Two–metre Sky Survey (LoTSS; Shimwell et al., 2017) at 150MHz,
the Westerbork Northern Sky Survey (WENSS; Rengelink et al., 1997) at 330MHz and
the NRAO VLA Sky Survey (NVSS; Condon et al., 1998) at 1.4GHz. With the larger
sample sizes from these surveys we can constrain the importance of free–free absorp-
tion across galaxy type and inclination and confirm whether or not the low–frequency
radio continuum spectrum reflects the CRe injection index from SN explosions.
Appendix A
The Lorentz Transformations And
Their Applications
A.1 The Lorentz Transformations
The following largely follows the discussion of the Lorentz transformations from Ry-
bicki and Lightman (1979). The Lorentz transformations between a stationary reference
frame (with space–time coordinates: t,x,y,z) and a reference frame moving with con-
stant velocity, v (with corresponding space–time coordinates: t ′,x′,y′,z′) are defined as:
t ′ = γ
(
t− vx
c2
)
x′ = γ(x− vt)
y′ = y
z′ = z, (A.1)
where γ is the Lorentz factor, defined as:
γ =
1√
1− ( v
c
)2 = 1√1−β 2 . (A.2)
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The corresponding inverse transformations are given by:
t = γ
(
t ′+
vx′
c2
)
x = γ(x′+ vt)
y = y′
z = z′. (A.3)
The Lorentz transformations apply to any set of physical quantities that make up a four
vector. Another four vector consists of Energy, E, and momentum, p. Thus the Lorentz
transformations in this case can be written as:
E ′ = γ(E−β pxc)
p′xc = γ(pxc−βE)
p′yc = pyc
p′zc = pzc, (A.4)
with corresponding inverse transformations given by:
E = γ(E ′+β p′xc)
pxc = γ(p
′
xc+βE
′)
pyc = p
′
yc
pzc = p
′
zc. (A.5)
All of the results derived using the Lorentz transformations can equivalently be used
for another four vector (by simply substituting in the desired quantities).
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A.2 Time Dilation
From the Lorentz transformations, we can derive how the period of time measured
in a moving (primed) reference frame differs from a stationary (non primed) reference
frame. To do this, we assume that a time difference is measured in the moving reference
frame, ∆t ′ = t ′2− t ′1, at a constant position, x′2 = x′1. From the Lorentz transformations:
∆t ′ = γ
(
t2− v
c2
x2
)
− γ
(
t1− v
c2
x1
)
= γ
(
∆t− v
c2
(x2− x1)
)
. (A.6)
as x2 6= x1, we need to again apply the Lorentz transformations to x2 and x1:
x2− x1 = γ(x′2 + vt ′2)− γ(x′1 + vt ′1) = γ v∆t ′. (A.7)
Substituting Equation A.7 into A.6, we find:
∆t ′ = γ
(
∆t− γ v
2
c2
∆t ′
)
, (A.8)
which can be re–arranged to find:
(
1+ γ2
v2
c2
)
∆t ′ = γ ∆t. (A.9)
As
(
1+ γ2 v
2
c2
)
= γ2:
∆t = γ ∆t ′, (A.10)
i.e., observers in the moving (primed) reference frame will always measure shorter
times than those in the stationary (non primed) reference frame. This effect is symmet-
rical as both observers would argue the other is experiencing time differently.
A.3 Velocity Transformations
If an object has a velocity u′ in the moving (primed) frame, the velocity components in
the stationary frame can be found through:
ux =
dx
dt
=
dx
dt ′
dt ′
dt
=
u′x + v
(1+ β
c
u′x)
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uy =
dy
dt
=
dy
dt ′
dt ′
dt
=
u′y
γ(1+ β
c
u′x)
uz =
dy
dt
=
dz
dt ′
dt ′
dt
=
u′z
γ(1+ β
c
u′x)
. (A.11)
It is useful to write the velocity transformation equations in terms of the components
parallel and perpendicular to the direction of the frames velocity, u‖ and u⊥:
u‖ = ucos(θ) =
u′ cos(θ ′)+ v
(1+ β
c
u′ cos(θ ′))
u⊥ = ucos(θ) =
u′ sin(θ ′)
γ(1+ β
c
u′ cos(θ ′))
(A.12)
where θ ′ is the angle between the direction of the object’s movement and the reference
frames movement in the moving frame, and θ is the angle in the stationary frame. It
should be noted that as these results are symmetric about θ = 0, the azimuthal compo-
nent φ does not change. In the special case that c = u′ = u, then the velocity addition
equations change to:
cos(θ) =
cos(θ ′)+β
1+β cos(θ ′)
sin(θ) =
sin(θ ′)
γ(1+β cos(θ ′))
. (A.13)
A.4 Acceleration Transformations
If the object is instead accelerating in the moving (primed) reference frame, the acceler-
ation components in the stationary frame can be found through:
ax =
dux
dt
=
dux
dt ′
dt ′
dt
=
a′x
γ3(1+ β
c
u′x)3
ay =
duy
dt
=
duy
dt ′
dt ′
dt
=
a′y
(
1+ β
c
u′x
)
− β
c
u′y a′x
γ2
(
1+ β
c
u′x
)3
az =
duz
dt
=
duz
dt ′
dt ′
dt
=
a′z
(
1+ β
c
u′x
)
− β
c
u′z a′x
γ2
(
1+ β
c
u′x
)3 . (A.14)
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Similarly to the velocity transformations, we can express the acceleration components
in terms of the parallel and perpendicular components, a‖ and a⊥:
a‖ =
a′‖
γ3
(
1+ β
c
u′‖
)3
a⊥ =
a′⊥
(
1+ β
c
u′‖
)
− β
c
u′⊥ a
′
‖
γ2
(
1+ β
c
u′‖
)3 . (A.15)
For the special case that the object is instantaneously at rest in the moving (primed)
frame of reference (u′‖ = u
′
⊥ = 0), we find:
a‖ =
a′‖
γ3
a⊥ =
a′⊥
γ2
. (A.16)
A.5 The Angular Distribution Of Power From A Relativistic
Charge
Using the above results, we can derive how the power emitted from a charged particle
moving at relativistic speeds is seen by a stationary observer. We first note that in the
moving frame, the charged particle emits its power in a dipole pattern:
dE ′
dt ′dΩ′
=
Z2e2
16pi2ε0c3
|a′|2 sin2(ψ ′), (A.17)
where ψ is taken from the direction of acceleration. To obtain the desired result, we
need to transform the emitted power pattern to that observed in the stationary frame.
This task is simple if we consider each of the primed quantities individually.
The first quantity we consider is the dE ′ in the numerator of the differential. We can
obtain the transformation to the observed frame by considering the Lorentz transfor-
mations in Equations A.4:
E ′ = γ(E +β pxc). (A.18)
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FIGURE A.1: Diagram illustrating the geometry for the Doppler effect.
The momentum in the x–direction can be written in terms of the total momentum
through px = p cos(θ):
E ′ = γ(E +β p cos(θ)c). (A.19)
After noting that E = pc, we differentiate A.19 with respect to E, we find:
dE ′
dE
= γ(1+β cos(θ)). (A.20)
Therefore, the energy increment in the moving frame is related to the energy increment
in the stationary frame through:
dE ′ = γ(1+β cos(θ))dE. (A.21)
The next quantity we consider is the dt ′ in the denominator of the differential. The
transformation for this quantity can be found by considering the relativistic Doppler
effect. Consider an object that is traveling along a path at a constant velocity, v (see
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Figure A.1). At positions 1 and 2, the particle emits a pulse of light which is detected
by an observer. According to an observer perpendicular to the object’s motion, the
time between pulses is T . At an angle θ , the Doppler effect modifies the observed time
between pulses to:
Tobs = T − d
c
= T −T v
c
cos(θ) = T (1−β cos(θ)). (A.22)
The time between pulses according to the particle is T ′, which is related to the time
between pulses by the stationary observer (with no Doppler effect) through the time
dilation equation:
T = γT ′. (A.23)
Therefore:
Tobs = γ(1−β cos(θ))T ′. (A.24)
We obtain the desired transformation by differentiating Equation A.24 with respect to
T ′ and re–arranging the result:
dt ′ =
1
γ(1−β cos(θ)) dt. (A.25)
Next we consider the transformation of dΩ′ in the denominator of the differential. If
we let µ = cos(θ) and µ ′ = cos(θ ′):
dΩ = sin(θ)dθ dφ = dµ d φ ,
dΩ′ = sin(θ ′)dθ ′ dφ ′ = dµ ′ d φ ′. (A.26)
From Equation A.13, we find:
µ ′ =
µ−β
1−β µ , (A.27)
which, differentiated with respect to µ yields:
dµ ′
dµ
=
1
γ2(1−β µ)2 . (A.28)
As dφ = dφ ′:
dΩ′ =
dΩ
γ2(1−β µ)2 =
dΩ
γ2(1−β cos(θ))2 . (A.29)
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Bringing Equations A.21, A.25 and A.29 together, we find:
dE
dt dΩ
=
1
γ4(1−β cos(θ))4
dE ′
dt ′ dΩ′
. (A.30)
We now explore two scenarios for the direction of the acceleration, the case where it is
parallel to the direction of motion of the moving frame, and the case where it is perpen-
dicular to the direction of motion of the moving frame. In the case where it is parallel,
we find that ψ ′ = θ ′, and |a′|2 = γ6 |a‖|2. After applying the angle transformations given
in Equation A.13 we find:
dE
dt dΩ
=
Z2e2|a‖|2
16pi2ε0c3
sin2(θ)
(1−β cos(θ))6 . (A.31)
For the perpendicular case, we can relate ψ ′ to θ ′ and φ ′ by taking the dot product of the
direction of acceleration (assumed to be in [θ ′ = pi
2
,φ ′ = 0]) with the direction of radia-
tion. We find cos(ψ ′) = sin(θ ′)cos(φ ′), which gives rise to sin2(ψ ′) = 1− sin2(θ ′)cos2(φ ′).
As |a′|2 = γ4 |a‖|2, we find:
dE
dt dΩ
=
Z2e2|a⊥|2
16pi2ε0c3
1
(1−β cos(θ))4
[
1− sin
2(θ) cos2(φ)
γ2(1−β cos(θ))2
]
. (A.32)
We plot Equations A.31 and A.32 in Figure A.2.
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FIGURE A.2: Diagrams showing the power patterns from a relativistically moving charge. The diagrams on the left are in the charge reference
frame, and the diagrams on the right are for a stationary observer. The solid black line corresponds to the direction of acceleration that is producing
the observed radiation. In the right panels, the charged particle is traveling at velocity, v = 0.5c towards θ = 0◦. The top panels correspond to case
where the acceleration is parallel to the direction of motion (Equation A.31) and the bottom panels correspond to case where the acceleration is
perpendicular to the direction of motion (Equation A.32).
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